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Figure 1: The galaxy distribution obtained from spectroscopic redshift surveys and from mock
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ABSTRACT

Context. In Λ-CDM models, galaxies are thought to grow both through continuous cold gas accretion coming from the cosmic web
and episodic merger events. The relative importance of these different mechanisms at different cosmic epochs is nevertheless not yet
understood well.
Aims. We aim to address questions related to galaxy mass assembly through major and minor wet merging processes in the redshift
range 1 < z < 2, an epoch that corresponds to the peak of cosmic star formation history. A significant fraction of Milky Way-like
galaxies are thought to have undergone an unstable clumpy phase at this early stage. We focus on the behavior of the young clumpy
disks when galaxies are undergoing gas-rich galaxy mergers.
Methods. Using the adaptive mesh-refinement code RAMSES, we build the Merging and Isolated high redshift Adaptive mesh
refinement Galaxies (MIRAGE) sample. It is composed of 20 mergers and 3 isolated idealized disks simulations, which sample disk
orientations and merger masses. Our simulations can reach a physical resolution of 7 parsecs, and include star formation, metal line
cooling, metallicity advection, and a recent physically-motivated implementation of stellar feedback that encompasses OB-type stars
radiative pressure, photo-ionization heating, and supernovae.
Results. The star formation history of isolated disks shows a stochastic star formation rate, which proceeds from the complex behavior
of the giant clumps. Our minor and major gas-rich merger simulations do not trigger starbursts, suggesting a saturation of the star
formation due to the detailed accounting of stellar feedback processes in a turbulent and clumpy interstellar medium fed by substantial
accretion from the circumgalactic medium. Our simulations are close to the normal regime of the disk-like star formation on a
Schmidt-Kennicutt diagram. The mass-size relation and its rate of evolution in the redshift range 1 < z < 2 matches observations,
suggesting that the inside-out growth mechanisms of the stellar disk do not necessarily require cold accretion.

Key words. galaxies: evolution – galaxies: formation – galaxies: high redshift – galaxies: star formation – galaxies: interactions –
methods: numerical

1. Introduction

Lambda-CDM cosmological simulations tend to show that a ma-
jor merger is at work shaping galaxy properties at high red-
shifts (Stewart et al. 2009). Although it is often set as a com-
petitor of the smooth cold gas accretion along cosmic filaments,
which is believed to be very efficient at feeding star formation
(Dekel et al. 2009a; Kereš et al. 2009b), mergers still contribute
to around a third of the baryonic mass assembly history (Brooks
et al. 2009; Dekel et al. 2009b). The pioneering work of Toomre
& Toomre (1972) first highlighted that disk galaxy mergers are
able to drive large amounts of baryons in tidal tails. Mihos &
Hernquist (1994) showed that the redistribution of gas can fuel
star formation enhancement in the core of the remnants. Further-
more, stars during a merger event are gravitationally heated and
can form spheroids (Barnes & Hernquist 1996; Mihos & Hern-
quist 1996), underlining a convincing link between the late-type
and early-type galaxies of the Hubble sequence. Boxy slowly ro-
tating ellipticals, however, probably formed at much higher red-
shifts through multiple minor mergers or in-situ star formation
(Oser et al. 2010; Feldmann et al. 2010; Johansson et al. 2012).

The study of stars and gas kinematics is a good way to de-
tect signatures of merger in the recent history of galaxies (Barnes
2002; Arribas & Colina 2003; Bois et al. 2011), and allows con-
straining the role of mergers in galaxy mass assembly. The past
decade has seen the first resolved observations of galaxies in the
redshift range 0.5 < z < 3 using integral fields unit spectro-
graphs (IFU) (Yang et al. 2008; Förster Schreiber et al. 2009;
Law et al. 2009; Gnerucci et al. 2011; Contini et al. 2012), where
a peak is observed in the cosmic star formation history. This
peak located around z ⇠ 2 (Hopkins & Beacom 2006; Yang
et al. 2008) could arise from intense merger activity, since it
is an efficient mechanism for producing starbursts in the local
Universe. Shapiro et al. (2008) did a kinematical analysis of the
high-z IFU SINS sample to determine the fraction of mergers.
To calibrate this analysis, a set of local observations (Chemin
et al. 2006; Daigle et al. 2006; Hernandez et al. 2005), hydro-
dynamical cosmological simulations (Naab et al. 2007), and toy
models (Förster Schreiber et al. 2006) were used. The halos in
the Naab et al. (2007) cosmological simulations were selected to
host a merger around z = 2. Although the baryon accretion his-

Article number, page 1 of 17



A&A proofs: manuscript no. publisher

tory makes these simulations credible in terms of cosmological
mass assembly, the resulting low number of halos could be con-
sidered as insufficient at statistically detecting various merger
signatures.

The GalMer database (Chilingarian et al. 2010) favors a sta-
tistical approach with hundreds of idealized merger simulations,
which are probing the orbital configurations. GalMer is relevant
for studying such merger signatures at low redshift (Di Matteo
et al. 2008); however, the low gas fractions makes the compar-
ison with high redshift galaxies impossible. Additionally, sim-
ulating the interstellar medium (ISM) of high redshift galaxies
requires correctly resolving the high redshift disk scaleheights,
which can otherwise artificially prevent the expected Jeans insta-
bilities. Indeed, it is now commonly accepted that high redshift
disks are naturally subject to such instabilities (Elmegreen et al.
2009, 2007). The high gas fractions at z > 1 (Daddi et al. 2010a;
Tacconi et al. 2010) are strongly suspected of driving violent in-
stabilities that fragment the disks into large star-forming clumps
(Bournaud et al. 2008) and generate turbulent velocity disper-
sions (e.g., Epinat et al. 2012; Tacconi et al. 2008). Therefore,
the canonical image of smooth extended tidal tails falling onto
the merger remnant cannot be valid in the context of gas-rich
interactions (Bournaud et al. 2011).

The ability to form such clumps is important to understand
the complex behavior of high redshift galaxies, but it is also es-
sential to prevent the overconsumption of gas expected at these
very high gas densities from the classical Schmidt law. To match
the Kennicutt-Schmidt (KS) relation (Kennicutt 1998) and to
have acceptable gas consumption timescales, an efficient stel-
lar feedback is required to deplete the gas reservoir of the star-
forming regions. Indeed, cosmological simulations with weak or
no feedback models produce galaxies with too many baryons
in the galactic plane (Kereš et al. 2009a) when compared to
the abundance-matching techniques (Guo et al. 2010). The con-
straints on the intergalactic medium (IGM) metal enrichment
also imply that baryons entered galaxies at some points and un-
derwent star formation (Aguirre et al. 2001). It has been demon-
strated that scaling supernovae stellar winds in cosmological
simulations to the inverse of the mass of the host galaxy pro-
duces models in reasonable agreement with the local mass func-
tion (Oppenheimer et al. 2010). It is therefore essential to con-
strain the parameters controlling the stellar feedback processes
in order to better understand the scenarios of galaxy evolution.

To get insight into the various processes of galaxy mass as-
sembly, such as mergers, the Mass Assembly Survey with SIN-
FONI in VVDS (MASSIV, Contini et al. 2012) aims to probe
the kinematical and chemical properties of a significant and rep-
resentative sample of high redshift (0.9 < z < 1.8), star-forming
galaxies. Observed with the SINFONI integral-field spectro-
graph at the VLT and built upon a simple selection function, the
MASSIV sample provides a set of 84 representatives of normal
star-forming galaxies with star formation rates ranging from 5
to 400 M⊙.yr−1 in the stellar mass regime 109 − 1011M⊙. Com-
pared to other existing high-z IFU surveys, the main advantages
of the MASSIV sample are its representativeness since it is flux-
selected from the magnitude-limited VVDS survey (Le Fèvre
et al. 2005) and its size, which allows probing different mass and
star formation rate (SFR) ranges, while keeping enough statis-
tics in each category. Together with the size of the sample, the
spatially-resolved data therefore allows galaxy kinematics and
chemical properties to be discussed across the full mass and SFR
ranges of the survey to derive robust conclusions for galaxy mass
assembly on cosmological timescales. By studying strong kine-
matic signatures of merging and detecting pairs in the first-epoch

MASSIV, Epinat et al. (2012) have shown that the fraction of in-
teracting galaxies is up to at least one third of the sample and
that more than a third of the galaxies are non-rotating objects. In
addition, there are more non-rotating objects in mergers than in
isolated galaxies. This suggests that a significant number of iso-
lated non-rotating objects could be mergers in a transient state
in which the gas is not dynamically stable. Furthermore, based
on the whole MASSIV sample, López-Sanjuan et al. (2013) find
a gas-rich major merger fraction of ⇠20% in the redshift range
1 < z < 1.8 and a gas-rich major merger rate of ⇠0.12. Quan-
tification of the kinematical signatures of interacting galaxies
and mergers and the understanding of the high fraction of non-
rotating systems, the existence of inverse metallicity gradient in
some disks (Queyrel et al. 2012), and more generally, a compre-
hensive view of the process of formation of turbulent and clumpy
gaseous galaxy disks, has motivated building a set of simulations
of merging galaxies in the redshift range probed with MASSIV,
i.e. the Merging and Isolated high redshift Adaptive mesh refine-
ment Galaxies (MIRAGE) simulations.

We describe, a set of 20 idealized galaxy mergers and three
isolated disks using adaptive mesh refinement (AMR) simula-
tions with a physically motivated implementation of stellar feed-
back1. This paper focuses on presenting of the MIRAGE sample,
the numerical technique employed, and the physical properties
deduced. The analysis is extended in a companion paper Bour-
naud et al. (2013) that presents a study of the clumps properties
in the three isolated disk simulations of the MIRAGE sample.
The paper is organized as follows. In section 2, we describe the
numerical technique used to build our simulation sample. In sec-
tion 3, we specifically describe the idealized initial conditions
generation. For this purpose we introduce the new public code
DICE and summarize the different numerical techniques used
to generate stable galaxies models. Section 4 reviews the MI-
RAGE sample definition of galactic models and orbital parame-
ters. Section 5 describes the global properties of the sample. For
each simulation, we present the star formation histories, the disk
scalelengths evolution, and their position on the KS relation.

2. Simulations

We ran a set of idealized AMR high redshift galaxy simulations.
The sample encompasses 20 major and minor galaxy mergers
and three isolated disks, with a high gas fraction (>50%) typical
of 1 < z < 2 galaxies (Daddi et al. 2010a), evolved over 800
Myr. In this work, we choose to balance the available computa-
tional time between high-resolution and statistical sampling of
the orbital parameters to provide new insight into the galactic
mass assembly paradigm.

2.1. Numerical technique

To build our numerical merger sample, we use the AMR code
RAMSES (Teyssier 2002). The time integration of the dark mat-
ter and the stellar component is performed using a particle-mesh
(PM) solver, while the gas component evolution is insured by a
second-order Godunov integration scheme. The code has proven
its ability to model the complexity of interstellar gas on vari-
ous galaxies simulations (e.g., Dubois & Teyssier 2008; Teyssier
et al. 2013). The computational domain of our simulations is a
cube with a side lbox=240 kpc, and the coarsest level of the AMR

1 Movies of the simulations of the present paper are available at:
http://www.youtube.com/playlist?list=PL_

oPMhue14ZSyxcuFiJrUXI-6ej8Q7rv7
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grid is `min = 7, which corresponds to a cartesian grid with (27)3

elements and with a cell size of ∆x = 1.88 kpc. The finest AMR
cells reach the level `max = 15, where the cell size corresponds
to ∆x = 7.3 pc. The grid resolution is adapted at each coarse
time step between the low refinement (`min = 7) and the high re-
finement levels (`max = 15). Each AMR cell is divided into eight
new cells if at least one of the following assertions is true: (i)
it contains a gas mass greater than 1.5 ⇥ 104M⊙, (ii) it contains
more than 25 particles (dark matter or stars), or (iii) the local
Jeans length is less than four times the current cell size. This
quasi-Lagrangian refinement scheme is comparable to the one
introduced in Teyssier et al. (2010) and Bournaud et al. (2010).

The star formation is modeled with a Schmidt law triggered
when the density ⇢gas overcomes the threshold ⇢0=100 cm−3,
with an efficiency ✏?=1%:

⇢̇? =

8

>

>

>

<

>

>

>

:

0 if ⇢gas < ⇢0

0 if T > 2 ⇥ 105K
✏?⇢gas/t f f else,

(1)

where ⇢̇? is the local SFR, t f f =
p

3⇡/(32G⇢gas) is the free-fall
time computed at the gas density ⇢gas, and T is the temperature
of the cell considered. AMR cells with temperature greater than
2 ⇥ 105K are not allowed to form stars.

The gravitational potential is computed using a PM scheme
with a maximum level `max,part = 13 for the grid, which ensures
gravitational softening of at least 29 pc for Lagrangian parti-
cles. This choice prevents a low number of dark matter particles
per cell, often synonymous with N-body relaxation. We use a
thermodynamical model modeling gas cooling provided by the
detailed balance between atomic fine structure cooling and UV
radiation heating from a standard cosmic radiation background
by using tabulated cooling and heating rates from Courty & Al-
imi (2004). In this model, the gas metallicity acts like a scale
factor on the cooling rate.

The gas is forced to stay within a specific area in the density-
temperature diagram to prevent multiple numerical artifacts (see
Fig. 1):

– In the low IGM density regime (⇢ < 10−3 cm−3), we ensure a
gravo-thermal equilibrium for the gas by introducing a tem-
perature floor in the halo following a gamma polytrope at
the virial temperature Tmin(⇢) = 4 ⇥ 106(⇢/10−3)2/3 K, as in
Bournaud et al. (2010).

– For densities between 10−3 cm−3< ⇢ < 0.3 cm−3, the tem-
perature floor is isothermal and set to Tmin(⇢) = T f loor. At
full resolution (i.e. `max = 15), we have T f loor = 300 K. The

densest IGM can reach the ⇢ = 10−3cm−3 limit and can con-
dense on the gaseous disk.

– For densities above 0.3 cm−3, we use the temperature floor
Tmin(⇢) = 300⇥(⇢/0.3)−1/2 K; this choice allows us to have a
dynamical range in the thermal treatment of the gas up to 30
times colder than the slope of the thermodynamical model
used in Teyssier et al. (2010) and Bournaud et al. (2010).

– A density-dependent pressure floor is implemented to ensure
that the local Jeans length is resolved at least by nJeans = 6
cells in order to avoid numerical fragmentation, as initially
proposed by Truelove et al. (1997). This Jeans polytrope acts
like a temperature floor for the very dense gas: it overcomes
the cooling regime of the temperature floor starting from
⇢ = 2.6 cm−3 when the resolution is maximum, i.e. cells
with a size of 7.3 pc. The Jeans polytrope is described by the

equation Tmin(⇢) = ⇢GmH(lboxnJeans/2
`max )2/(⇡kB

p
32), with

mH the proton mass and kB the Boltzmann constant.

– We impose a maximum temperature for the gas Tmax = 107

K. Indeed, the clumps generated by Jeans instabilities typical
of gas-rich disks (Bournaud et al. 2008) lead to regions of
low density inside the disk, where supernovae can explode.
This thermal explosion is thus able to produce sound speed
greater than 1000 km.s−1, which affects the time step in the
Godunov solver. Setting an upper limit to the temperature is
not fully conservative in terms of energy, but our choice of
Tmax ensures a viable time step and a reasonably low energy
loss. This issue typical of grid codes is handled in the same
way in the recent work of Hayward et al. (2013).

Fig. 1. Density-temperature diagram of the G1 model integrated over
800 Myr (see section 4.1 for a description of the galaxy models). The
black line represents the temperature floor described in section 2.1. Each
AMR cell contribution to the 2D histogram is weighted by its mass. M
represents the gas mass contribution to a bin in the ⇢ − T plane, color
coded on a logscale. Mtot is the total gas mass, used as a normalization
factor.

Owing to non-periodic boundary conditions applied to the
AMR box, we impose a zero density gradient in the hydrody-
namical solver at the boundaries. To avoid galaxies passing close
to the edges of the box, which could induce numerical artifacts,
this gradient is required to have sufficiently large AMR volume
to encompass the whole trajectories of both galaxies through the
simulation duration.

2.2. Feedback models

Because we do not resolve individual stars, each stellar parti-
cle models a population that contains massive OB-type stars
with masses M > 4M⊙ (Povich 2012) and which is responsi-
ble for injecting energy into the surrounding ISM. Assuming a
Salpeter (1955) initial mass function, we consider that a frac-
tion ⌘ = 20% of the mass of a stellar particle contributes to
stellar feedback, which is effective during 10 Myr after the star
particle is spawned. We use the Renaud et al. (2013) physically-
motivated model implementation for the OB-type stars feedback,
and summarize the three main recipes below.

– Photo-ionization: OB-type stars produce highly energetic
photons capable of ionizing the surrounding ISM. Using a
simple model for the luminosity of the star, the radius of the
Strömgren (1939) sphere is computed according to the mean
density of electrons ne. The gas temperature inside the HII
regions is replaced by an isothermal branch at THII = 104 K.
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The radius of the HII sphere is computed via the equation:

RHII =
3

4⇡

L⇤

n2
e↵r

, (2)

where L⇤ is the time-dependent luminosity of the star in
terms of ionizing photons, and ↵r is the effective recombi-
nation rate.

– Radiative pressure: Inside each HII bubble, a kinetic momen-
tum ∆v is distributed as a radial velocity kick over the time
interval ∆t, matching the time step of the coarsest level of
the simulation. This velocity kick is computed using ionizing
photons momentum, which is considered to be transferred to
the gas being ionized, i.e. the gas within the radius RHII of
the Strömgren sphere:

∆v = k
L⇤h⌫

MHIIvc

∆t, (3)

with h the Planck constant, vc the speed of light, MHII the
gas mass of the bubble affected by the kick, and ⌫ the fre-
quency of the flux representative of the most energetic part
of the spectrum of the ionizing source. In this model, it is
considered that Lyman-↵ photons dominate this spectrum,
implying ⌫ = 2.45 ⇥ 1015 s−1. The distribution of the mo-
mentum carried by ionizing photons is modeled by the trap-
ping parameter k = 5, which basically counts the number
of diffusion per ionizing photon and energy loss. This value
may appear to be rather high compared to recent works (e.g.,
Krumholz & Thompson 2012), but is more acceptable once
considered that we miss other sources of momentum such as
protostellar jets and stellar winds (Dekel & Krumholz 2013).

– Supernova explosions: We follow the implementation of su-
pernova feedback of Dubois & Teyssier (2008): the OB-type
star population that reaches 10 Myr transforms into super-
novae (SNe) and releases energy, mass, and metals into the
nearest gas cell. The gas that surrounds the supernovae re-
ceives a fraction ⌘ = 20% of the stellar particle mass, as well
as a specific energy ESN = 2 ⇥ 1051 ergs/10M⊙, which is the
product of the thermo-nuclear reactions. The energy injected
by each SN is higher by a factor of two compared to some
other works (e.g., Teyssier et al. 2013; Dubois et al. 2012),
but simulations of individual type II SN releasing such en-
ergy could be frequent in the early Universe (Joggerst et al.
2010). Moreover, the use of an IMF with a lower statistical
contribution of low mass stars would imply higher values for
⌘ (e.g. ⌘ ' 35% for Kroupa 2001 IMF), which balances our
choice of a high value for ESN. Each supernovae event also
releases into the surrounding ISM metals derived form the
nucleosynthesis following the equation

Z = y + (1 − y)Zini, (4)

with Z the mass fraction of metals in the gas, Zini the initial
metal fraction of the supernova host, and y the yield that is
set to y = 0.1, as in Dubois et al. (2012).
To account for non-thermal processes due to gas turbulence
on subparsec scales, we follow the revised feedback prescrip-
tions of Teyssier et al. (2013). The numerical implementation
is similar to introducing a delayed cooling in the Sedov blast
wave solution. At each coarse time step, the fraction of gas
released by SNe in AMR cells is evaluated in a passively ad-
vected scalar; the gas metal line cooling is switched off as

long as

me jecta

m
> 10−3, (5)

with m the gas mass of the cell, and me jecta the total mass
of the gas ejected by SNe in the same cell. To model the
turbulence dissipation, the mass of gas contributing to the
Sedov blast wave is lowered by a factor γ at each coarse time
step following

γ = exp

 

−dtcool

tdissip

!

, (6)

with dtcool the cooling time step, and tdissip a typical timescale
for the turbulence induced by the detonation. The dissipation
timescale for the unresolved subgrid turbulent structures is
the crossing time (Mac Low 1999), i.e the ratio of the numer-
ical resolution over the velocity dispersion. Since our simula-
tions are able to resolve structures down to 7 pc, we presume
that the non-thermal velocity dispersion in the smallest AMR
cells is close to 5 km.s−1, which is a typical supersonic speed
in regions of star formation with gas temperatures below 103

K (Hennebelle & Falgarone 2012). Under these assumptions,
we set tdissip =2 Myr.

Our feedback model does not assume the systematic destruc-
tion of the clumps by the star formation bursts following their
formation, unlike what is done in some other works (e.g., Hop-
kins et al. 2013; Genel et al. 2012). Smaller clumps are subject
to disruption, but larger clumps may survive such thermal energy
injection. This model clearly favors the scenario of long-lived
star-forming clumps, which we aim to address in this study.

3. DICE: a new environment for building disk initial

conditions

The initial conditions of the MIRAGE sample are constructed
using software developed for the purpose of the task, named
disk initial conditions environment (DICE). DICE is an imple-
mentation of the numerical methods described in Springel et al.
(2005a). It is able to set up multiple idealized galaxies in a user
friendly context. The software is open source and available on-
line2.

3.1. Density distributions

DICE initial conditions are generated using Lagragian particles
whose distributions are built using a Metropolis-Hasting Monte-
Carlo Markov Chain algorithm (Metropolis et al. 1953). The
strength of this algorithm lies in its ability to build a distribution
for a sample of Lagrangian particles having only the knowledge
of the probability distribution function. After having initialized
the first Lagrangian particles of each component (disk, bulge,
gas, halo, etc.) to a probable location, the algorithm loops over
the desired number of Lagrangian particles and iteratively pro-
duces a candidate position for each of them. The probability of
setting a Lagrangian particle to the randomly picked candidate
cartesian position x0 depends on the cartesian position x of the
previous particle in the loop, and is written as

↵(x, x0) = min

 

1,
⇢(x)P(x, x0)

⇢(x0)P(x0, x)

!

, (7)

2 http://code.google.com/p/dice-project/

Article number, page 4 of 17



V. Perret et al.: Evolution of the mass, size, and star formation rate in high redshift merging galaxies

with ⇢(x) the density function of the considered component at
the position x, and P(x, x0) the probability of placing the particle
at x0 considering the position x of the previous particle. Indeed,
our implementation uses a Gaussian walk, meaning that the can-
didate coordinates are generated using the rule

x0 = x + σW, (8)

where W is a standard Gaussian random variable, and σ a dis-
persion factor tuned to a fixed fraction of the targeted scalelength
of the component to build, ensuring satisfying convergence. For
each particle, a uniform random value ⌧ 2 [0, 1] is picked, and
the position of the Lagrangian particle is set to x0 if ⌧  ↵and
to x, otherwise. The first 5% of the iterations to build the dis-
tribution are not taken into account because they are considered
as a “burning period” to account for any eventual poor choice of
initial values.

To fit the system in the finite AMR domain, we cut the den-
sity profiles of all the components. We apply these cuts using an
exponential truncation profile at the edges of each component,
in order to prevent strong discontinuities nearly the cut region,
which would make the numerical differentiation quite unstable.
The scalelength of the exponential truncation profile is set to be
one percent of the gas disk scaleheight.

3.2. Gravitational potential

To set up the velocities in our initial conditions, we compute the
gravitational potential using a PM technique. We first interpolate
the densities of all the components onto a cartesian grid using a
cloud-in-cell scheme. We compute the gravitational potential Φ
by solving the Poisson equation:

Φ(x) =

Z

G(x, x0)4⇡⇢(x0)d3x0 , (9)

whereG is the Green function, and ⇢ is the density function of all
the mass components interpolated on the cartesian grid. We com-
pute this integral by performing a simple product on the Fourier
plane, which is equivalent to a convolution in the real plane. We
eliminate the periodicity associated to the fast Fourier transform
algorithm using the zero-padding technique described in Hock-
ney & Eastwood (1988).

3.3. Velocities

To fully describe our system, we assume that the mean radial and
vertical velocities hvri and hvzi are equal to zero. The velocities
of each Lagrangian particle are determined by integrating the
Jeans equations (Binney et al. 2009), assuming that the velocity
distribution is shaped as a tri-axial Gaussian. For the dark matter
halo and the stellar bulge, we numerically solve the equations

hv2
z i = hv2

r i =
1

⇢

Z 1

z

⇢(r, z0)
@Φ

@z0
dz0 , (10)

hv2
φi = hv2

r i +
r

⇢

@
⇣

⇢hv2
r i
⌘

@r
+ r

@Φ

@r
. (11)

The velocity dispersion can thus be computed using the relation

σ2
φ = hv2

φi − hvφi2 . (12)

The dark matter halo is generally described with an angular mo-
mentum that is not specified by the Jeans equations. The stream-
ing component is set to be a low fraction fs of the circular ve-
locity: i.e., hvφi = fsvc. The fraction fs depends on the halo spin
parameter λ and the halo concentration parameter c (Springel &
White 1999), which are used as input parameters in our imple-
mentation.

For the stellar disk, we choose to use the axisymmetric drift
approximation (Binney et al. 2009), which allows fast computa-
tion, although we caution against the risk of using this approxi-
mation with thick and dispersion supported disks3. This approx-
imation relates the radial Gaussian dispersion to the azimuthal
one:

σ2
φ =

σ2
r

⌘2
, (13)

with
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. (14)

The Toomre parameter for the stellar disk is written as

Qstars =
σz

3.36GΣstars

, (15)

where  is the so-called epicyclic frequency, and Σstars is the sur-
face density of the stellar disk. It is used to control the stabil-
ity of the stellar disk by setting a minimum value for the ve-
locity dispersion σz which prevents the local Toomre parameter
from going below a given limit of 1.5 in the initial conditions
of our simulations, although this parametrization cannot prevent
the natural fragmentation of the gaseous disk at later stages.

The only component to specify for the gas is the azimuthal
streaming velocity, derived from the Euler equation:

hvφ,gasi = r
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@r
+

1

⇢gas

@P

@r

!

, (16)

where P is the gas pressure.

3.4. Keplerian trajectories

DICE is also able to set up the Keplerian trajectories of two
galaxies involved in an encounter. Using the reduced particle ap-
proach, we can setup the position of the two galaxies with only
three input parameters: (i) the initial distance between the two
galaxies rini; (ii) the pericentral distance, rperi i.e. the distance
between the two galaxies when they reach the periapsis of the
Keplerian orbit; (iii) the eccentricity of the trajectories, which
are equal for both of the galaxies. The position of the barycenter
of each galaxy in the orbital plane can be expressed in cartesian
coordinates as

x1 = r1 cos( 1) , y1 = r1 sin( 1) ,

x2 = −r2 cos( 2) , y2 = −r2 sin( 2) ,
(17)

3 The axisymmetric drift approximation is valid for relatively thin
disks. Using this approximation for thicker disks supported by veloc-
ity dispersions might generate relaxation effects that would make the
initial conditions unstable.
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with  1 and  2 the true anomaly of the first and second galaxy,
respectively. The cartesian velocities vx, vy of the two galaxies in
the orbital plane are computed using

vx,1 = k1

q

γ

L sin( 1) , vy,1 = −k1

q

γ

L
⇥

e + cos( 1)
⇤

,

vx,2 = −k2

q

γ

L sin( 2) , vy,2 = k2

q

γ

L
⇥

e + cos( 2)
⇤

,

(18)

with ki the mass fraction of the i−galaxy compared to the total
mass of the system, γ the standard gravitational parameter,L the
semi-latus rectum of the reduced particle of the system, and e the
eccentricity of the orbits. With these definitions, it is possible to
set trajectories for any eccentricity. This parametrization holds
for point-mass particles, while galaxies are extended objects that
undergo dynamical friction. The galaxies quickly deviates from
their initial trajectories because of the transfer of orbital energy
towards the energy of each galaxy, which can lead to coales-
cence.

4. Sample definition

4.1. Galaxy models

The different parameters of our disk initial conditions are sum-
marized in Table 1. We set up three idealized galaxy models
based on the MASSIV sample stellar mass histogram (Contini
et al. 2012). The choice of the initial stellar masses of our simu-
lations was made in order to sample this histogram with all the
available snapshots, i.e. in the redshift range 1 < z < 2. We
chose to build our sample out of three disk models with the re-
spective stellar masses: log(M?/M⊙) = 9.8 for our low mass
disk, log(M?/M⊙) = 10.2 for our intermediate mass disk, and
log(M?/M⊙) = 10.6 for our high mass disk. All of our models
have a stellar disk and a gaseous disk with an initial gas fraction
fg=65%. The stellar density profile is written as

⇢stars(r, z) =
Mstars

2⇡h2
stars

exp

 

− r

rstars

!

exp

 

− z

hstars

!

, (19)

with rstars the scalelength of the stellar disk, hstars the scaleheight
of the stellar disk, and Mstars is the uncut stellar disk mass. We
use the exact same exponential profile to set up the gaseous disk,
with scalelengths 1.68 times shorter than the stellar counterpart
as measured in the MASSIV sample data (Vergani et al. 2012).
We initialize the metallicity in the gas cells modeling the ISM of
the disks following an exponential profile to be consistent with
the previous prescriptions:

Z(r) = Zcore exp

 

− r

rmetal

!

. (20)

We choose to have negative initial metallicity gradients, with val-
ues of rmetal equal to the gaseous disk scalelength. The fraction
of metals in the center Z(r = 0) = Zcore of each model is cho-
sen to follow the mass-metallicity relation at z=2 found in Erb
et al. (2006). Such a choice combined with the exponential pro-
file provides integrated metallicities that are 50 percent lower
than the mass-metallicity relation at z = 2 for starburst galaxies,
but this choice is consistent with our aim of modeling normal
star-forming galaxies. The numerical implementation of metal-
licity treatment of the stellar particles ignores the stars present in
the initial conditions. It is therefore not required to set a metal-
licity profile for these stars.

Dark matter halos were modeled using a Hernquist (1990)
profile, with a spin parameter set close to the conservative value
with λ = 0.05 (Warren et al. 1992; Mo et al. 1998):

⇢halo(r) =
Mhalo

2⇡

a

r(r + a)3
, (21)

a = rhalo

r

2

✓

ln(1 + c) − c

1 + c

◆

, (22)

where Mhalo is the total dark matter mass, a is the halo scale-
length and rhalo the scalelength for an equivalent Navarro, Frenk,
& White (1997) halo with the same dark matter mass within r200

(Springel et al. 2005b). We can therefore define our halo with
the frequently used concentration parameter c, which is set to
a value c = 5 as measured at z ⇠ 2 in N-body cosmological
simulations (Bullock et al. 2001). We do not consider the mass
dependence of the halo concentration function to ensure that our
simulations are comparable in terms of disk instability between
each other.

Finally, a bulge enclosing 8% of the total initial stellar mass
is modeled again using a Hernquist profile, with a scalelength set
to be equal to 20% of the stellar disk scalelength.

z

x

y

orbital plane

!1

!

!2

rini rperi

ω
node

Fig. 2. Orbital geometry used in our simulation sample. Four angles de-
fine the geometry of the interaction: ✓1, ✓2, , and !. The pericentric
argument ! is defined as the angle between the line of nodes (inter-
section between the orbital plane and the galactic plane) and separation
vector at pericenter (black line). The blue/red arrows display the spin
orientation for the first/second galaxy. The blue/red curves represent the
trajectory of the first/second galaxy in the orbital plane (x,y). The cen-
ters of the two galaxies also lie in the orbital plane. The darkest parts of
the disks lie under the orbital plane.

4.2. Orbital parameters

The MIRAGE sample is designed to constrain the kinematical
signatures induced by a galaxy merger on rotating gas-rich disks.
To this purpose, we built a sample that explores probable disks
orientations that are likely to produce a wide range of merger
kinematical signatures. It has been statistically demonstrated us-
ing dark matter cosmological simulations that the spin vectors
of the dark matter halos are not correlated one to the other when
considering two progenitors as Keplerian particles (Khochfar &
Burkert 2006). We use this result to assume that no spin orienta-
tion configuration is statistically favored. Our galaxy models are
placed on Keplerian orbits using ✓1 the angle between the spin
vector of the first galaxy and the orbital plane, ✓2 the angle be-
tween the spin vector of the second galaxy and the orbital plane,
and  the angle between the spin vector of the first galaxy and the
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G1 G2 G3

Virial quantities
1. log10 (Mstars [M⊙] ) 10.60 10.20 9.80
2. R200 [kpc] 99.8 73.4 54.0

3. M200 [1010 M⊙] 102.4 40.8 16.2

4. V200 [km.s−1] 210.1 154.6 113.7

Scalelengths [kpc]
5. rstars 2.28 1.62 1.15
6. rgas 3.71 2.64 1.88
7. hstars 0.46 0.32 0.23
8. hgas 0.19 0.13 0.09
9. rbulge 0.46 0.32 0.23

10. rhalo 19.95 14.68 10.80
11. rcut,stars 11.13 7.92 5.63
12. rcut,gas 11.13 1.94 1.38
13. hcut,stars 2.73 7.92 5.63
14. hcut,gas 0.56 0.40 0.28
15. rcut,bulge 2.28 1.62 1.151
16. rcut,halo 49.88 36.69 26.99
17. rmetal 3.71 2.64 1.88

Mass fractions
18. fg 0.65 0.65 0.65
19. fb 0.10 0.10 0.10
20. md 0.10 0.10 0.10

Collision-less particles [106]
21. Ndisk 2.00 0.80 0.32
22. Nhalo 2.00 0.80 0.32
23. Nbulge 0.22 0.09 0.04

Various quantities
24. Qmin 1.5 1.5 1.5
25. c 5 5 5
26. Zcore 0.705 0.599 0.479

Table 1. Physical properties of the three high redshift disk models
(G1,G2,G3). All the quantities based on the cosmology use ΩΛ = 0.7
and Ωm = 0.3 and z=2.
1. Mstars is stellar mass. 2. Virial radius (radius at which the density
of the halo reaches 200 times the critical density of the Universe). 3.
Cumulated mass at the virial radius. 4. Circular velocity at the virial ra-
dius. 5. Stellar disk scalelength. 6. Gaseous disk scalelength. 7. Stellar
disk scaleheight. 8. Gas disk scaleheight. 9. Stellar bulge scalelength.
10. Dark matter halo scalelength. 11. Stellar disk radial cut. 12. Stellar
disk azimuthal cut. 13. Gas disk radial cut. 14. Gas disk azimuthal cut.
15. Stellar bulge radial cut. 16. Dark matter halo radial cut. 17. Metal-
licity scalelength. 18. Gas fraction. 19. Stellar bulge mass fraction. 20.
Baryonic mass fraction: a mass fraction md of M200 mass is considered
to be in a disk. 21. Number of particles in stellar disk. 22. Number of
particles in dark matter halo. 23. Number of particles in stellar bulge.
24. Minimal value for the Toomre stability parameter in the initial con-
ditions. 25. Concentration parameter of the halo. 26. Fraction of metals
in the gas at the center of the galaxy in units of solar metallicity.

second one (see Fig. 2). If these angles are uncorrelated, the nor-
malized spin vectors are distributed uniformly over the surface
of a sphere. Consequently, all the spin orientations are equally
probable. If one considers a random sampling of these disk ori-
entations using a small finite solid angle, having the spin vector
coplanar to the orbital plane produces the most configurations.
Therefore, we favor configurations where we have at least one
spin vector in the orbital plane, i.e. ✓1 = 90◦ in all the configu-
rations. We specifically avoid configurations where both of the
disks are in the orbital plane because they are highly unlikely and
are subject to strong resonances that are not statistically relevant.

We assume that the fourth angle ! that orients the first galaxy
with respect to its line of node (Toomre & Toomre 1972) might
not affect the kinematics and the shape of the merger remnant
since this parameter does not affect the total angular momen-
tum of the system. Consequently, we arbitrarily chose to have
the spin vector of the first galaxy always collinear to its Keple-
rian particle velocity vector. We defined each orbit name with an
identifier referring to the angles ✓1, ✓2, and  (see Table 2).

The choice of studying a wide range of spin vector orienta-
tions was motivated by the requirement of detecting extreme sig-
natures and binding the kinematical and morphological parame-
ters of the merger remnants. However, we introduced a random
angle δ when setting up the spin vector of our galaxies, picked
using a uniform distribution introducing a ±5◦ uncertainty. This
method was implemented to prevent alignment with the AMR
grid, which could produce spurious effects. The slight misalign-
ment also increases the numerical diffusion typical of grid codes,
which in our case can help relax our initial conditions.

The pericenter distance, i.e. the distance between the two
galactic centers at the time of the closest approach along the Ke-
plerian trajectory, is chosen to be rperi = r1,cut,gas+r2,cut,gas, where
r1,cut,gas and r2,cut,gas are the cut radii of the first and the second
galaxies, respectively. This parametrization ensures that disks do
not collide on the first pericentral passage, even if the disks are
already fragmented at the pericentral time. This choice is sup-
ported by the argument that low pericentral distances are not sta-
tistically relevant because the collision cross section is directly
proportional to the value of this parameter; i.e., low pericentral
distance is less probable. By specifying one value for the specific
orbital energy of the system, one can compute the eccentricities
of the orbits. To better understand the effects of the interaction
parameters on the kinematics of our merger remnants, we set this
parameter to a fixed negative value :

E⇤ =
v2

ini

2
− G(m1 + m2)

rini

= −2.85 ⇥ 104 km2.s−2 , (23)

where E⇤ is the specific orbital energy, vini the initial relative ve-
locity of the galaxies, and rini the initial distance between the
galaxies. This negative specific orbital energy means that all of
our trajectories are elliptic (e < 1). The parameters of the Ke-
plerian orbits are listed in Table 3. We acknowledge that such
low eccentricities might not be statistically relevant (Khochfar
& Burkert 2006), but we do save computational time.

orbit label ✓1 ✓2 

90_90_90 90◦ 90◦ 90◦

90_90_0 90◦ 90◦ 0◦

90_90_180 90◦ 90◦ 180◦

90_ 0_90 90◦ 0◦ 90◦

Table 2. Orbital angles describing the four orbits studied in this paper.
We introduce a random deviation |δ| < 5◦ (not given in the table) in
our merger setup to avoid over symmetry of our simulations. The orbit
name is the concatenation of the angles ✓1, ✓2, and .

Finally, we define the initial distance between galaxies with
a conservative expression through different merger masses, us-
ing the pericenter time, i.e., the time for the galaxies to reach
the pericenter with tperi=250 Myr. The choice of the specific or-
bital energy is achieved in order to be able to set tperi to 250
Myr with elliptic orbits e < 1. Because the dynamical times of
all the models are close, this formulation ensures that the mod-
els relax synchronously before the start of the interaction (see
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Fig. 3. Maps for the G2 model after 400 Myr of evolution. From left to right: mass-weighted mean gas density, mass-weighted mean gas tempera-
ture, mass-weighted mean gas radial velocity, SDSS u/g/r mock observation built from the STARBURST99 model using stellar particles age and
mass and assuming solar metallicity, and stellar mass map. The upper line presents an edge-on view, while the bottom line displays a face-on view.

rini vini rperi e E
[kpc] [km.s−1] [kpc] [104 kg.km2.s−2]

G1_G1 68 237 21.8 0.67 -63.1
G1_G2 57 204 19.1 0.61 -38.0
G1_G3 52 183 16.8 0.59 -18.2
G2_G3 26 173 13.6 0.31 -15.1
G2_G2 36 167 15.5 0.42 -25.1

Table 3. Orbital parameters of the five configurations explored in the
MIRAGE sample. These parameters are obtained using E⇤ = −2.85⇥
104 km2.s−2 and tperi=250 Myr. rini is the initial distance between the
two galaxies, vini is the initial relative velocity of the two galaxies, rperi

is the pericenter distance, e is the eccentricity of the orbits, and E is the
orbital energy of the system.

section 5.1). Our sample encompasses 20 merger configurations
(four sets of orbital angles, five sets of orbital parameters due
to different galaxy masses), to which we add the three isolated
disk models to have a reference for secular evolution. We have
excluded the G3_G3 interaction to save computation time, since
the relative resolution on the merger remnant is coarser than any
other cases.

4.3. Environment

We aim to simulate the accretion from an idealized hot gaseous
halo surrounding the galactic disks. To this purpose, we model
the intergalactic medium (IGM) by setting an initial minimum
gas density ⇢IGM = 2.3 ⇥ 10−4cm−3 within the AMR box. The
gas present in the IGM is initialized with no velocity, so that it
collapses towards the central potential well at the free-fall ve-
locity. After a dynamical time, the gas halo reaches a state close
to a spherical hydrostatic equilibrium where the densest regions
are allowed to cool down. The zero gradient condition imposed
in the grid boundaries implies a continuous injection of pristine
gas on the boundaries of the AMR box.

5. Global evolution of physical properties

Figure 3 shows the morphology of the gas and the stars after 400
Myr of evolution along two orthogonal line-of-sight (LOS) for
the simulation G2. With the first LOS, we see the disk edge-
on, while the second LOS provides a face-on view. For each
LOS, the gas density, temperature, the morphology of the stel-
lar component through a rest-frame SDSS mock composite (ugr
bands), and the stellar mass maps are displayed. We used a pixel
of 0.396", and we projected our simulations to a luminous dis-
tance of 45 Mpc, which gives a pixel size of 0.12 kpc assuming
WMAP9 cosmological parameters values. The physical quanti-
ties computed for the gas are all mass-weighted averages along
the LOS. The stellar emission is computed using the STAR-
BURST99 model (Leitherer et al. 1999) given the age and the
mass of each particle. Unlike Hopkins et al. (2013), we chose to
neglect the dust absorption in the building of the SDSS mock
images to emphasize the stellar light distribution. Projections
misaligned with the AMR grid are always difficult to build. To
palliate this common issue, we used multiple convolutions with
smoothing kernel sizes adapted to the cell sizes.

The projections in Fig. 3 show a disk with clumps lying in
a turbulent medium. The most massive clumps reach masses of
⇠ 109M⊙ (Bournaud et al. 2013). We observe there a gaseous
disk thickened by stellar feedback. The edge-on velocity field
nevertheless shows clear ordered rotation. The clumps concen-
trate most of the stellar emission due to young stars, since they
host most of the star formation. Figure 4 further emphasizes
this highly complex behavior of the gas with substantial turbu-
lence and disk instabilities by showing the mass-weighted av-
erage density of one of the most massive merger simulation in
our sample (G1_G1_90_90_0). We observe star-forming clumps
wandering in a very turbulent ISM where the spiral structures
are continuously destroyed by the cooling induced fragmenta-
tion and the thermal energy injection from stellar feedback. The
edge-on view displays a disk thickened by the tidal torque in-
duced by the recent merger. In the appendices of this paper ,
projections similar to Fig. 3 are given for three simulations of
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Fig. 4. Face-on (top) and edge-on (bottom) mass-weighted average density maps of the gas for the G1_G1_90_90_0 simulation 280 Myr after the
coalescence (i.e., 640 Myr of evolution after the initial conditions).

the MIRAGE sample, covering the evolution up to 800 Myr, dis-
played in 11 time steps. The whole MIRAGE sample maps, con-
taining 23 figures, are available as online material.

5.1. Initial conditions relaxation

The relaxation of the disk plays a fundamental role at the begin-
ning of the simulation. The low halo concentration when com-
pared to lower redshift, combined with a high gas fraction drives
the gas disk towards an unstable state with Q < 1,even though
we start our simulation with the requirement Q > 1.5 every-
where in the stellar disks. The high cooling rates of the gas in the
initial disk allow very fast dissipation of internal energy. To pre-
vent uncontrollable relaxation that occurs rapidly, we start our
simulations with a maximum resolution of 59 pc (`max = 12)
and with a temperature floor for the gas of T = 104K (see Ta-
ble 4). To establish the turbulence smoothly afterwards, we pro-

gressively increase the resolution every 25 Myr starting from 85
Myr, until we reach a maximum resolution of 7.3 pc, and a tem-
perature floor for the gas of 300 K. This allows the disks spiral
features supported by the thermal floor to form quickly during
the first time steps. Once the resolution is increased, Jeans insta-
bilities arise and give birth to clumps of a few 108 solar masses,
which can quickly merge to form more massive ones. We ob-
serve a rapid contraction of the disks, reducing their radial size
by ⇠ 20% during the first 80 Myr (about a third of the dynamical
time), owing to the dissipation of energy by the gas component.
This ad-hoc relaxation strategy insures that the internal energy of
the gas disk dissipates gradually through cooling over 130 Myr,
and also helps us to save computational resources. The refine-
ment down to the level ` = 14 at t = 105 Myr allows reaching
densities ⇢ > ⇢0, thus enabling the formation of stars and all the
associated feedback of newly formed stars.
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Fig. 5. Evolution of the stars disk scalelength in the MIRAGE sample. Each panel traces the evolution of the scalelength for a given orbital con-
figuration, allowing a comparison between mass ratios for a given set of disk orientations at a given specific orbital energy. The measurements are
performed every 40 Myr, starting at the time of the core coalescence (400 Myr for the fastest mergers), and each curve linking these measurements
is the result of a cubic interpolation to increase the clarity of the plot. The colored lines and different symbols indicate the mass ratio of the
progenitors (given by Gi_G j, see Table 3); the label at the top right of each panel indicates the initial orientation of the disks (given by ✓1_✓2_,
see Table 2). The lower left panel is dedicated to isolated simulations. For each simulation, we indicate the growth time ⌧ expressed in Gyr, which
is the time needed for the disk/remnant to double its size starting from the closest measurement to 400 Myr.

t [Myr] `max ∆x [pc] T f loor [K]

[0, 80] 12 58.6 104

[80, 105] 13 29.3 103

[105, 130] 14 14.6 500
[130, 800] 15 7.3 300

Table 4. Refinement strategy of the high redshift disks.

5.2. Gas accretion from hot halo

As mentioned in section 4.3, the AMR box is continuously re-
plenished with metal-free gas. The very low-density component
is constrained by a gamma-polytrope, which ensures the forma-
tion of a hot stabilized halo. The central part of the halo reaches
densities above 10−3 cm−3, where the pressure support from the
gamma-polytrope ends. Thanks to metal lines cooling, the cen-
tral part of the gaseous halo can cool down and condense on the
galactic disk. We measure the accretion rates in a spherical shell
of 20 kpc (typical value of the halo scalelength in the most mas-
sive galaxy model), by detecting the metal poor gas (Z<10−3)
able to enter the sphere within a time step of 5 Myr. In Table 5
we display the mean values of these accretion rates, as well as
the mean SFR for the different masses configurations of the sam-
ple. We compare these values to theoretical predictions from the
baryonic growth rate formula found in Dekel et al. (2009a). The
theoretical values are obtained using total halo masses (without

considering radial cuts), and we assume that only two thirds of
this accretion rate can be associated to smooth gas accretion, the
remaining third being associated to mergers as observed in Dekel
et al. (2009a).

hṀgasi hSFRi Ṁth(z = 2) Ṁth(z = 1.5)

[M⊙.yr−1] [M⊙.yr−1] [M⊙.yr−1] [M⊙.yr−1]

G1 13.4 17.5 31.8 21.1
G2 2.6 7.7 11.0 7.3
G3 0.8 3.7 3.8 2.5
G1_G1 41.4 31.5 63.6 42.2
G1_G2 20.8 23.2 42.8 28.4
G1_G3 17.4 20.2 35.6 23.6
G2_G2 8.0 13.9 22.0 14.6
G2_G3 6.0 10.7 14.8 9.9

Table 5. Comparison of the mean star formation and accretion rates
measured in the MIRAGE sample. hṀgasi: average accretion rate of in-
flowing pristine gas (Z<10−3) for the isolated disks and the mergers
measured in a spherical shell with a radius of 20 kpc. hSFRi: average
SFR. Ṁth(z): Theoretical prediction of the gas accretion rate as function
of redshift and halo mass. All the averages are computed in the interval
[100,800] Myr.

Furthermore, at z=2, Agertz et al. (2009) find an accretion
rate of hot gas for a galaxy with a baryonic mass Mb ⇠ 1011 M⊙
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in good agreement with our model having a close mass (namely
the G1 model). They also show that the cold gas accretion that
prevails at z & 2 becomes dominated by hot gas accretion at
lower redshifts, which makes our implementation agree with this
statement. This scenario is also supported by recent work that
uses moving-mesh codes, which find a substantially lower cold
gas accretion rate than in comparable SPH simulations (Nel-
son et al. 2013). The gas accretion rate in the MIRAGE sam-
ple slightly increases with time (see section 4.3), implying that
simulating more than 1 Gyr of evolution would lead to unrealis-
tic high accretion rates. The mean accretion rates measured over
800 Myr in our simulations remain consistent with theory and
cosmological simulations (see Table 5).

5.3. Mass-size evolution

To follow the evolution of the mass-size relation in our simula-
tion sample, we proceed to a centering and spin alignment with
the z-axis of the AMR cartesian grid. As the stars age, they ex-
perience a progressive gravitational heating that redistributes the
oldest stars into a diffuse halo component with a smoother grav-
itational potential. The center of the each simulation is there-
fore found by using the peak of the mass-weighted histogram
of the positions of the oldest stars, i.e. those stars only present
in the initial conditions. This peak in the distribution of the old
stars is hereafter associated to the center of the bulge. We re-
cover the galactic disk orientation using the spin vector of the
stars younger than 50 Myr for a given snapshot. They tend to
still be located within the gas disk, which cannot be used to
perform such a computation because of the turbulence and the
outflows carrying consequent momentum. Once the orientation
of the galactic disk is correctly recovered, we compute the stel-
lar surface density profile. The distribution is decomposed into
a bulge and a disk by performing a linear regression on the sur-
face density profile in the interval [rcut,bulge,rcut,stars] to extract the
disk profile (see Table 1). To each surface density measurement
we associate a relative error proportional to the square root of
the number of particles found within the radial bin.

The evolution of the disk scalelengths is displayed in Fig.
5. It confirms that both mergers and isolated disks can produce
an inside-out growth (Naab & Ostriker 2006) regardless of the
orbital configurations, and despite the proven ability of gas-rich
mergers to produce compact systems (Bournaud et al. 2011). For
each simulation, we estimate the growth time, which we define
as the time needed for the stellar disk to double its size mea-
sured right after the coalescence (or at t=400 Myr for the iso-
lated systems). A mean growth time of 3.9 Gyr is measured for
the mergers, with the fastest systems reaching growth time close
to 2 Gyr. It appears that the less massive systems, therefore the
less clumpy, are less efficient at driving stellar disk growth. This
inside-out growth is taking place in an idealized framework, al-
though the galaxies are accreting gas from the halo at a rate com-
parable to cosmological simulations (see Section 5.2). This con-
tinuous gas accretion fuels secular evolution processes that are
able to drive such growth by performing a mass redistribution.
Consequently, our results suggest that other mechanisms than
late infall of cold gas from the cosmic web (Pichon et al. 2011)
may alternatively build up high redshift disks inside-out.

The stellar mass-size relation for the MIRAGE sample is
shown in Fig. 6. We plot the mass-size relation found in Dut-
ton et al. (2011) and shifted at different redshifts. Our choice
of stellar sizes in the initial conditions makes the simulations
of the MIRAGE sample lie in the dispersion range computed
for the z = 1.5 mass-size relation. Nonetheless, the size evo-

lution is fast in the MIRAGE sample, although one can expect
this rapid growth to stop once the clumpy phase ends. Indeed,
the size growth is linked to the gas-rich clump interaction that
is able to redistribute significant amount of stellar mass toward
the outskirts of the disk. We overplot on the simulations data
the values for the MASSIV sample, and the error bars show the
1σ standard deviation computed using the errors on the stellar
mass and size (Vergani et al. 2012). We use the classification
of López-Sanjuan et al. (2013) to differentiate isolated galaxies
from minor and major mergers on the plot using different sym-
bols. We observe that the majority of galaxies classified as major
merger lie above or close to the z = 1.5 mass-size relation, which
is straightforward once one considers that the size measurement
is done on a extended system where the two disks are not yet
mixed well. This gives credit for the major merger classification
performed by López-Sanjuan et al. (2013). Overall, the bulk of
the MASSIV sample ranges within the dispersion fork of the
z = 1.5 relation, which makes our simulations consistent with
observations. A fraction of the isolated and minor merger sys-
tems are more than 1σ below the z = 1.5 relation, suggesting a
population of compact galaxies.

5.4. Star formation

Figure 7 presents the star formation histories of the MIRAGE
sample for the different masses and merger orbital configura-
tions. For each simulation, we indicate the coalescence time tc
expressed in Myr in the legend, as well as the pericentral time
tperi. The star formation histories exhibit stochastic behavior due
to the clump interactions and the cycling energy injection by stel-
lar feedback maintaining the gas turbulence. The mean ratio of
the SFR dispersion over the average SFR (σSFR/hSFRi) for the
whole MIRAGE sample is roughly equal to 30%. Quite surpris-
ingly at first glance, we do not observe any SFR enhancement
due to the galaxy merger. Neither orientations nor mass configu-
rations appear to produce enhanced SFR.
Figure 8 shows the histogram of the normalized quantity in the
interval tc ± 100 Myr:

(SFR(t) − SFRiso(t))/hSFRisoi

with SFRiso the summed SFR of the fiducial simulations evolved
in isolation, and hSFRisoi the mean value of SFRiso. For each his-
togram, we display the value of barycenter of the distribution β
in the legend, which allows estimating how much the interaction
enhances the star formation in the time interval defined previ-
ously. We observe no trend to SFR enhancement due to merger
(β  0), even if in the case G1_G3 two of the merger produces
somewhat more stars than the summed fiducial isolated models
(0.1β0.2). However, this value is too low to be considered as
a starburst. Generally, the mergers are even less effective at pro-
ducing stars compared to isolated simulations. This result con-
tradicts other works (e.g. Bournaud et al. 2011; Teyssier et al.
2010; Cox et al. 2008; Powell et al. 2013). Since this paper does
not intend to perform a full study of the starburst efficiency in
high redshift galaxies, we list subsequently and briefly discuss
the possible reasons for the suppression of starburst in our simu-
lation sample:

– Our choice of elliptic Keplerian trajectories might affect the
star formation efficiencies of our merger simulations. How-
ever, many works have demonstrated that the starburst ef-
ficiency of equal mass galaxy mergers is insensitive to the
orbits, the disk orientations, and the physical properties of
these galaxies (e.g., Mihos & Hernquist 1996; Springel 2000;
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Fig. 6. Stellar mass as a function of stellar scalelength. The symbols “+” and “∆” show the MIRAGE galaxy mergers and isolated disks, respec-
tively. The color encodes the time evolution since the initial conditions. Black symbols display the MASSIV data, according to measurements
found in Vergani et al. (2012) and Epinat et al. (2012). The stellar mass-size relation derived in Dutton et al. (2011) and shifted to z = 1.5 is
overplotted with the red solid curve. The dotted curves show the dispersion computed for z = 1.5 from the relation derived in Dutton et al. (2011).
We also display the mass-size relation for z = 0.5 (green line) and z = 2.5 (orange line) to emphasize the redshift evolution of the relation.

Cox et al. 2004). Consequently, the initial configuration of
the major merger simulations G1_G1 and G2_G2 should not
be considered as responsible for the absence of starburst.
However, longer interactions would lead to coalescence of
more concentrated systems because of the clumps migra-
tion, which could enhance a nuclear starburst. That higher
mass ratios simulations (G1_G2, G1_G3, G2_G3) that ex-
plore more elongated orbits (see Table 3) do not exhibit star
formation enhancement might suggests that the orbits and
the disk orientations are generally not to blame for this lack
of star formation overactivity.

– As highlighted by Moster et al. (2011), the hot gaseous ha-
los implied in a galaxy merger are likely to be heated by
shocks, together with an acquisition of specific angular mo-
mentum increasing the centrifugal barrier. Both of these pro-
cesses can push toward a lower starburst efficiency because
isolated disks are more effective at accreting gas from the hot
halo.

– A complex treatment of the ISM favors the production of hot
gas, which systematically lowers SF, as Cox et al. (2006)
point out. The simulations performed in Bournaud et al.
(2011) constitute a good dataset for direct comparison, ow-
ing to the initial conditions definitions very close to our G1
model. The presence of starbursts in comparable simulations
when the gas obeys to a 1D equation-of-state suggests a
change in the gas response to a galactic interaction.

– Teyssier et al. (2010) demonstrate that the starburst in a low
redshift major merger is mostly driven by the enhancement
of gas turbulence and fragmentation as long as the numerical
resolution allow it to be resolved. It may be more difficult
to increase this turbulence and fragmentation at high redshift

because both are already high in our isolated gas-rich disks.
The isolated disks simulations are indeed able to maintain
this high level of turbulence and fragmentation thanks to con-
tinuous gas refilling by the hot halo accretion and an efficient
stellar feedback. This scenario would suggest that star forma-
tion can saturate and prevent starbursts in galaxy mergers of
very turbulent and clumpy gas-rich disks.

– High gas fractions (>50%) are maintained throughout the
duration of the mergers. These high gas fractions may pre-
vent the formation of a stellar bar in the remnant, which
would drag a large amount of gas toward the nucleus to fuel
a starburst (Hopkins et al. 2009). The large fraction of cold
fragmented gas prevents the formation of a bar in the stellar
component. Additionally, the stellar feedback removes gas
from the star-forming regions continuously and may also act
against the formation of a large stellar disk by lowering the
SFR Moster et al. (2011).

– The feedback model adopted in this study might not be
energetic enough to succeed in ejecting important quanti-
ties of gas on very large scales ,especially because of the
isotropic hot gas accretion that systematically curbs the out-
flowing material. The adopted feedback model may be effi-
cient enough to saturate the star formation during the pre-
merger regime, but is not strong enough to deplete the disk
from large quantities of gas, which would then be accreted
again later, feeding a star formation burst.

Numerous processes can explain the starburst removal in
very gas-rich clumpy and turbulent galaxy mergers. The star for-
mation histories of the MIRAGE sample remain difficult to inter-
pret without a complete study in a full cosmological environment
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Fig. 7. Star formation histories for each simulation of the MIRAGE sample. Each panel explores disk orientations for fixed masses respectively
given by ✓1_✓2_ and Gi_G j (written on the top right of each panel, see Tables 2 and 3). The last panel shows the SFR of the isolated disk
simulations. The curves begin at 100 Myr (see section 5.1). To compare the SFR of merging disks with the SFR of isolated disk per mass unit, the
SFR of isolated disks (red dotted lines) have been superimposed on the SFR of merging disks. The black arrow in the merger panels shows the
pericentral time tperi equal to 250 Myr in all the merger simulations. For each galaxy merger, we also display the time of the coalescence of the
galactic cores tc visually determined.

to weight each configuration according to its occurrence proba-
bility. Generally, the link between mergers and starburst may be
more fuzzy at high redshift than at lower redshift.

Figure 9 displays the SFR as a function of the stellar mass.
We compared the MASSIV “first-epoch” data with the MIRAGE
sample, for which the SFR has been estimated from the inte-
grated H↵ luminosity, and stellar mass within the optical radius.
The MASSIV error bars were computed using the errors on the
H↵ flux measurement found in Queyrel et al. (2012). The scatter
observed for a given simulation stellar and gas mass underlines
the stochastic nature of the star formation in gas-rich clumpy
disks. This scatter is nevertheless still lower than the one ob-
served in the MASSIV data, which encompasses very varied gas
fractions.

Figure 10 displays the position of the MIRAGE sample on
the KS diagram between 200 Myr and 800 Myr for the isolated
disks and between the coalescence and 800 Myr for the merger
simulations. We computed the gas surface density Σgas and the
star formation surface density ΣSFR quantities within rstars, the
stellar disk scalelength estimated with the method described in
section 5.3. We also rejected all the gas in the IGM by only con-
sidering cells with densities greater than ⇢ = 2 ⇥ 10−3 cm−3,
which typically corresponds to the frontier between ISM and

IGM in all of the simulations. The quantities Σgas and ΣSFR are
measured on face-on projections, after having centered our ref-
erential on the peak of the old stars probability distribution func-
tion and aligned the spin of the young stars disks with our LOS.
We note that our sample lies close to the relation found in Daddi
et al. (2010b), with a slight shift towards lower star formation ef-
ficiencies (within the 1σ dispersion), which can be attributed to
the shutdown of star formation at high gas temperatures. The MI-
RAGE sample does not show any bimodality, as expected from
the star formation histories displayed in Fig. 7. One should take
into account that, by construction, our sample does not provide
the statistical cosmological weight of a volume-limited sample
of the 1 < z < 2 galaxy population.

We also overplot the position of the MASSIV sample on this
diagram for comparative purposes. The MASSIV error bars on
the quantity ΣSFR are computed again using the uncertainties on
the H↵ flux. We also take an error proportional to the spatial
sampling of the SINFONI data into account, which we propa-
gate to the measurement of the radius of the ionized emission
region. We do not have a strong observational constraints for the
amount of gas in the MASSIV galaxies. Nevertheless, we mark
out the gas mass for each galaxy assuming a mean gas fraction
fg = 45%, which is the mean value obtained on the dynami-
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Fig. 8. Histogram of the difference between the merger SFR and the cumulative isolated SFR (SFR − SFRiso) computed between 100 Myr before
and 100 Myr after the galaxies coalescence. Each panel explores disk orientations for fixed masses respectively given by ✓1_✓2_ and Gi_G j
(written on the top left of each panel, see Tables 2 and 3). From these histograms, we can interpret how much time a merger spends with a higher
or lower SFR during this crucial period. The quantity β in the legend is the barycenter of the histogram, which measures the shift in star formation
induced by the merger compared to secular evolution.

cal/stellar mass diagram of the MASSIV sample (Vergani et al.
2012). Using the relation Mgas = fgMstars/(1 − fg), we can over-
plot the MASSIV data on the KS diagram. We compute the er-
rors bars of the Σgas quantity assuming a minimal gas fraction of
fg,min = 25% and fg,max = 65%, a range where we can expect the
MASSIV sample to lie. We then propagate the errors on the stel-
lar mass using fg,min and fg,max. Therefore, the distribution of the
MASSIV data on the KS relation is close to the “normal” regime
of star formation, considering our assumptions on the gas frac-
tions. Our merger simulations match the area covered by both
the isolated and merging galaxies of the MASSIV sample on the
KS diagram.

6. Summary and prospects

In this paper, we introduce a new sample of idealized AMR sim-
ulations of high redshift (1 < z < 2) mergers and isolated disks
referred to as MIRAGE. The sample is originally designed to
study the impact of galaxy merger on the gas kinematics in a
clumpy turbulent medium. We focus on presenting of the meth-
ods used to build the MIRAGE sample and on the first results
obtained for the evolution of the masses, sizes, and star forma-
tion rates.

The key points of the goals and methods used in this paper can
be summarized as follows:

– We presented the MIRAGE sample, a series of mergers and
isolated simulations using the AMR technique in an ideal-
ized framework that compare extreme signatures in terms
of gas kinematics. The MIRAGE sample initial conditions
probe four disk orientations (with  ranging from 0◦ to
180◦), five total baryonic merger masses (ranging from 4.9 to
17.5 ⇥1010M⊙) and three galaxy mass ratios (1:1,1:2.5,1:6.3)

among 20 merger simulations designed from three disk mod-
els (with baryonic masses of 1.4, 3.5, and 8.8 ⇥1010M⊙). The
case of low gas fractions has been extensively studied in the
literature, so we choose here to only study gas-rich galax-
ies ( fg ⇠ 60%) to study the impact of the presence of giant
star-forming clumps on merging turbulent disks.

– We introduced DICE, a new public code designed to build
idealized initial conditions. The initialization method is sim-
ilar to what has been done in Springel et al. (2005b). The
use of MCMC algorithm to build a statistical distribution re-
quiring only the 3D-density function as input allows us to
consider building components in future developments with
more complex density functions compared to the canonical
ones used in this paper.

– We used a new implementation of stellar feedback from
the young, massive part of the IMF (Renaud et al. 2013),
coupled to a supernova feedback with non-thermal pro-
cesses modeled using a cooling switch (Teyssier et al. 2013).
The new physically-motivated implementation of young-star
feedback allowed us to track the formation of Strömgren
spheres where the energy from the massive young stars is
deposited, allowing future comparisons with simulations us-
ing feedback recipes parametrized with wind mass-loading
factors.

The key results of this paper can be summarized as follows:

– Star formation in disks – We find that the star formation his-
tory of isolated disk galaxies fluctuates strongly throughout
the duration of simualtions, with a SFR dispersion close to
30% around its mean value. This star formation proceeds
mostly in giant clumps of gas and stars and naturally gets
a stochastic behavior. The small star formation bursts may
account for the intrinsic scatter of the “main sequence” of
star forming galaxies at z = 1 − 2 (Daddi et al. 2010b).
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Fig. 9. Star formation rate as a function of stellar mass measured between the coalescence and 800 Myr for the merger simulations, and between 200
and 800 Myr for the isolated simulations. Black symbols show MASSIV data for which the SFR is estimated from the H↵ integrated luminosity,
and the stellar masses measured within the optical radius ropt = 3.2 ⇥ rstars. Each colored symbol shows a snapshot of the MIRAGE mergers and
isolated disks simulations, respectively plotted with “+” and “∆”. The color encodes the gas mass of the disks and remnants measured within the
gas optical radius.

– Star formation in mergers – The minor and major gas-rich
mergers of our sample do not induce major bursts of star for-
mation significantly greater than the intrinsic fluctuations of
the star formation activity. The mechanisms for triggering
active starburst at high redshift could be different from the
ones at low redshift due to large differences in the amount
of gas available for accretion in the circumgalactic medium
around stellar disks. This suggests that a complex modeling
of the gas capturing a high level of fragmentation and turbu-
lence maintained by stellar feedback and gas accretion may
offer a mechanism of saturation for the star formation activ-
ity in high-z galaxies. The remarkable homogeneity of the
observed specific SFR in high redshift galaxies (Elbaz et al.
2007, 2011; Nordon et al. 2012), coupled to the prediction of
a high occurrence of minor mergers in this redshift and mass
range (Dekel et al. 2009a; Brooks et al. 2009), may support
the scarcity of star formation bursts triggered by very gas-
rich mergers.

– Star formation scaling laws – Overall, our sample of disks
and mergers is compatible with the evolution of the mass-
SFR relation observed for a complete sample of star-forming
galaxies in the same mass and redshift range (namely the
sample MASSIV, Contini et al. 2012), and independently of
the assumed disk and merger fraction in the sample. In a
Kennicutt-Schmidt diagnostic, the majority of mergers are
close to the “normal” regime of disk-like star formation as
defined by Daddi et al. (2010b), Genzel et al. (2010), with a
slight deviation towards lower star formation efficiencies.

– Size evolution – A stellar mass-size relation in accordance
with Dutton et al. (2011) has been obtained by our models,
and the evolution with redshift of this relation was also repro-
duced. In particular, inside-out growth can be obtained as a
natural outcome of internal dynamical processes redistribut-
ing angular momentum mostly through clumps interactions:

these processes can naturally make disks become larger over
time, for any given stellar mass, even if mergers are expected
to produce more compact systems. Our simulations only in-
clude infall of low-angular momentum material through hot
gas accretion, suggesting that the radial inside-out growth at
the observed rate might not need to be achieved through a
cold mode in the context of our idealized modeling.

The significant fraction of active galactic nucleus (AGN) in
the redshift range 1 < z < 2 means that the inclusion of black-
hole particles and the associated AGN feedback should be ad-
dressed specifically. Nevertheless, the recent work of Gabor &
Bournaud (2013) shows that AGN feedback is unable to disrupt
the clumps of 108-109 M⊙ formed in-situ in comparable ideal-
ized gas-rich disk simulations. Dubois et al. (2013) also show
that massive clumps may survive AGN feedback during their mi-
gration towards the bulge in a fully cosmological context. Since
the clumps drive most of the SF, we do not expect major changes
on short term star formation histories by including AGN feed-
back. However, at later stages of evolution, the strong heating of
the gaseous halo driven by shocks due to AGN feedback should
lower the accretion rate and lead to lower gas fractions in the
merger remnants. Finally, the results obtained in the MIRAGE
sample call for further investigations to assess the effect of AGN
feedback in this kind of simulations.
With the MIRAGE sample we have the opportunity to investi-
gate further questions of galaxy evolution. The combination of
statistical probing of the orbital parameters, the controlled in-
put parameters due to idealized framework, the parsec scale res-
olution, and the explicit physically motived implementation of
stellar feedback make it a useful database to use for studying
(i) the properties and lifetime of the giant (108-109 M⊙) star-
forming clumps (already presented in Bournaud et al. 2013), (ii)
the impact of the migration and interaction of the clumps on the
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Fig. 10. Kennicutt-Schmidt relation for the simulations involved in this study. We use two panels for clarity; in the bottom panel we only plot
the MIRAGE sample, while in the top panel we overplot the MASSIV data on the MIRAGE sample for comparison. In both panels, we also
display the relation obtained in Daddi et al. (2010b) (red solid line for the relation and dashed line for the associated 1σ dispersion). Simulations
plotted at different times are represented with different colors, with values measured inside the stellar disk scalelength. In case of merger, we plot
only snapshots where the coalescence has been reached. The mergers and isolated disks are respectively plotted with “+” and “∆”. The MASSIV
sample (Contini et al. 2012) positions are computed using the half-mass stellar radius for a typical gas fraction of 45%, and are plotted using
black diamonds for isolated galaxies, triangles for minor mergers, and squares for major mergers. The associated error bars are computed using
the errors on H↵ flux, stellar size, and the assumption that the gas fraction fg lies in the range [0.25,0.65].

galaxies properties, (iii) the metallicity evolution in mergers and
isolated disks, (iv) the classification of velocity fields of high-z
galaxies based on a large set of mock observations derived from
the MIRAGE sample, among other studies.
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ABSTRACT

Star-forming disk galaxies at high redshift are often subject to violent disk instability, characterized by giant clumps
whose fate is yet to be understood. The main question is whether the clumps disrupt within their dynamical timescale
(!50 Myr), like the molecular clouds in today’s galaxies, or whether they survive stellar feedback for more than
a disk orbital time (≈300 Myr) in which case they can migrate inward and help building the central bulge. We
present 3.5–7 pc resolution adaptive mesh refinement simulations of high-redshift disks including photoionization,
radiation pressure, and supernovae feedback. Our modeling of radiation pressure determines the mass loading and
initial velocity of winds from basic physical principles. We find that the giant clumps produce steady outflow rates
comparable to and sometimes somewhat larger than their star formation rate, with velocities largely sufficient to
escape the galaxy. The clumps also lose mass, especially old stars, by tidal stripping, and the stellar populations
contained in the clumps hence remain relatively young (!200 Myr), as observed. The clumps survive gaseous
outflows and stellar loss, because they are wandering in gas-rich turbulent disks from which they can reaccrete
gas at high rates compensating for outflows and tidal stripping, overall keeping realistic and self-regulated gaseous
and stellar masses. The outflow and accretion rates have specific timescales of a few 108 yr, as opposed to rapid
and repeated dispersion and reformation of clumps. Our simulations produce gaseous outflows with velocities,
densities, and mass loading consistent with observations, and at the same time suggest that the giant clumps survive
for hundreds of Myr and complete their migration to the center of high-redshift galaxies. These long-lived clumps
are gas-dominated and contain a moderate mass fraction of stars; they drive inside-out disk evolution, thickening,
spheroid growth, and fueling of the central black hole.

Key words: galaxies: bulges – galaxies: evolution – galaxies: formation – galaxies: high-redshift –
galaxies: structure

Online-only material: color figures

1. INTRODUCTION

Massive high-redshift galaxies often have irregular morpholo-
gies dominated by giant clumps in optical imaging surveys
(Cowie et al. 1996; Elmegreen et al. 2007), ionized gas ob-
servations (Genzel et al. 2008), and resolved molecular gas
maps (Tacconi et al. 2013). Typically, a clumpy star-forming
galaxy of stellar mass of a few 1010−11 M⊙ at redshift z ≈ 1–3
contains a handful of kpc-sized clumps containing each a few
108−9 M⊙ of gas and stars (Elmegreen & Elmegreen 2005;
Genzel et al. 2011). About half of the star formation occurs
in the giant clumps, the other half being in an apparently dif-
fuse disk probably consisting of smaller, unresolved gas clouds
(Elmegreen et al. 2009). At last half of star-forming galaxies
at z > 1 in the CANDELS near-infrared imaging survey are
clumpy (M. Mozena et al., in preparation; Y. Guo et al., in
preparation).

From the following set of evidence, it is now widely accepted
that the majority of the clumps form in situ by gravitational in-
stability with high characteristic Jeans mass and length (around
109 M⊙ and 1 kpc, respectively). The host galaxies apparent
shapes range from round to linear, with the respective fractions
expected for face-on to edge-on disks (with ≈1 kpc scaleheights;
Elmegreen et al. 2004) and disk-like kinematics with high

turbulent velocity dispersions in both Hα and CO (Genzel et al.
2006; Shapiro et al. 2008; Bournaud et al. 2008; Contini et al.
2012; Daddi et al. 2010a; Epinat et al. 2012; Tacconi et al. 2013,
with perhaps some redshift evolution, Puech 2010). The high
fractions of dense molecular gas (about half of the baryonic
mass; Daddi et al. 2008, 2010b; Tacconi et al. 2010) naturally
explain the occurrence of these violent instabilities and the high
associated velocity dispersions required to regulate the disk at a
Toomre stability parameter Q ≈ 1 (Dekel et al. 2009a, 2009b;
Bournaud & Elmegreen 2009; Elmegreen & Burkert 2010;
Burkert et al. 2010) and observations are consistent with a
dynamical state of the gas close to the Q ≈ 1 instability
limit (Genzel et al. 2011). Simulations with different numerical
schemes, of both idealized galaxies and galaxies in cosmolog-
ical context, show the rapid development of strong turbulence
and giant clump formation in such gas-rich galaxies (Noguchi
1999; Bournaud et al. 2007; Agertz et al. 2009; Ceverino et al.
2010; Powell et al. 2011; Martig et al. 2012; Dubois et al. 2013;
Hopkins et al. 2012).

The violent clump instability thickens the stellar disk
(Bournaud et al. 2009) and drives an inflow toward the nu-
cleus at a much higher rate than spiral arms and bars (Krumholz
& Burkert 2010; Bournaud et al. 2011). However, other major
dynamical effects depend on the lifetime of the giant clumps
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and their ability to survive stellar feedback. Early simula-
tions with no or weak feedback found that the clumps retain
much of their mass or increase their mass over time, and sur-
vive feedback (Immeli et al. 2004; Elmegreen et al. 2008a;
N. Mandelker et al., in preparation). In this case, the clumps
migrate radially through dynamical friction and gravitational
torques in only a few 108 yr and convey important amounts of gas
and stars inward. This increases the general instability-driven
inflow; can rapidly (!1 Gyr) reshape the disk radial profile into
an exponential (Bournaud et al. 2007); form a massive classical,
low-Sersic-index bulge (Noguchi 1999; Elmegreen et al. 2008a;
Ceverino et al. 2010); and increase the nuclear gas flows, pow-
ering bright active galactic nucleus (AGN) episodes (Gabor &
Bournaud 2013; Dubois et al. 2012).

However, the ability of giant clumps to survive stellar feed-
back for 108 yr or more has been questioned. The momentum
conveyed from young stars by photons is an efficient process
to affect dense gas structures even before supernovae explode
(Murray et al. 2010), and this has been suggested to rapidly dis-
rupt the giant clumps of high-redshift galaxies where high gas
densities could trap the photons (Murray et al. 2011). A poten-
tial issue with short-lived clump scenarios is that observed giant
clumps need to live long enough to accumulate their high bary-
onic masses. Simulations with strong ad hoc radiative feedback
have shown that giant clumps could form and disrupt within
100 Myr (Genel et al. 2012b; Hopkins et al. 2012), but leaving
unclear whether rapidly disrupted clumps could reform suffi-
ciently quickly to explain the high observed fraction of clumpy
galaxies.

Two observations have raised the possibility of a short clump
lifetime. First, outflows have been detected in the vicinity of
a few massive clumps, with outflow rates of the order of their
star formation rate (SFR) or a few times higher (Genzel et al.
2011; Newman et al. 2012a, 2012b), and with high electronic
temperatures suggesting strong pressure gradients (Lehnert et al.
2013). Second, the clumps are much fainter in near-infrared
imaging (Elmegreen et al. 2009), indicating that their masses
are relatively limited in the old stellar components, and the
typical ages of the stellar populations contained in clumps are
rarely larger than !200 Myr (Wuyts et al. 2012). This indicates
that the clumps do not disrupt as rapidly as in simulations
with extreme ad hoc feedback (Genel et al. 2012a) and may
be rather consistent with typical clump migration timescales
of 200–400 Myr (Bournaud et al. 2007; Dekel et al 2009b;
Ceverino et al. 2010).

In contrast, it has been proposed that a massive clump wander-
ing in a turbulent disk may rapidly accrete significant amounts of
gas (Dekel & Krumholz 2013), which may compensate for the
losses in star formation and outflows and make clumps longer
lived. Even if initially warm, gas (re)accreted this way should
become dense enough to cool in less than a dynamical time,
hence rapidly refueling the bound star-forming component in
the clumps (Pflamm-Altenburg & Kroupa 2009).

In this paper, we present high-resolution adaptive mesh
refinement (AMR) simulations of high-redshift clumpy galaxies
using a new, physically motivated modeling of stellar feedback
(Section 2). We show that giant clumps produce outflows and
lose aged stars by tidal stripping, but keep their mass and SFR
about constant over time owing to continuous reaccretion of gas
from the surrounding disk (Section 3). The clumps in these
models are long-lived and complete their migration inward
until they merge with other clumps or with the bulge. Also,
they have properties (outflow rates, SFRs, stellar populations,

contrast in optical imaged and stellar mass maps) that appear
fully consistent with observations (Section 4).

2. SIMULATIONS

2.1. Models of High-redshift Disks

In this study, we follow the detailed evolution of giant
clumps in high-redshift galaxies, in particular their response
to star formation and feedback processes. To this aim we use
“idealized” (closed-box) simulations of systems with global
sizes, masses, and gas fractions similar to real galaxies at redshift
two, which naturally form giant clumps similar to the observed
ones as studied by many previous authors. The advantage of
such idealized simulations is that the interstellar medium (ISM)
structure can be resolved with a resolution a decade finer than in
state-of-the-art cosmological simulations, resolving the size of
heated structures around young star clusters, and sub-structures
in the giant clumps through which outflows can propagate.
These simulations model disk galaxies with mass distributions,
rotation curves, and gas fractions that are realistic for z = 1–3
galaxies, although their formation history at higher redshifts is
not followed. During the evolution of their giant clumps, these
simulations lack the replenishment of the disk by external gas
infall, which may limit the ability of the clumps to reaccrete gas
from the surrounding regions of the disk, thus providing a lower
limit to the survivability of clumps.7 As for dynamical aspects,
various studies have shown that both the gravity and turbulence
of these galaxies are controlled by internal physics rather than
by external infall (e.g., self-gravity: Elmegreen & Burkert 2010,
feedback: Hopkins et al. 2013; Genel et al. 2012a). The disk
galaxy dynamics can therefore be followed quite reliably in
isolation for several hundred Myr.

The fiducial high-redshift disk simulations studied here,
labeled G1, G2, and G3 and displayed in Figures 1–3, are taken
from the Mirage sample of disk and mergers presented in Perret
et al. (2013). An additional model G’2, close to G2 but using a
different combination of feedback and resolution parameters, is
also used here.

The initial baryonic masses of galaxies G1–G3 are 8.7, 3.5,
and 1.4 × 1010 M⊙, respectively. Their evolution starts with
a gas fraction (gas/gas+stars) of 60%. The disk scale lengths
are set according to the Vergani et al. (2012) scaling relations,
equally compatible with other high-redshift scaling relations
(e.g., Dutton et al. 2011). The bulge-to-disk stellar mass ratio is
30%. The star formation model subsequently detailed naturally
leads to a realistic specific SFR of the order of one Gyr−1,
realistic for the main sequence at redshift z ≈ 1–2 (Daddi et al.
2007; Elbaz et al. 2011; Nordon et al. 2013). The evolution is
followed for 1 Gyr, and the average gas fraction over this period
is 47%. Stars and dark matter are modeled with about 1 million
particles each (see details in Perret et al. 2013).

The alternate model G’2 starts with initial conditions similar
to G2 except that the total mass is 17% higher and the initial gas
fraction is 50%; the main difference is the (weaker) supernovae
feedback modeling as subsequently detailed. It also uses a twice
higher spatial resolution.

The model parameters are summarized in Table 1.

7 This effect should not be major because the gas fraction decreases slowly
compared with the 400–500 Myr timescale required for clump migration. In
cosmological simulations, the inability to explain the very high gas fractions of
≈50% at z ≈ 2 because of too early consumption into star formation at z > 3
may be a larger issue regarding the galactic reservoir of gas in which giant
clumps form and evolve (e.g., Ceverino et al. 2010).
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Figure 1. Sequence of snapshots showing the mass-weighted average of the gas density along each line of sight (i.e., the typical three-dimensional density reach
along each line of sight, rather than the column density) for model G1 (high mass). Snapshots are taken every 100 Myr from 200 to 700 Myr after the beginning of
the simulation. Three typical clumps were selected for analysis, marked with symbols on the maps. At t = 700 Myr, these three typical clumps have merged with the
central disk or bulge or with other giant clumps, hence being unmarked in the last snapshot, on which other clumps formed later on in the outer disk material and/or
recycled gas are still present. Detailed sequences and movies of our fiducial models are available in Perret et al. (2013) and allow the reader to track long-lived clumps
in detail.

(A color version of this figure is available in the online journal.)

2.2. AMR Simulation Technique

We use the AMR code RAMSES (Teyssier 2002) with
a quasi-Lagrangian AMR refinement methodology similar to
that used for idealized galaxy simulations in Teyssier et al.
(2010), Bournaud et al. (2010), and Renaud et al. (2013). The
grid resolution reaches 7 pc in the high-density and/or Jeans-
unstable regions for our fiducial models G1 to G3. Model G’2

uses a 3.5 pc resolution. Starting from the coarse level, each
AMR cell is refined into 23 new cells if (1) it contains more than
25 particles, (2) its gas mass content is larger than the “gas mass
resolution” set equal to 1.5 × 104 M⊙, or (3) the local thermal
Jeans length is smaller than four times the current cell size. We
also impose a pressure floor to keep the Jeans length greater than
four times the smallest cell size and avoid spurious instabilities
(Truelove et al. 1997, see Section 2.1 in Teyssier et al. 2010).
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Figure 2. Same as Figure 1 for galaxy G2 (medium mass). Detailed sequences and movies of our fiducial models are available in Perret et al. (2013).

(A color version of this figure is available in the online journal.)

Table 1

Model Parameters

Model Stellar Mass Gas Mass Bulge Fraction Supernova Feedback Resolution

(109 M⊙) (109 M⊙) (in Stellar Mass) (pc)

G1 87 130 7.5% Reduced cooling 7

G2 35 52 7.5% Reduced cooling 7

G’2 44 44 13% Thermal cooling 3.5

G3 14 21 7.5% Reduced cooling 7

Notes. Initial mass in stars and gas, bulge fraction (in the stellar mass distribution), cooling

scheme for regions affected by supernovae explosions: unmodified thermal feedback, or reduced

feedback to model non-thermal dissipation (Teyssier et al. 2013), maximal AMR resolution.
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Figure 3. Same as Figure 1 for galaxy G3 (low mass). Detailed sequences and movies of our fiducial models are available in Perret et al. (2013).

(A color version of this figure is available in the online journal.)

We compute thermal evolution including atomic and fine-
structure cooling assuming solar metallicity8 Such modeling
naturally leads to a multiphase ISM, in which structures with
number densities up to 105−6 cm−3 are resolved. The initial gas
in the disk has number densities of a few cm−3 so that we set
the initial temperature to 104 K, which is the typical equilibrium
temperature for such moderate densities (e.g., Bournaud et al.
2010, a lower temperature phase appears mostly once denser

8 The metallicity of massive galaxies at redshift 1–2 is high enough for their
cooling not to be strongly reduced compared with solar metallicity (e.g., Erb
et al. 2006).

structures arise). We prevent gas cooling below 100 K for better
computational efficiency.9

2.3. Star Formation and Feedback

Star formation is modeled using a constant fraction ϵSF = 1%
of gas is converted into stars per local gravitational freefall time
(2% in the alternative model G’2). This type of local model
explains the observed relations between the surface densities of
gas and SFR in a large range of objects (e.g., Elmegreen 2002;

9 Resolved structures of a few parsecs at 1000 K are dominated by turbulent
pressure rather than thermal pressure, so the details of cooling below 1000 K
have little net effect at the scales resolved in our models.

5



The Astrophysical Journal, 780:57 (18pp), 2014 January 1 Bournaud et al.

Renaud et al. 2012; Krumholz et al. 2012), and when applied to
the current simulations matches the gas consumption timescales
observed for main sequence galaxies at redshift z ≃ 1–2 (see
Perret et al. 2013 for the current sample).

Three stellar feedback mechanisms are included:

1. H ii region photoionization: around each stellar particle
younger than 10 Myr, the photoionized region is computed
using the Strömgren sphere approximation implemented
by Renaud et al. (2013), the spherical approximation being
justified by the fact that each H ii region radius is not much
larger than the numerical resolution used here (although
large non-spherical regions do form from the overlap of
smaller spherical regions around clusters of young stellar
particles).

2. Radiation pressure from young stars is implemented using
the Renaud et al. (2013) model. Once the available mo-
mentum in photons is computed for a standard initial mass
function, we use the fact that most of the momentum is car-
ried by ionizing photons and hence is acquired by the gas
that is ionized, i.e., gas that lies in the previously calculated
H ii regions. This allows us to determine, from physical
considerations, how the available momentum m × v is dis-
tributed into a mass m of gas pushed at a velocity v: in
our model, m is linked to the mass of gas that each stellar
particle is able to ionize. This is an important difference
compared with other models of high-redshift disks with
momentum-driven feedback, where the wind velocity was
set by the escape velocity from the clump (or galaxy) to
derive the mass loading factor (Genel et al. 2012b; Hopkins
et al. 2012). For the same amount of available momentum,
our model is able to generate a higher-velocity wind com-
prising a lower mass of gas, if high-density gas captures
most of the momentum available from young stars. We use
a trapping parameter κ = 5 to account for multiple scatter-
ing: This is rather high but is realistic as it compensates for
other sources of momentum that are not explicitly included,
such as (proto)-stellar winds (Krumholz & Thompson 2012;
Dekel & Krumholz 2013).

3. Supernovae are implemented following the Dubois &
Teyssier (2008) method, taking into account non-thermal
processes as recently proposed by Teyssier et al. (2013).
To account for non-thermal processes, the dissipation of
the injected energy is limited to a fixed period of 2 Myr,
slower than thermal cooling. This 2 Myr value is the typical
turbulence dissipation timescale expected for the sub-
grid structures that our simulations are unable to resolve
(see details in Perret et al. 2013). This is qualitatively
equivalent to the “delayed cooling” approach proposed by
other authors to model the blastwave phase of supernovae
explosions (e.g., Stinson et al. 2009), but the dissipation
timescale is lower here because of the higher resolution.

Our alternative model G’2 uses a pure thermal injection for
supernovae feedback without a reduced dissipation rate. Hence,
the supernova feedback in this model is weaker than in the
fiducial runs, while the photoionization and radiative pressure
feedbacks are the same.

2.4. Selection and Measurement of Giant Clumps

The giant clumps formed in the simulations are tracked
visually with an output frequency of 4 Myr, and are analyzed in
detail every 40 Myr. We do not consider here the clumps that
undergo mergers with other clumps of similar mass in order to

make sure that a main clump progenitor can be unambiguously
identified.

For each snapshot the visually determined position of each
clump is used as an initial guess for its mass center. We compute
the mass center of the baryons included in a sphere of radius
200 pc around this initial guess, and we iterate the procedure
around the newly determined position, until the position shifts
by a distance smaller than the resolution of the simulations. Once
the mass center of the clump is found this way, we determine
the clump radius and mass with the following procedure. Using
a radius R1 initially set to 100 pc, we compute the mass in
the sphere of radius R1, and check the mass in a sphere with a
volume that is twice as large (i.e., radius 21/3 R1). If the mass
increase is larger than 30%, we consider that the clump material
was not mostly encompassed by the initial boundary, and we
iterate the process with an initial radius R1 + 100 pc, until the
mass converges. Convergence is never reached at 100 pc, and
always reached at radius !500 pc, namely the clump radii range
from 200 pc to 500 pc. These positions and radii are used for
all of the following measurements: gaseous and stellar masses,
mass flows, and SFR per clumps. Given the method used, clump
masses are determined with an uncertainty better than 30%; the
uncertainty on clump radii can be up to 100 pc but only the
masses are relevant in the following study. As an alternative
technique, we used the definition of clump radius and mass
proposed by Ceverino et al. (2012). The clump masses estimated
this way are on average 23% higher but follow a very similar
time evolution, as shown in the next section.

3. RESULTS

3.1. Short-lived Gas Clouds and Long-lived Giant Clumps

In our simulations, gas clouds below a mass of a few
107 M⊙ are short-lived. This is also true for gas clouds in low-
redshift galaxies with the same technique (e.g., Renaud et al.
2013). A detailed time sequence showing the rapid formation
and dissolution of low-mass gas clouds (not giant clumps)
in our current model G2 is shown on Figure 4. Note that
simulated molecular clouds in low-redshift galaxies were found
to be short-lived and unvirialized even when only some of the
feedback modes are included (e.g., Tasker 2011; Bournaud et al.
2010; Ceverino et al. 2012).

In contrast, the giant clumps more massive than ≈108 M⊙

remain long-lived in our simulations (Figures 1–3). Such clumps
form by gravitational instability in high-redshift disks, with high
Jeans length and mass because of the high level of turbulence10

required to self-regulate the disk at a Toomre parameter Q ≈ 1.
The average value of the gas-velocity dispersion11 at the disk
scale length and after two rotation periods ranges from 38 km s−1

(G3) to 53 km s−1 (G1). This process of giant clump formation
in a turbulent medium has been studied in many works and
is not detailed again here (Noguchi 1999; Immeli et al. 2004;
Bournaud et al. 2007; Agertz et al. 2009; Dekel et al. 2009b;
Ceverino et al. 2010; Genel et al. 2012b; Hopkins et al. 2012).

These giant clumps are long-lived and persist until coales-
cence with the central bulge or with another bigger clump. Most
of them can be tracked in the simulations for 200–500 Myr
and sometimes up to 700 Myr. We display in Figure 5 a
time series showing the detailed evolution of a very long-lived

10 Regardless of the exact source of turbulent energy, gravity and star
formation are the main internal energy sources and saturate at a Q ≈ 1 level.
11 One-dimensional rms dispersion measured in boxes of (200 pc)3.
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Figure 4. Sequence detailing the continuous formation and rapid dissolution of low-mass clouds, at the middle of the time evolution of model G2. The snapshot size is
0.8 × 1.6 kpc, and time is indicated in Myr, with one snapshot every 4 Myr. A moderately dense spiral arm, free of giant clump, forms a first generation of clouds. Two
of these clouds are identified with the circular and boxy shapes: they leave only weak and dissolving knots after 15–20 Myr. Other clouds form at different locations,
such as the one first indicated with the triangle at t = 532, which again dissolves, leaving a lower-density knot seen at t = 556 and unseen at t = 600 Myr.

(A color version of this figure is available in the online journal.)

Figure 5. Zoomed views of gas in the long-lived clump 2C, with an average baryonic mass of 8×108 M⊙. The snapshots show the mass-weighted average gas density,
with one snapshot every 40 Myr. Between the third and fourth panels (t = 160–200 Myr), the clump accretes another clump (about half its mass), which triggers an
increase in its SFR, and a later increase in the local outflow rate (see Figure 8); the clump gets a more disturbed appearance but the baryonic potential well in place
rapidly reaccretes gas and the clump survives this local enhancement of the stellar feedback. Another such event, triggered by the accretion of surrounding diffuse gas
and small clouds, occurs between the seventh and eighth panels (t = 320–360 Myr).

(A color version of this figure is available in the online journal.)

clump in our sample (clump 2C from model G2 displayed in
Figure 2). The reason why this clump is particularly long-lived
(at least 700 Myr) is that it forms at a large radius and keeps a
low-eccentricity orbit, maximizing the timescale for inward mi-
gration by dynamical friction, while most giant clumps would
reach the central bulge within 500 Myr.12 As will appear in the
following parts, this clump does not have extreme properties in
terms of internal mass, size, or formation rate, and is simply used
to illustrate the evolution of its mass content on a timescale that
is not limited by rapid central coalescence, as would be the case
with some clumps formed on different radii and/or on different
orbits.

Over their long lifetime, the mass of the giant clumps remains
relatively constant, without a major increase or decrease over
time, in spite of the gas outflows detailed hereafter. We show
in Figure 6 the time evolution of the baryonic mass of each
of the clumps tracked in detail in our models: these masses,
ranging from a few 108 to 2 × 109 M⊙ and occasionally a bit

12 For galaxies in the mass range studied here.

higher, and fluctuate about roughly constant values, without any
significant global mass increase or decrease. As we detail in
the following sections, giant clumps lose mass through high-
velocity gas outflows and dynamical escape of aged stellar
populations, but they also accrete gas from the surrounding
disk. The rate of mass accretion in our simulations (detailed in
Section 3.4) compensates for the losses and is consistent with
the theoretical estimates from Dekel & Krumholz (2013) or
Pflamm-Altenburg & Kroupa (2009). Hence, realistic feedback
does not disrupt the giant clumps on timescales shorter than
108 yr, even when radiative pressure and non-thermal effects
in supernova bursts are included, and continuous capture of
baryons maintains their mass high on the long term.

3.2. Gas Outflows from Massive Clumps

The time evolution of the clump masses (Figure 6) shows
that, despite being on average roughly constant, their baryonic
mass can sometimes decrease. The detailed sequence of clump
2C (Figure 5) also shows that the mass and density of the gas
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Figure 6. Evolution of the baryonic (gas+stars) mass of clumps as a function
of time for the clumps tracked in the simulations. Measurements were averaged
over bins of 15 Myr and polynomial interpolation was used. The thin line
for clump 2C uses an alternative measurement of clump mass and radius (see
text), yielding slightly higher clump masses but very similar evolution a mass
fluctuating about the initial Jeans mass.

(A color version of this figure is available in the online journal.)

in the clumps can sometimes be significantly reduced. While
the reduction of the gas mass alone could be the result of
consumption by star formation, the fact that the total baryonic
mass can sometime decrease implies that gas can actually be
lost by the clumps, not just converted into stars.

The giant clumps in our simulations produce gaseous out-
flows. The birth and evolution of high-velocity outflows from
the clumps is illustrated in Figure 7, where the same clump
is shown after 90 Myr (when it just formed) and 270 Myr of
evolution. At the early stage, shock fronts are formed by the
outflowing gas onto the hot and diffuse halo surrounding the
galaxy, with number densities of 10−2–10−1 cm−3 and veloc-
ities around 200 km s−1. Later on, a higher velocity outflow
escapes the clump region at velocities of 300–400 km s−1 with
densities of a few 10−2 cm−3, corresponding to an outflow rate
of 1–2 M⊙ yr−1 across a section of 1 kpc2. It is interesting to
note that the gaseous outflow (1) can largely exceed the local
escape velocity and (2) continues to be accelerated more than
1 kpc above the disk mid-plane, because of a pressure gradient
that develops in the steady-state outflow regime. This turns into
a galactic-scale outflow, the properties (rate, velocity) of which
will be analyzed elsewhere (Perret et al. 2013). A movie is avail-
able13 that shows the formation of giant clumps followed by the
development and expansion of gaseous outflows from clumps
to galactic scales in model G’2.

We have systematically measured the outflow rate from each
clump in two ways: through a spherical boundary around the
clump (identical to the boundary used to measure the clump
mass) and through a pair of 1 kpc × 1 kpc planar boundaries
positioned14 1 kpc above and below the disk mid-plane. In the
following sections, we use the latter measurement, after noticing
that the former definition leads to similar measurements of the
outflow rates from clumps with some additional uncertainty15

13 http://youtu.be/Qm5-SkgnDYs
14 Parallel to the initial disk plane.
15 Measurements across the spherical boundary may include diffuse gas that
passes next the clump and enters/leaves the boundary. Hence, the choice of the
planar boundaries above and below the disk plan ensures to capture the
feedback-induced outflow.

(on average 23% higher, with an rms relative deviation between
the two measurements of 37%). The fact that these measure-
ments yield similar results indicates that the outflows are signif-
icantly non-isotropic even at only 1 kpc from the clump centers,
as seen in the examples of outflow velocity fields displayed in
Figure 7.

The typical outflow rate from the giant clumps in our
simulations is 1–4 M⊙ yr−1, and up to 12 M⊙ yr−1 during
short episodes, of the order of the SFR in each clump and up
to a few times higher. The time evolution of the outflow rate is
shown for three individual clumps on Figure 8. Figure 9 shows
the statistical distribution of the outflow rate to SFR ratio for our
main sample and for simulation G’2 using weaker supernovae
feedback (and higher resolution).

We show in Figure 10 the mass-weighted point distribution
function of the gas velocity along a line of sight crossing the
clump center, using a circular aperture of 300 pc radius around
the line of sight, and with a line of sight inclined by 20◦ from the
disk axis. This is equivalent to a pseudo-observed “spectrum”
of the clump with a quasi-face-on orientation of the galaxy and
a 600 pc FWHM beam,16 using crude linear conversion of gas
mass into flux. For a typical, quiescent phase, the spectrum
shows a narrow component (FWHM ≈ 80 km s−1) and a
broader component, larger than the clump circular velocity.
When examined after a peak in the local SFR (caused by
the swallowing of surrounding gas by the clump), a broad
and irregular spectrum is obtained, corresponding to the more
disturbed morphology of the same clump on the fourth panel of
Figure 5.

We performed the same exercise for all clumps in our samples
and display the median stacked spectrum on Figure 11, after

rescaling the velocities by a factor
√

109/Mc where Mc is the
mass of the clump in solar masses, i.e., normalizing the baryonic
mass of clumps to 109 M⊙ at all times. The characteristic stacked
spectrum displays a narrow component and a broad component,
well-fitted by the sum of two Gaussians of respective widths
93 and 424 km s−1 FWHM. This velocity widths are close
to the circular velocity,17 and above the local escape velocity,
respectively, for a normalized clump mass of 109 M⊙. The best
fit for the stacked spectrum is obtained with 32% of the gas mass
in the broad component.

We can confirm in our simulations that this broad component
in the spectrum of clumps corresponds to a gas outflow,
rather than infall. First, they are obtained with quasi-face-on
orientation, so there is little fuel for infall onto clumps along
the line of sight in our idealized experiments. Second, gas in
the broad component has temperatures if the 104 − 5 × 106 K
range, indicative of heating by stellar feedback processes. Third,
the broad component above ∼200 km s−1 typically contains
7 × 107 M⊙ of gas mass, which is able to escape from a kpc-
sized clump in ∼107 yr, consistent with our direct measurements
of outflow rates at a few solar masses per year. This lends support
to the idea that similar broad components in observed spectra of
high-redshift giant clumps (e.g., Shapiro et al. 2009; Genzel et al.
2011; Newman et al. 2012a) would be most likely attributable
to outflows. The velocity of the gas outflowing from the clumps
scales with both clump mass and galaxy mass (Figure 12),

16 Equivalent to 0.07 arcsec FWHM at z ≈ 2.
17 The FMHW of the narrow component is, in detail, somewhat lower than the
circular velocity, which comes from the fact that these spectra were obtained
for quasi-face-on galaxy orientations, and the giant clumps tend to be
relatively aligned with the galaxy disk (Ceverino et al. 2012), which reduces
the apparent face-on velocity amplitude.
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Figure 7. Birth of a gas outflow from a long-lived giant clump in model G’2. The entire galaxy is shown edge-on to the top (gas column density maps) after 90 and
270 Myr in the simulation, i.e., shortly after clump formation and at a more evolve stage. A giant clump is tracked and is shown in the inset maps of the mass-weighted
average number density of gas (in cm−3) and vertical velocity perpendicular to the disk plane (in km s−1). At the early stage, shock fronts are formed by the outflowing
gas onto the hot and diffuse halo surrounding the galaxy, with number densities of 10−2–10−1 cm−3 and velocities around 200 km s−1. Later on a higher-velocity
outflow escapes the clump region at velocities of 300–400 km s−1 with densities of a few 10−2 cm−3, corresponding to an outflow rate of 1–2 M⊙ yr−1 across a
section of 1 kpc2. Note that the outflow continues to be accelerated at more than 1 kpc above the disk mid-plane, because of a pressure gradient, which turns the local
outflow into a global galactic-scale outflow. A movie is available (http://youtu.be/Qm5-SkgnDYs) to show the development and expansion of gaseous outflows from
clumps to galactic scales.

(A color version of this figure is available in the online journal.)

with a tighter relation when considering the entire galaxy mass.
This shows that giant clumps can launch gaseous outflows that
are rapid enough to escape the galactic potential well, even in
high-mass galaxies. As previously said, more massive galaxies
have more numerous and more massive clumps; and hence, the
outflows initiated in the giant clumps can reach higher velocities
there.

It is interesting to note that the observed velocity of gaseous
outflows in Newman et al. (2012a), which are known to be
largely launched by giant clumps (Genzel et al. 2011), scales
with galaxy mass, which appears to be consistent with our
results. More generally, the global properties of the outflows
in our simulations (wind velocity, outflow rate compared with
SFR, density range) are consistent with existing observational

constraints at z ≈ 0.5–2 (Kornei et al. 2012; Rubin et al. 2013;
Martin et al. 2013). These observations target high-redshift star-
forming galaxies: these are not selected for clumpiness, but
as a matter of fact these galaxies are generally very gas-rich,
violently unstable, with significant clumpiness in 50%–70%
of cases in the optical and near-infrared (Elmegreen et al.
2007; M. Mozena et al., in preparation; Y. Guo et al., in
preparation). Our simulations are even consistent with the
observed dependance of outflow velocities on galactic mass
(Bordoloi et al. 2013). Hence, our feedback model produces
realistic outflows, although the outflow velocity or mass loading
are not imposed a priori in our feedback modeling, and indicates
the star-forming clumps can be efficient launching sites for the
outflows without being rapidly disrupted.
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Figure 8. Time evolution of the SFR (thick solid line), outflow rate (thick dashed line), gas infall rate (thin dashed line), and stellar evaporation rate (thin solid line),
for three representative clumps. We picked the longest-lived clump in each of the three fiducial simulations to increase the sampling of possible events. Gaussian
smoothing of FWHM 40 Myr was applied to all quantities for clarity. The SFR and outflow rate typically increase after periods of intense accretion of the surrounding
diffuse gas and/or smaller clumps. There is also an initial burst of star formation when the each clump initially collapses (t = 0 is the beginning of each simulation,
and the first data points are 20 Myr after the first detection of each clump).

(A color version of this figure is available in the online journal.)

Figure 9. Left: statistical distribution of the outflow rate to SFR ratio at the scale of giant clumps. The thick histogram is for the cumulated distribution in the fiducial
runs G1, G2, and G3. The dashed histogram is for run G’2 (normalized to the same maximum), in this run weaker supernovae feedback is employed along with the
same radiation pressure model. The difference shows that the birth of outflows is not ensured solely by radiation pressure, but that supernovae explosions or at least
their coupling with radiation pressure play a significant role. Right: rate of gas accretion by the clumps, for the fiducial runs G1, G2, and G3. It is of the order or
slightly larger than the gas outflow rate.

3.3. Dynamical Loss of Aged Stars

The release of material by a clump is not limited to gas
outflows. Tracking individual star particles throughout the
simulations, we actually measure that a large fraction of stars
captured by a clump during its initial collapse, or formed in situ

in the clumps, can gradually escape from the clump in a few
108 yr.

Independently from any feedback-driven gas outflows, it was
already noted by Elmegreen et al. (2005) that typical clumps
are not tightly bound compared with the tidal field of their host
galaxy, with densities only a factor 10 above the limiting tidal
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Figure 10. Line-of-sight velocity distribution (i.e., synthetic spectrum) of clump 2C, observed with a beam 600 pc FWHM, with an almost face-on orientation of
the host galaxy. Left: the system is shown during its peak of outflow activity after a big gas cloud was absorbed (see Figure 5 and 8), the clump spectrum is broadly
irregular with several high-velocity components. Right: we show the system in a calmer phase, 80 Myr later, when the mass outflow rate is marginally higher than the
SFR. A double-Gaussian profile is observed, as in the stacked spectrum for all clumps shown in Figure 11.

Figure 11. Median stacked spectrum comprising all the studied clumps (left: linear scale—right: log-scale), after rescaling each individual spectrum to the same clump
mass (see text). The stacked spectrum is well fitted by a double Gaussian model (dashed), according to which the broad component contains 32% of the gas mass
(a significant part of which, but not all, is above the clump escape velocity), 68% is in the narrow component (bound to the clump). In our simulations, the gas in the
broad component is hot (!104−5 K), outflowing gas.

Figure 12. Outflow velocity for each clump, measured as the average FWHM of the broad spectral component for each individual clump (spectra are extracted every
40 Myr and stacked), as a function of galaxy mass (left) and average clump mass (right). The open symbols are for model G’2.

density, so that their outer parts could be significantly affected by
tidal stripping. Previous simulations did find that stars formed
in a clump can gradually escape the clump because of their
increasing velocity dispersions over time and because of the
galactic tidal field (see, for example, BEE07), and the released

stars were proposed to fuel the thick disk (Bournaud et al. 2009).
The same effect is present in our simulations, in somewhat larger
proportions, presumably because the gas outflows both regulate
the growth of the clump mass and increase the stellar escape
rate from the shallower local potential well.
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To quantify the dynamical loss of stars by clumps, we measure
the mass of stars present in the clump at a given time and that
have left the clump later on.18 The fact that the obtained quantity
is always positive confirms that it corresponds to the loss of in
situ material and is not significantly affected by chaotic entry
and escape of stars formed elsewhere. This typical “stellar loss
rate” is 0.2–2 M⊙ yr−1 for giant clumps, somewhat lower but
of the order of their internal SFR. The clumps can release aged
stars almost at the rate at which they form new stars.

To quantify the effect on the observable stellar ages of the
clumps, we examine relatively old clumps in our simulations.
For each of the eight clumps tracked in our fiducial runs, we
“observe” it at the last snapshot before it enters the central
kiloparsec, i.e., at a relatively advanced stage—the idea being
that young clumps cannot have their stellar content severely
affected by the long-term loss of stars. The “aged clumps”
picked this way have ages ranging from 230 to 730 Myr, on
average 400 Myr. Then, for each of these clumps, we identify the
stars that have formed in the clump at any time, independently
of their final location. We find that the median age of stars
that have formed in a given clump is about half of the real
age of the clump (Figure 13, dashed curves). This is because
the clumps maintain a relatively constant star formation history
owing to external gas accretion. Then, we identify the stars that
are present in each clump at the “observed” time, and we find
that because a higher fraction of aged stars have escaped from
the clump, the median age of stars lying in a clump is less than
half of the real age of the clump (Figure 13, solid curves). Our
sample of “aged clumps” have a median real age of 420 Myr
(ranging from 230 to 730 Myr), but the age of the stars that
they contain has a median of 150 Myr (ranging from 120 to
210 Myr).

The effect is weaker for younger clumps. We show in
Figure 14 the median age of the stellar populations contained
in a clump as a function of the real clump age, as gathered
from our entire sample. The median age of stellar populations
saturates around 200 Myr even for older clumps, because the
non-declining SFR is comparable to the gradual dynamical
loss of older stars. Note that clumps do capture preexisting
stars during their initial collapse, as expected for a two-fluid
instability (Fellhauer et al. 2006; Elmegreen 2011); and thus,
very young clumps can have a median stellar age older than the
clump itself, as also seen in Figure 14.

We also learn that the stellar mass of clumps is regulated,
as the rate of new star formation is not much larger than the
stellar escape rate; thus, the stellar mass in a given clump
does not strongly increase over time. The average stellar mass
fraction in the clumps at 100–200 Myr of age is 18% (the
remaining 82% is gas), and it only marginally increases to 23%
in the 400–600 Myr age bin. Hence, the contribution of clumps to
the stellar mass distribution is weaker than their contribution in
the spatial distributions of gas and star formation. As illustrated
in Figure 15, the contrast of clumps w.r.t. surrounding disk
material in stellar mass density maps is low, typically less than
a factor two. The clumps are much more contrasted in the
equivalent optical light image (in which recently formed stars
are more prominent), which compare favorably to real galaxies
at high redsfhit (Figure 15).

18 We subtract from this quantity the mass of stars lying outside the clump at
the former instant and found in the clump and the latter one, which means that
the measurement is corrected for potential rapid entry/re-escape of preexisting
background stars from the large-scale disk, which is found to be a relatively
minor quantity.

3.4. Accretion Rate Onto the Clumps

Comparing the gas mass of clumps and the measured outflow
rate, we infer the rate of gas accretion by the clumps, which
would be hard to measure directly given the non-Lagrangian
nature of the gas component in our simulations. The result
is shown for several clumps in Figure 8. The obtained value
is sometimes negative, which traces the uncertainty in other
quantities and/or the potential tendency to slightly under-
estimate the outflows.19 The average of the positive values is
five times larger than the absolute average of the negative values,
confirming that the uncertainty is relatively small, and that we
are measuring net inflow.

The gas accretion rate by the clumps is typically
2–15 M⊙ yr−1, with the peak values corresponding to the ac-
cretion of smaller gas clouds (some of which are visible in the
simulations snapshots), while the lower background values cor-
respond to continuous accretion of diffuse disk material. This
accretion rate is higher during the first 50 Myr, when each clump
is initially collapsing (Figure 8), then it fluctuates about a level
of a few M⊙ yr−1.

The accretion rates measured in our simulations are consistent
with those predicted analytically by Dekel & Krumholz (2013).
The predicted rate of capture of gas by a massive clump in a disk
is α ρd R2

tid σd with α ≈ 1/3 (Dekel & Krumholz 2013), where
ρd is the typical density of gas in the disk, σd the gas-velocity
dispersion, and Rtid is the tidal radius beyond which gravitational
forces from the galaxy dominate w.r.t. the internal gravity of
the clump. We apply this to galaxy G2, where the measured gas
velocity dispersion is σd = 44 km s−1, and the gas density in the
mid-plane at the half-mass radius is 2.3 M⊙ pc−3. The average
mass of clumps 2A, 2B and 2C (averaged over the clumps and
over time) is 7.8 × 108 M⊙. The tidal radius at which forces
from the galaxy (of mass20 1.2 × 1011 M⊙) and from the clump

are roughly equal21 is Rtid ≈
√

7.8 × 108/1.2 × 1011 × Rgal,
where Rgal = 3.3 kpc is the half-mass radius of this galaxy.
This gives Rtid ≃ 266 pc, so the predicted average accretion
rate onto the clumps is about 7 M⊙ yr−1. The average measured
value in our simulation, after the first 100 Myr during which
the clumps are collapsing with high infall rates, is 5.3 M⊙ yr−1,
very consistent with the simplified analytic estimate provided
by Dekel & Krumholz (2013).

4. DISCUSSION

4.1. Observed Outflows and Stellar Populations

The recently detected outflows in giant clumps at z ≈ 2 have
gas outflow rates of ≈1–2 × SFR, with perhaps extreme cases
up to 8 × SFR (Genzel et al. 2011; Newman et al. 2012a). About
60% of the clumps in our models are in this range. Given that
accurately resolving the clumps requires high sensitivity and
adaptive optics, the observed samples remain very small and
mostly consist of the brightest clumps in the most massive disk
galaxies: their individual mass and SFR are typically higher than

19 As explained in Section 3.2, we chose to measure the outflowing component
perpendicular to the disk, the outflow around spherical boundaries being
somewhat larger, but consistent. This choice was made to be conservative in
the estimated outflow rates. The negative values of the estimated gas accretion
rate onto the clumps can thus correspond to gas that leaves the clumps within
the disk plane, either because of in-plane feedback-driven outflows, or because
of tidal stripping of the gaseous component.
20 Including the mass of dark matter inside the galaxy half-mass radius.
21 If we approximate both the clump and the galaxy with two point masses on
a circular orbit.
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Figure 13. Cumulative age distribution of stars present in clumps, for a selection of relatively old clumps (see text). The dashed line shows for comparison the
cumulative age distribution of all the stars that formed in each given clump, regardless of their location (in or outside the clump) at the analyzed instant, and normalized
to the same final value for clarity. Three numbers are given in Myr for each case: median age of the stars that lie in the clump at this instant/median age of the stars
that have formed in the clump (but may not lie in the clump anymore)/actual age of the clump main progenitor as tracked in the simulation. The typical age of stars in
an evolved clump is rarely larger than 200 Myr, even for clump ages of 300–600 Myr and more.
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Figure 14. Median age of the stars contained in the clump, as a function of
the clump age. We show the average measurement, for all clumps in each age
bin of 100 Myr. Clumps of 500 Myr and more contain stars of typical age
"200 Myr, because of the dynamical loss of older stellar populations. Young
clumps of 100 Myr and less can have an average stellar age larger than the actual
clump age, because they capture preexisting stars during their initial collapse.
We assumed random ages from 0 to 1 Gyr for the stars present at the beginning
of the simulation.

in the more “typical” clump selected in our models, which might
lead to different trends in the outflow rate to SFR ratio (stronger
activity, but deeper potential wells). Given these limitations,
and despite the strong agreement between our fiducial models

and observations, it is probably premature to assume that our
alternative model with reduced supernova feedback, which
typically produces outflow rates somewhat lower than the SFR,
is less realistic. Nevertheless, the comparison of this model with
our fiducial ones shows that supernovae do play a role in clump-
scale outflows, the rate of which is not determined solely by the
momentum injection through other feedback modes.

Our simulations are also in agreement with the observed
stellar populations. The continuous accretion of mass by the
clumps keeps their gas mass about constant, and their star
formation histories are relatively flat (with large fluctuations,
but without a significant systematic trend). Wuyts et al. (2012)
indicate a typical age for stellar populations of 100–200 Myr,
assuming exponentially decaying star formation histories. This
assumption can somewhat underestimate the age of stellar
populations with more constant SFR histories (Maraston et al.
2010). The continuous re-formation of young stellar populations
in the clumps, coupled with the gradual tidal loss of aged stars,
make the clumps of real age 300 Myr and above appear as
containing a median stellar age of about 200 Myr. This effect,
already noted22 in Bournaud et al. (2007), puts our simulations
in agreement with the typical observed stellar ages in the
clumps.

22 The effect was somewhat weaker in the Bournaud et al. (2007) models,
presumably because the lack of gaseous outflows maintained a deeper
potential well that could retain the stars on longer timescales.

Figure 15. Stellar mass map and optical light image of galaxy G2 at t = 500 Myr. The optical light image is generated assuming that the mass-to-luminosity ratio of
stellar populations is constant during 10 Myr, and subsequently decreases as t−0.7. The contrast clump in stellar mass maps is much lower than in optical images or
gas density maps. For example, the clump visible to the top is clump 2C, which has formed 400 Myr ago in the outer disk. On the right panel, logarithmic isodensity
contours with a spacing factor of 1.5 between contours are overlaid (i.e., the level of a given contour is 1.5 times the level of the previous one). It shows that on such
stellar mass maps, the peak surface density of a clump is only 1.5–2 times that of the surrounding material. Here, we applied Gaussian smoothing with FWHM of
200 pc, lower than the clump size, and no noise was added, so the low contrast of the clumps is not an effect of dilution at low resolution. Note that the typical resolution
of Hubble Space Telescope (HST)/WFC3 imaging may lead to some extra decrease in the clump contrast because of lower-resolution beam smearing. On the bottom,
we show the HST/ACS and HST/WFC3 observations of two clumpy galaxies from the Elmegreen et al. (2007) sample, UDF 1971 and UDF 968. The clumps have a
low contrast in the near-infrared but the optical images are much more clumpy with giant clumps, smaller clouds, some spiral features, and offset centers, similar to the
advanced stages in our clumpy galaxy simulations. Note that the small knots seen around these two UDF galaxies are not minor mergers or satellites, but background
galaxies (at least for most of them, the photometric redshift is much larger). The typical range of clump masses measured by Elmegreen et al. (2007) is consistent with
our current set of models.

(A color version of this figure is available in the online journal.)
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4.2. Short-lived Clump Models

Other numerical simulations of high-redshift clumpy disks
have used strong momentum-driven feedback to model short-
lived clumps (Genel et al. 2012b; Hopkins et al. 2012). In
addition to using a high trapping factor for photons, providing
high momentum to the gas, these models assumed that the initial
outflow velocity should be equal to the local escape velocity
from the galaxy or from the clump (multiplied by a scaling factor
close to unity). This hypothesis maximizes the deduced mass
loading of the outflows. For a given momentum m× v, this puts
the highest possible gas mass m above the escape velocity. The
observed wind velocities may actually be larger (Genzel et al.
2011), which would reduce the involved mass for a given amount
of momentum. In addition, the hydrodynamic interaction was
also suppressed over some distance in the Genel et al. (2012b)
models, preventing dilution of the outflow momentum and thus
boosting up the mass loading. In contrast, in our simulations,
we evaluate the outflow properties of velocity and mass loading
from the physical elements of the feedback processes, and we
find that some components in the outflows are much more
rapid than the escape velocity (up to 500 km s−1 in agreement
with data), in which case the resulting mass loading is lower
for the available momentum. In contrast, some regions in the
outflows have moderate velocities (around 100 km s−1) and
remain eventually bound in the clump’s potential well unless
they exchange momentum with other components.

These other simulations with very extremely strong feedback
have demonstrated that it is possible to find combination of
star formation efficiencies and feedback schemes that allow
clumps to gather about 109 solar masses of baryons for a
short time before clump disruption. However, the arbitrarily
strong feedback imposed disrupts the clump within typically
30–50 Myr, which appears very short compared with observed
stellar populations ages up to 200 Myr, and other clumps do
not re-form on an equally short timescale. Hence, it is rather
unlikely that short-lived clump models could account for the
high frequency of giant clumps in high-redshift disks and the
200 Myr-old stellar populations found in these clumps.

4.3. Long-lived Clump Models

The direct interpretation of the models presented here is that
the inclusion of radiative feedback, and the observations of
outflows launched by giant clumps and relatively young stellar
ages in the clumps, are fully consistent with long-lived clumps
that keep their mass roughly constant about the initial Jeans
mass, drive an inflow throughout the disk, and migrate radially,
promoting bulge growth (in realistic proportions, as further
discussed in the next subsection). It does not mean that this
long-lived clump model is the most realistic one: models with
stronger feedback and short-lived clumps remain a potentially
viable alternative.

A full parametric study of feedback and the detailed depen-
dence of clump lifetime on feedback efficiency is beyond the
scope of the paper, given the cost of simulations with the spatial
and mass resolution used here. We nevertheless note that we
have varied the timescale for the dissipation of energy injected
by supernovae, and the resolution, without reaching significant
variation in the clump properties and evolution (comparing in
particular models G1 and G’2). We also note that other studies
using very different feedback schemes also find realistic out-
flows with long-lived clumps (e.g., Perez et al. 2013), suggest-
ing that long-lived clumps are the natural outcome over a broad

range of feedback parameter. At the opposite short-lived clumps
have been obtained so far only with very strong radiative feed-
back attributed to very efficient photon trapping in the dense gas
clouds. Such high trapping factors are not favored by systematic
study of radiative feedback in cosmological simulations, be-
cause they lead to the quasi-absence of thin disks in present-day
spirals, and also lead to strongly deficient amounts of star for-
mation below z ≈ 2, especially compared with those achieved
at higher redshift (Roškar et al. 2013). At the opposite, moderate
photon trapping factors of about a few units, as assumed in this
study, are found to result in star formation histories consistent
with the plausible range supported by observations, and to re-
main consistent with the presence of thin star-forming disks in
z = 0 spirals. This suggests that the feedback parameters used in
this study are more realistic, yielding further (but indirect) sup-
port to the long-lived clump picture. Note also that the ejection
of gas from the clumps and the resulting loss of aged stars occur
at realistic rate in our current simulations, resulting in a range of
stellar ages in the clumps very consistent with the observations.
Simulations with increased star formation and feedback efficien-
cies will be presented in V. Perret et al. (in preparation) showing
that stronger feedback increases the rates of gas ejection and
reaccretion and of associated stellar loss, yielding stellar ages in
clumps systematically younger than the observed range. This is
another indication that the current model could be the most re-
alistic solution, given the existing theoretical and observational
constraints.

4.4. The Regulated Growth of Bulges

The inclusion of realistic outflows in our current model
induces several interesting differences compared with previous
long-lived clump models. The baryonic mass of clumps is,
on average, constant over their inward migration in the disk.
Models without feedback or limited to weak supernova feedback
found clumps whose mass was steadily increasing along their
inward migration, because of the same process of continuous
mass accretion as in the current models (e.g., Noguchi 1999;
Bournaud et al. 2007, see also the clump growth in the “no wind”
models by Genel et al. 2012b). The continuous mass accretion by
clumps can be largely compensated by gaseous outflows23 in our
new models, and as a result the mass of clumps when they reach
the galactic center is regulated to 0.2%–2.4% (on average 0.8%)
of the galaxy baryonic mass in our current simulation sample.
Furthermore the loss of aged stars and reaccretion of gas keeps
much of this mass gaseous, with an average gas fraction in the
clumps in our sample of about two thirds, and an average stellar
mass of 3 × 108 M⊙.

If a generation of clumps contains 5–10 clumps, each con-
veying 3 × 108 M⊙ of stars to the bulge in ≈500 Myr, and three
such generations span a galaxy’s life in the z ≈ 3–1 range,
this mechanism overall provides about 7 × 109 M⊙ of stars to
a bulge component—which would be a “classical” bulge for a
clump coalescence mechanism (Elmegreen et al. 2008a). This is
a rather reasonable mass for galaxies with stellar masses reach-
ing several 1010 M⊙ by redshift zero. The clumps will also carry
gas inward (through their migration if they are long-lived, and
through the general instability-driven inflow in any case) but if
the gas preserves a significant angular momentum it may form
the inner regions of exponential disks, or a disky (pseudo-)bulge
(see also Inoue & Saitoh 2012). Hence, there is not necessarily

23 Stellar loss was present in previous models, but probably weakened by the
deeper potential wells associated to the absence of gaseous outflows.
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over-production of bulges in such a long-lived clump model.
Alternatively, the instability-driven inflow may grow a spheroid
in which central star formation is continuously fuelled with the
appearance of “blue nuggets” (A. Zolotov et al., in prepara-
tion; Barro et al. 2013). A detailed budget of bulge growth and
disk survival in our current clumpy disk models, and in similar
models of high-redshift mergers, will be presented elsewhere
(V. Perret et al. 2013, in preparation).

Many of the observed high-redshift clumpy galaxies are al-
ready more massive at z ≈ 2 than today’s Milky Way, and
are not expected to remain disk-dominated until redshift zero.
Smaller galaxies, with the typical mass expected for a Milky
Way like progenitor at z ≈ 2, also seem clumpy in their mor-
phology (even perhaps down to lower redshifts Elmegreen et al.
2007; Bournaud et al. 2012), and their apparently “dispersion-
dominated” kinematics are also typical for clumpy disks once
studied at high resolution (Newman et al. 2012). It appears in our
simulations that such lower-mass galaxies tend to have some-
what lower-mass clumps. Over a 1 Gyr long period, our low-
mass model G3 forms only four clumps more massive24 than
4 × 108 M⊙, while 12 such clumps are found in the high-mass
model G1. Given that lower-mass clouds are easily disrupted
by feedback (and that the associated outflows may more easily
escape the galactic potential well), the relative contribution to
bulge growth should be weaker in low-mass galaxies. This could
naturally explain the correlation between stellar mass and bulge
fraction along the Hubble Sequence, but should be studied with
physically motivated feedback models in full cosmological con-
text so as to encompass the full duration of clumpy phases. It
is observed that lower-mass galaxies can form clumps at lower
redshifts, but with more modest clump masses (Elmegreen et al.
2013).

The bulges that grow in our models, in addition to being
reasonably massive, are very gassy, because the clumps evolv-
ing with realistic feedback remain gas-dominated—simulations
with weak supernovae-only feedback produce clumps whose
mass and stellar fraction were increasing over time. Note that
Perez et al. (2013) also studied the evolution z ≈ 2 unstable
disks, using on a fairly different stellar feedback model, also
producing realistic outflows and wind mass loading along with
long-lived clumps, and also conclude that the growth of bulges
occurs in reasonable proportions considering the stellar mass
of the involved galaxies. Although we defer the analysis of the
structural properties of bulges in our current model to a subse-
quent paper, we here speculate that these bulges could often re-
semble pseudo-bulges, since they form as gas-rich central mass
concentrations. Relatively stochastic growth of a pseudo-bulge
could thus likely take place in these systems. The instability-
driven inflow can grow the central supermassive black hole
(SMBH) in a more continuous way, as predicted in simula-
tions and supported by the high AGN fraction in clump disks
(Bournaud et al. 2012) and the high AGN fraction in high-
redshift star-forming galaxies in general (Mullaney et al. 2012;
Juneau et al. 2013). Steady SMBH feeding along with more
stochastic (pseudo-)bulge growth could thus be a path to explain
the poor correlation between SMBH mass and pseudo-bulges
(Kormendy et al. 2011). Note that if an intermediate-mass or
SMBH lies inside a clump, it may undergo rapid25 mass seg-
regation and lie closer to the clump center than the stars, on

24 Staying above 4 × 108 M⊙ for at least 40 Myr.
25 The mass segregation timescale would typically be about 1–10 Myr for a

105−6 M⊙ black hole in a giant clump.

average, and therefore not be as likely to evaporate or leave the
clump as the stars do. Such black holes could potentially migrate
to the central bulge and SMBH (Elmegreen et al. 2008b), pro-
moting a high SMBH to stellar mass ratio there if bulge growth
is more regulated by escape of aging stars from the migrating
clumps.

4.5. Self-regulation of the Clump Mass

We have noted in the previous parts that when the SFR of
a given giant clump increases, its outflow rate also increases,
and generally in larger proportions (at least when averaged
over time periods of 40 Myr, Figure 7). We here suggest that
this response can compensate for episodes in which the mass
of a giant clump tends to grow, for example, when a smaller
clump is swallowed. The strong subsequent outflows can prevent
growth of the clump mass. Without this, the ability of clumps
to accrete surrounding material would increase and their mass
would continue to increase.

For an SFR = S expressed in M⊙ yr−1, the outflow rate can
be written as Sq and the best fitting exponent in our models is
found26 to be q ≈ 2.2. This is a crude description of the feedback
behavior, but it captures the fact that moderate increases in the
SFR can turn into larger increases in the outflow rate, as seen in
the individual tracks on Figure 8. In a steady state the accretion
rate should be A ≈ (1 + ϵescape)S + Sq to keep the clump mass
constant, where ϵescape ≈ 0.5 is the fraction of stars formed
in the clump that eventually escape the clump (after a time
delay of the order of 200 Myr in our simulations, neglected
here). A clump forming in a non-turbulent medium would have
a mass accretion rate equal to the Jeans mass divided by the
gravitational freefall rate, during its initial collapse phase. This
quantity is A = σ

3/G. Since the giant clumps of high-redshift
galaxies move rapidly in a turbulent disk, the surrounding
reservoir is continuously replenished at the ambient disk density,
keeping this accretion rate constant. The steady state condition
is thus (1+ϵescape)S +Sq

= σ
3/G with q = 2.2. Hence, a typical

clump forming stars at a rate of 2 M⊙ yr−1 can live in steady state
if its binding velocity dispersion is 38 km s−1, which is close
to the measured dispersions in our models (Section 3.1), and
in the molecular gas of high-redshift galaxies. The somewhat
higher dispersions measured in the simulations (38–53 km s−1)
may result from the tidal stirring of clumps, otherwise the
excessive binding would lead to a steadily increasing clumps
mass. Modeling the feedback response with a power law as done
here is of course arbitrary, but the global idea is that there is a
steep response where a moderate increase in the accretion rate
and SFR can be followed by a stronger increase in the outflow
rate (as previously see in Figure 8), leading to self-regulation of
the clump mass.

5. SUMMARY AND IMPLICATIONS

We have presented simulations of high-redshift clumpy disk
galaxies with a new implementation of photoionization and radi-
ation pressure feedback, in addition to supernova feedback, and
a physically motivated estimation of the wind mass loading. Pre-
vious models had considered only weak supernovae feedback
models or had used strong feedback recipes generating high-
velocity outflows with ad hoc high-mass loading factors. This
paper has focused on the properties and evolution of the giant
clumps of 108−9 M⊙ typically found in these galaxies, and the
associated birth of outflows. The main findings are as follows:

26 Best fit for the SFR and gas outflow rate averaged over 40 Myr time bins.
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1. The physically motivated model for photoionization and
radiation pressure feedback from Renaud et al. (2013),
used either with a simple thermal model for supernovae
feedback or the non-thermal model from Teyssier et al.
(2013), produces massive gas outflows from the giant
clumps, with outflow rates at the scale of individual clumps
of the order of the SFR and up to 10 times the SFR over the
short periods, where the SFR in a clump is 1–2 M⊙ yr−1.
The outflow properties are consistent with observations.
Comparison of various models indicate that the outflow
rate is not determined solely by radiation pressure, but is
also influenced by the energy injection from supernovae.

2. The giant clumps survive for several 108 yr, until they mi-
grate through torques and dynamical friction and coalesce
centrally after a few hundred Myr. Their mass remains about
constant in spite of the gaseous outflows. This is because
the clumps are wandering in a gas-rich turbulent disk, from
which they constantly accrete gas at a rate of a few M⊙ yr−1,
compensating for the mass loss. Feedback-driven outflows
ensure regulation of the clump mass after periods of high
accretion rates.

3. The continuous accretion of gas sustains long-lasting star
formation histories with relatively constant SFRs. The
average age of stars in a giant clump is significantly younger
than the age of the clump itself. In addition, the stars that
form in a clump gradually leave the clump through tidal
stripping, and up to half of the stars formed in situ at a
given time can have left the clump 200 Myr later. This
preserves young stellar populations (!200 Myr), even in
older clumps.

4. Bulge growth through instability-driven inflow, clump mi-
gration and coalescence, occurs in reasonable proportions
on the current long-lived clump models, especially because
the mass of clumps is self-regulated. Clump migration
brings stellar mass to the central bulge at an average rate
of 1–10 solar masses per year, over a timescale of 500 Myr
for a single generation of clumps or more if cosmologi-
cal accretion helps to re-form clumps. This typically grows
a bulge of 109−10 M⊙ for present-day galaxy masses of
1010−11 M⊙, which is a reasonable bulge fraction. Further-
more, given the high fraction of gas in the material con-
veyed by the clumps, a large fraction of the central mass
may evolve into a disky pseudo-bulge. As for more mas-
sive clumpy galaxies at z ∼ 2, many of them evolve into
ellipticals by z = 0 and the instability-driven and clump-
driven spheroid growth may be an important ingredient in
this evolution.

The observed clump properties in z = 2 galaxies (outflows
and stellar content) are fully consistent with this long-lived
clump model. Hence, the clumps, even if they represent a
limited fraction of the total stellar mass, and more generally the
associated violent disk instability, can have a major dynamical
influence as studied in previous works: migration to the central
bulge, fueling of bright AGN phases up to the Eddington
rate (Gabor & Bournaud 2013, inside-out growth of a thick
exponential stellar disk (Bournaud et al. 2007), and perhaps
also globular cluster formation (Shapiro et al. 2010) and dark
matter cusp erosion (Inoue & Saitoh 2011). Our feedback model
shows that observations of outflowing gas and young stellar
populations do absolutely not imply that clumps have to be short-
lived transient features. However, since the strength of stellar
feedback, and in particular the efficiency of photon trapping in
the ISM, remains debated, it remains interesting to consider

models with extreme strong feedback (Genel et al. 2012b;
Hopkins et al. 2012) as a potentially viable alternative.27 These
models differ by two aspects. First, they assume a very efficient
trapping of the photons emitted by young stars, maximizing the
feedback efficiency beyond theoretical expectations (Krumholz
& Thompson 2012; Dekel & Krumholz 2013). Second, they
impost the wind velocity to be equal or close to the local escape
velocity, which maximizes the mass loading of the winds. Using
a different approach to estimate the mass loading of momentum-
driven winds from physical considerations (Renaud et al. 2013)
we found here that the wind velocity can be higher, reducing the
involved gas mass for a given amount of available momentum.
Observations of a radial gradient in the stellar age of clumps
(Förster Schreiber et al. 2011; Guo et al. 2012) suggests that
real clumps do live long enough to migrate radially. Given that
the gradient in real clump age should be steeper than in stellar
age (Figure 14), these data do actually suggest lifetimes of a
few 108 yr. Further support to the long-lived clump picture
is provided by the parametric study of radiative feedback by
Roškar et al. (2013), showing that very high trapping factors
of photons in dusty clouds, which seem required to make
giant clumps short-lived, are inconsistent with the observed star
formation histories and the survival of thin gaseous disks in
nearby spirals (see discussion in Section 4.3). At the opposite,
long-lived clumps are obtained with a variety of feedback
schemes producing realistic outflows (see, for example, Perez
et al. 2013 and this study).

The fact that clumps continuously lose mass and reaccrete
gas does not mean that they are permanently disrupted and
reformed—as illustrated in our time series, the clumps are
persistent structures that are permanently present with a roughly
constant mass. When a clump is analyzed at a given time and
100 Myr later, it still contains about 80% of its initial baryons.
Over a lifetime of 300–500 Myr, a typical clump will lose about
50%–65% of its initial baryonic mass (through gas outflow and
dynamical loss of stars), and will reaccrete a comparable amount
of gas. The clumps in unstable disks have a wave-like behavior
like spiral arms in lower-redshift galaxies, with the interesting
analogy that spiral arms have a very weak contrast in the near-
infrared and in stellar mass maps, and mostly contain very young
stellar populations and unvirialized molecular clouds, but are
density waves that have propagated in the disk for timescales of
109 yr or more, with important dynamical impact (e.g., Puerari
et al. 2000). A noticeable difference is that the timescale for
mass exchange is longer for the high-redshift giant clumps, and
complete renewal of their mass content does not occur faster
than clump migration to the galaxy center.

We are grateful to Sarah Newman and Reinhard Genzel for
useful comments on the properties of observed outflows, and the
anonymous referee for constructive comments. The simulations
presented in the work were performed at the Très Grand Centre
de Calcul of CEA under GENCI allocations 2012-GEN 2192
and 2013-GEN2192, and at the LRZ SuperMUC facility under
PRACE allocation number 50816. We acknowledge financial
support from the E.C. through an ERC grant StG-257720
(F.B., F.R., J.M.G., K.K.) and the CosmoComp ITN (J.M.G.,
F.B.). A.D. was supported by ISF grant 24/12, by GIF grant

27 Eventually, unambiguous determination of the effects of photon trapping
would require full radiative transfer hydrodynamic simulations with sufficient
resolution to resolve the size of young ionized regions in dense gas, i.e.,
parsec-scale resolution.
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ABSTRACT

Context. Processes driving mass assembly are expected to evolve on different timescales along cosmic time. A transition might happen
around z ⇠ 1 as the cosmic star formation rate starts its decrease.
Aims. We aim to identify the dynamical nature of galaxies in a representative sample to be able to infer and compare the mass
assembly mechanisms across cosmic time.
Methods. We present an analysis of the kinematics properties of 50 galaxies with redshifts 0.9 < z < 1.6 from the MASSIV sample
observed with SINFONI/VLT with a mass range from 4.5 ⇥ 109 M⊙ to 1.7 ⇥ 1011 M⊙ and a star formation rate from 6 M⊙ yr−1 to
300 M⊙ yr−1. This is the largest sample with 2D kinematics in this redshift range. We provide a classification based on kinematics as
well as on close galaxy environment.
Results. We find that a significant fraction of galaxies in our sample (29%) experience merging or have close companions that may
be gravitationally linked. This places a lower limit on the fraction of interacting galaxies because ongoing mergers are probably also
present but harder to identify. We find that at least 44% of the galaxies in our sample display ordered rotation, whereas at least 35%
are non-rotating objects. All rotators except one are compatible with rotation-dominated (Vmax/σ > 1) systems. Non-rotating objects
are mainly small objects (Re < 4 kpc). They show an anti-correlation of their velocity dispersion and their effective radius. These low-
mass objects (log Mstar < 10.5) may be ongoing mergers in a transient state, galaxies with only one unresolved star-forming region,
galaxies with an unstable gaseous phase or, less probably, spheroids. Combining our sample with other 3D-spectroscopy samples, we
find that the local velocity dispersion of the ionized gas component decreases continuously from z ⇠ 3 to z = 0. The proportion of
disks also seems to be increasing in star-forming galaxies when the redshift decreases. The number of interacting galaxies seems to
be at a maximum at z ⇠ 1.2.
Conclusions. These results draw a picture in which cold gas accretion may still be efficient at z ⇠ 1.2 but in which mergers may play
a much more significant role at z ⇠ 1.2 than at higher redshift. From a dynamical point of view, the redshift range 1 < z < 2 therefore
appears as a transition period in the galaxy mass assembly process????.

Key words. galaxies: evolution – galaxies: formation – galaxies: kinematics and dynamics – galaxies: high-redshift

? Based on observations collected at the European Southern
Observatory (ESO) Very Large Telescope, Paranal, Chile, as part of the
Programs 179.A-0823, 177.A-0837, 78.A-0177, 75.A-0318, and 70.A-
9007.
?? Based on observations obtained with MegaPrime/MegaCam, a joint
project of CFHT and CEA/DAPNIA, at the Canada-France-Hawaii
Telescope (CFHT) which is operated by the National Research Council
(NRC) of Canada, the Institut National des Sciences de l’Univers of the
Centre National de la Recherche Scientifique (CNRS) of France, and
the University of Hawaii. This work is based in part on data products
produced at TERAPIX and the Canadian Astronomy Data Centre as
part of the Canada-France-Hawaii Telescope Legacy Survey, a collabo-
rative project of NRC and CNRS.
??? Appendices are available in electronic form at
http://www.aanda.org

???? All the data published in this paper are publicly available at the time
of the publication following this link:
http://cosmosdb.lambrate.inaf.it/VVDS-SINFONI.

1. Introduction

During the last decade the first observations of distant galaxies
with integral field unit spectrographs (IFU) have led to the con-
struction of several galaxy samples from z ⇠ 0.5 to z ⇠ 3. These
IFU observations have given new insights into the resolved phys-
ical properties of galaxy populations at various redshifts but a
clear view of the transition epoch between young, unstable and
clumpy galaxies and evolved and stable galaxies that form the
Hubble sequence is still missing.

In the redshift range 0.5 < z < 3, large quantities of gas
are converted into stars, producing a peak in the cosmic star
formation at these epochs (see e.g. Hopkins & Beacom 2006;
Tresse et al. 2007). Large gas reservoirs are being accreted onto
galaxies via various mechanisms: isolated events such as galaxy
major and minor mergers (e.g. de Ravel et al. 2009; Conselice
et al. 2008; Lin et al. 2008; López-Sanjuan et al. 2011) and cold
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gas accretion along cosmic filaments, a more continuous process
(e.g. Kereš et al. 2005; Dekel & Birnboim 2006; Genel et al.
2008; Dekel et al. 2009). Cosmological numerical simulations
have helped to outline the importance that these processes may
play in the build-up of the present-day Hubble sequence. Indeed,
on the one hand, merging galaxies are a natural mass assembly
mechanism expected in the ΛCDM framework where dark mat-
ter halos grow from hierarchical assembly. Some authors have
shown that a peak of major merger activity might occur around
1 < z < 2 (Ryan et al. 2008; Conselice et al. 2008; López-
Sanjuan et al. 2009). On the other hand, cold gas accretion may
play a significant role at z > 2 but might be less usual at z < 1
(e.g. Dekel et al. 2009; Kereš et al. 2009). This process seems to
be efficient for halo masses larger than ⇠1011 M⊙ (Bouché et al.
2010).

Recent IFU studies aim at understanding the role of these
different processes in the precursors of local ellipticals and spi-
rals. From the IMAGES sample at 0.4 < z < 0.75 (Yang et al.
2008; Neichel et al. 2008; Puech et al. 2008; Rodrigues et al.
2008), it has been shown that regular rotating disks are quite
similar to local rotators and that merging is playing a significant
role in galaxy mass assembly. At higher redshift, the SINS sam-
ple at z ⇠ 2.2 (Genzel et al. 2008; Shapiro et al. 2008; Förster
Schreiber et al. 2009; Shapiro et al. 2009; Cresci et al. 2009), the
LSD/AMAZE sample at z ⇠ 3.3 (Gnerucci et al. 2011) and the
sample built by Law et al. (2009) at 2 < z < 3 are all containing
many galaxies with high gaseous turbulence. Based on numeri-
cal simulation results of unstable gas-rich disks (e.g. Bournaud
et al. 2007; Dekel et al. 2009), these authors claim that contin-
uous cold gas accretion along cosmic web filaments is playing
a significant role in mass assembly at these redshifts because
they find that half the disks are dispersion-dominated and that
even rotation-dominated disks show a high gaseous local veloc-
ity dispersion (above 60 km s−1), uncommon for local galaxies
(Epinat et al. 2010). Lehnert et al. (2009) and Le Tiran et al.
(2011) suggested that this high gaseous local velocity dispersion
is not directly powered by shocks or Jeans instabilities due to
cold gas accretion but might be related to a vigorous star for-
mation at both high- and low-redshift. This was also supported
by Green et al. (2010) who observed a few local analogs to
these high-redshift galaxies that all have a star formation rate
above 15 M⊙/yr. Gonçalves et al. (2010) also observed galaxies
with high gaseous local velocity dispersion among a sample of
z ⇠ 0.2 Lyman-break analogs that are also forming stars very
efficiently. It has been suggested that this intense star forma-
tion could also be triggered by merging (Basu-Zych et al. 2007,
2009a,b; Overzier et al. 2008).

Among these various samples (IMAGES, SINS and
LSD/AMAZE), the redshift range 0.9 < z < 1.8, at the peak
of the cosmic star formation history, is still poorly explored.
The MASSIV survey has been built to study this redshift range,
which seems to correspond to the period where the modern
Hubble sequence is being built (e.g. Bell et al. 2004; Williams
et al. 2009).

The first goal of this paper is to study the dynamical nature
of 50 galaxies with 0.9 < z < 1.6 from MASSIV and the evolu-
tion with redshift of the fraction of galaxies in a given dynam-
ical state. The second objective is to identify the main physi-
cal mechanisms responsible for the transition between z ⇠ 2,
where many disks show high intrinsic gaseous velocity disper-
sions, and z ⇠ 0.5 where the disks seem to be more “stable”. The
general presentation of the MASSIV sample selection and data
acquisition strategy is the subject of a companion paper (Contini
et al. 2012). An analysis focused on the dynamical properties

of rotators is presented in a second companion paper (Vergani
et al. 2012) and the analysis of the spatially-resolved metallicity
of this first set of 50 MASSIV galaxies is discussed in an third
paper (Queyrel et al. 2012).

The paper is organized as follows. In Sect. 2, the MASSIV
“first epoch” sample, the observations, and the data reduction are
presented. In Sect. 3, galaxy morphology and kinematics mod-
els are described. The galaxy classification scheme is detailed in
Sect. 4 and the discussion of this classification is given in Sect. 5.
Appendix A contains detailed informations and comments on
each galaxy.

In this paper, we use the cosmological parameters Ωm = 0.3,
ΩΛ = 0.7 and H0 = 70 km s−1 Mpc−1.

2. Observations and data reduction

2.1. Sample selection

A complete description of the MASSIV sample selection and
general properties is presented in Contini et al. (2012). Here we
only present a brief summary.

The MASSIV sample contains 84 star-forming galaxies in
the redshift range 0.9 < z < 1.8. It was constructed from
the VVDS (VIMOS VLT Deep Survey) spectroscopic survey
(Le Fèvre et al. 2005). This survey is I-band magnitude lim-
ited and complete up to magnitude IAB < 24 for VVDS-Deep
(RA = 02 h, Le Fèvre et al. 2005), IAB < 24.75 for VVDS-
Ultra-Deep (RA = 02 h, Cassata et al. 2011; Le Fèvre et al.,
in prep.) and IAB < 22.5 for VVDS-Wide (RA= 14 h and
RA = 22 h, Garilli et al. 2008). VVDS provides low-resolution
(R ⇠ 230) spectra that lead to accurate spectroscopic redshifts
for 4446 galaxies in the redshift range 0.9 < z < 2.

The selection of the MASSIV sample was based on star for-
mation activity traced by [O ] λ3727 emission line equivalent
width for galaxies with z < 1.46 and from their observed pho-
tometric UBVRIK spectral energy distribution for galaxies with
z > 1.46. These criteria ensure that the selected targets are star-
forming galaxies for which strong emission lines can be studied
using SINFONI to trace the kinematics. The [O ] λ3727 selec-
tion criteria has been tested on a pilot sample (Epinat et al. 2009)
and has proven to be very efficient. Resulting from this selection
function, the MASSIV sample provides a good representation of
star-forming galaxies with SFR ≥ 5 M⊙ yr−1 at z ⇠ 1.5 in the
stellar mass regime 109−1011 M⊙ (see Contini et al. 2012 for a
detailed study).

The MASSIV “first epoch” sample discussed in this paper is
a subsample of the MASSIV sample. It contains the 50 galaxies
with 0.9 < z < 1.6 (the median redshift is 1.24) that ware ob-
served before January 2010. Except for two galaxies observed
in the VVDS-Ultra-Deep, the galaxies studied in this paper are
from the VVDS-Deep and VVDS-Wide samples.

2.2. Observations

SINFONI (Eisenhauer et al. 2003; Bonnet et al. 2004) was
used to obtain 2D spatially resolved spectroscopy in the NIR
of the MASSIV galaxies around the H↵ line or around the
[O ] λλ4959,5007 line for four galaxies. Out of an initial sam-
ple of 50 galaxies no line was detected for only four galaxies.
The success rate is much better when the H↵ line is targeted
(44/46). VVDS220148046 was observed at z = 2.244, whereas
it was expected at z ⇠ 1.371 from the VIMOS spectrum. The
redshift determination for this galaxy is based on the observa-
tion of [O ] λλ4959,5007 and Hβ lines in our SINFONI data.
The observations were obtained in service mode from period
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P79 to period P82 as part of the Large Programme 179.A-0823
(P.I. T. Contini) and during a pilot program presented in Epinat
et al. (2009) (ESO runs 75.A-0318 and 78.A-0177). Galaxies
were observed in two or three observing blocks.

For the galaxies with z < 1.1, H↵ was observed with the
J grism over the spectral range 1.08–1.41 µm, whereas for galax-
ies with z > 1.2, H↵ was observed with the H grism over the
spectral range 1.43–1.86 µm. [O ] λλ4959,5007 was observed
in the J-band except for VVDS220148046 for which it was ob-
served in the H-band. SINFONI spectral resolution in J- and
H-bands reaches ⇠2000 and ⇠2500, respectively.

For seeing-limited observations, we offset the target alternat-
ingly from one corner of the field-of-view of the instrument to
the opposite one (object nodding) to maximize the observing ef-
ficiency during the nights. This observing strategy allowed us to
avoid sky frame acquisition. For AO observations, we used one
sky frame for four object frames to maximize the time spent on
sources (details in Contini et al. 2012). In addition, we also ap-
plied a sub-dithering to avoid the return of the target to the same
position on the chip. To allow for an accurate on-source pointing
of our galaxies, we acquired them through a blind offset from a
bright nearby star (PSF star used to measure the spatial PSF) to
our target. We also observed standard (STD) stars for flux cali-
bration during the same night. Individual exposures were 300 s,
600 s or 900 s with a total on-source integration time that ranges
between 1 h and 2 h.

Most of the data were observed in seeing-limited mode
using the 0.12500 ⇥ 0.2500 pixel scale leading to a 800 ⇥
800 field of view with a mean seeing of 0.68 ± 0.1200, con-
sidering only detected galaxies. However, a subset of seven
galaxies were observed with the laser guide star (LGS) adap-
tive optics system using the 0.0500 ⇥ 0.1000 pixel scale with
a 3.200 ⇥ 3.200 field of view. Two of them were not detected
(VVDS020126402 and VVDS220071601) and the PSF star was
missed for VVDS220386469. The mean spatial resolution for
the four other galaxies is 0.2300. The observing details along
with the periods at which the galaxies were observed are listed
in Table 1.

2.3. Data reduction

The data reduction was performed using the ESO-SINFONI
pipeline (version 2.0.0, Modigliani et al. 2007) complemented
with additional IDL and PYTHON routines to perform the data
processing homogeneously among the reducers and to improve
some reduction steps.

First, the PSF stars and STD stars observations were reduced
using standard data reduction.

Then, for each object science frame, the following steps
where applied:

1. bad line removal in the raw data;
2. dark-current, sky-background and night-sky line subtraction

from the raw data using the contiguous frame (with the target
in the opposite corner due to the observing strategy or with
only sky for AO data);

3. flat-field correction using an internal lamp;
4. wavelength calibration using arc-lamps;
5. flux calibration using the STD telluric star spectrum with

standard techniques to convert counts into flux units. This
enables one to correct for the atmospheric transmission and
instrumental response;

6. cube reconstruction (with and without sky lines) in counts;

7. adjustment of the astrometry to match our I-band reference
images (CFHT12k survey, McCracken et al. 2003) using the
acquisition PSF star and the offsets of object observations
with respect to this star. This method was not possible on
AO data due to missing meta-informations. For some galax-
ies of the pilot program, no PSF star was observed and in
other cases, PSF stars were saturated in the CFHT images,
which provided a deteriorated astrometry.

In the pipeline, the spaxels are resampled so that they are square
(0.12500 or 0.0500).

All cubes obtained for each science frame for a given object
were then combined using the SINFO_UTL_CUBE_COMBINE
recipe to obtain the final cubes using an additional median filter-
ing to remove sky line residuals as accurately as possible from
the final cube.

Mono-dimensional sky spectra were extracted from the sky
cubes. They were used to

– determine the effective spectral resolution: using a Gaussian
fit to approximate sky lines, the spectral resolution element is
found to be fairly constant over the whole wavelength range
in the J- and H-bands and the dispersion of the Gaussian was
estimated to σ ⇠ 2.8 ± 0.2 Å;

– quantify the noise that was considered as a Poissonian noise.

The data from the pilot study (Epinat et al. 2009) were reduced
again using this new procedure.

2.4. Map extraction

The ionized gas kinematics of MASSIV galaxies is studied
through the brightest emission line available in the NIR spectra,
the H↵ line or the [O ] λ5007 line in a few cases. IDL routines,
based on the mpfit routine (Markwardt 2009), were used to ex-
tract the kinematic maps from the SINFONI data. First, to en-
hance the signal-to-noise ratio (S/N) without degrading the spa-
tial resolution of the data, a subresolution 2D spatial Gaussian
smoothing (FWHM of two pixels) was applied on the data cubes.
In addition, the residual cosmic rays were rejected using a 15σ
clipping on 3⇥ 3 pixel boxes. Then, for each spatial pixel, the
spectrum around H↵ was fitted by a single Gaussian profile and
a constant continuum (four parameters in total). To minimize the
effects of noise induced by sky lines but also of sky line resid-
uals on the line parameter determination, the 1D sky spectrum
was used as an estimate of the noise to weight the contribution
of each spectral element. From these fitting techniques it was
possible to recover the line flux map, the velocity field and the
velocity dispersion map for each source. The instrumental spec-
tral PSF was taken into account to compute the velocity disper-
sion: σ2 = σ2

obs − σ
2
PSF. During the line fitting procedure, the

velocity dispersion was allowed to vary in the range 40 km s−1

(to avoid fitting noise) to 250 km s−1 (to avoid fitting a contin-
uum). 2D error maps were also derived for each quantity from
the fitting procedure. These are statistical errors that take into ac-
count the error spectrum and that indicate the accuracy of the fit
for each parameter. An S/N map was computed. The computa-
tion of this map was refined since the study of the pilot program
(Epinat et al. 2009). The presence of sky lines is now taken into
account to modulate the confidence on the line detection: the in-
verse of the sky spectrum is used for weighting (w). The signal
(S ) is computed as the weighted flux of the line divided by the
dispersion of the line (σλ) multiplied by

p
2⇡. In the following

equations, the weight was normalized (
P

w = 1), nz is the num-
ber of spectral elements, ∆λ refers to the spectral sampling and
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Table 1. MASSIV galaxies “first epoch” sample and SINFONI observation setups.

VVDS ID RA Dec z Scale Pixel scale Band Line texp Seeing R Period
[J2000] [J2000] [kpc/00] [00] [min] [00]

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)
020106882 02:25:21.819 −04:46:18.35 1.3991 8.43 0.125⇥ 0.25 H H↵ 80 0.49 2477 P82G
020116027 02:25:51.085 −04:45:06.08 1.5302 8.47 0.125⇥ 0.25 H H↵ 75 0.60 2609 P75A
0201264021 02:25:11.658 −04:43:40.12 1.2332 8.33 0.050⇥ 0.10 J [O] 60 − − P79B
020147106 02:26:45.362 −04:40:47.50 1.5195 8.47 0.125⇥ 0.25 H H↵ 120 0.65 2598 P75A
020149061 02:27:05.226 −04:40:29.21 1.2905 8.37 0.125⇥ 0.25 H H↵ 80 0.85 2362 P82G
020164388 02:26:50.942 −04:38:20.72 1.3547 8.41 0.125⇥ 0.25 H H↵ 80 0.83 2430 P82G
020167131 02:26:47.307 −04:37:55.36 1.2246 8.32 0.125⇥ 0.25 J [O] 120 0.68 2295 P79B
020182331 02:26:44.242 −04:35:52.01 1.2290 8.32 0.125⇥ 0.25 H H↵ 180 0.74 2302 P78A
020193070 02:25:18.713 −04:34:19.77 1.0279 8.06 0.125⇥ 0.25 J H↵ 120 0.58 2094 P82G
020208482 02:25:16.739 −04:32:11.92 1.0375 8.08 0.125⇥ 0.25 J H↵ 120 0.58 2104 P82G
020214655 02:26:23.441 −04:31:22.78 1.0395 8.08 0.125⇥ 0.25 J H↵ 80 0.87 2101 P82G
0202178901 02:26:27.162 −04:30:51.83 1.5129 8.46 0.125⇥ 0.25 H H↵ 120 − − P78A
020239133 02:26:43.006 −04:28:31.20 1.0194 8.04 0.125⇥ 0.25 J H↵ 80 0.79 2084 P82G
020240675 02:26:54.140 −04:28:17.64 1.3270 8.40 0.125⇥ 0.25 H H↵ 80 0.85 2402 P82G
020255799 02:26:45.859 −04:26:15.80 1.0351 8.07 0.125⇥ 0.25 J H↵ 80 0.76 2101 P82G
020261328 02:27:11.023 −04:25:31.57 1.5290 8.47 0.125⇥ 0.25 H H↵ 60 0.62 2609 P75A
020278667 02:25:58.203 −04:23:11.67 1.0516 8.10 0.125⇥ 0.25 J H↵ 120 0.65 2115 P82G
020283083 02:26:30.832 −04:22:35.82 1.2818 8.36 0.125⇥ 0.25 H H↵ 80 0.78 2353 P82G
020283830 02:26:28.926 −04:22:31.14 1.3949 8.43 0.125⇥ 0.25 H H↵ 120 0.77 2472 P82G
020294045 02:25:47.152 −04:21:07.41 1.0028 8.01 0.125⇥ 0.25 J H↵ 120 0.59 2067 P79B
0203068171 02:25:50.316 −04:19:22.93 1.2225 8.32 0.125⇥ 0.25 J [O] 120 − − P79B
020363717 02:26:23.709 −04:11:57.87 1.3339 8.40 0.125⇥ 0.25 H H↵ 80 0.64 2407 P82G
020370467 02:26:14.690 −04:11:05.44 1.3338 8.40 0.125⇥ 0.25 H H↵ 80 0.71 2407 P82G
020386743 02:27:13.989 −04:08:59.73 1.0487 8.09 0.125⇥ 0.25 J H↵ 120 0.73 2111 P79B
020461235 02:26:47.102 −04:23:55.70 1.0349 8.07 0.125⇥ 0.25 J H↵ 120 0.63 2101 P79B
020461893 02:27:12.252 −04:23:11.28 1.0486 8.09 0.125⇥ 0.25 J H↵ 80 0.60 2115 P82G
020465775 02:26:59.366 −04:19:00.08 1.3583 8.41 0.125⇥ 0.25 H H↵ 80 0.88 2434 P82G
140083410 13:57:50.595 +04:17:38.71 0.9435 7.89 0.125⇥ 0.25 J H↵ 80 0.69 2005 P81D
140096645 13:58:26.336 +04:19:47.75 0.9655 7.94 0.125⇥ 0.25 J H↵ 120 0.56 2024 P81D
140123568 13:55:57.628 +04:24:20.11 1.0012 8.01 0.125⇥ 0.25 J H↵ 120 0.76 2067 P79A
140137235 13:56:12.729 +04:26:31.74 1.0445 8.09 0.125⇥ 0.25 J H↵ 80 0.76 2111 P79A
140217425 13:57:56.405 +04:38:37.00 0.9792 7.97 0.125⇥ 0.25 J H↵ 100 0.95 2040 P81D
140258511 14:00:19.658 +04:44:45.86 1.2423 8.33 0.125⇥ 0.25 H H↵ 80 0.49 2315 P79A
140262766 13:59:55.518 +04:45:30.04 1.2836 8.37 0.125⇥ 0.25 H H↵ 120 0.51 2353 P79A
140545062 13:59:35.598 +05:30:31.11 1.0408 8.08 0.125⇥ 0.25 J H↵ 120 0.70 2104 P81D
220014252 22:17:45.677 +00:28:39.52 1.3105 8.38 0.125⇥ 0.25 H H↵ 120 0.70 2384 P75A
220015726 22:15:42.435 +00:29:03.58 1.2933 8.37 0.125⇥ 0.25 H H↵ 120 0.46 2384 P79B
2200716011 22:18:01.569 +00:45:34.69 1.3538 8.41 0.050⇥ 0.10 H H↵ 80 − − P79B
220148046 22:14:37.904 +01:08:20.65 2.2442 8.24 0.050⇥ 0.10 H [O] 80 0.27 2450 P81E
220376206 22:20:05.772 −00:08:21.74 1.2445 8.34 0.125⇥ 0.25 H H↵ 120 0.50 2315 P79B
220386469 22:19:56.603 −00:03:03.78 1.0226 8.05 0.050⇥ 0.10 J H↵ 40 0.232 2090 P79B
220397579 22:20:36.512 +00:01:46.85 1.0379 8.08 0.125⇥ 0.25 J H↵ 120 0.64 2101 P79B
220544103 22:15:25.689 +00:06:40.31 1.3973 8.43 0.125⇥ 0.25 H H↵ 120 0.76 2472 P75A
220544394 22:14:24.153 +00:06:46.67 1.0101 8.03 0.125⇥ 0.25 J H↵ 120 0.58 2073 P79B
220576226 22:16:11.417 +00:16:30.46 1.0217 8.05 0.125⇥ 0.25 J H↵ 120 0.58 2087 P79B
220578040 22:17:04.113 +00:16:56.80 1.0462 8.09 0.125⇥ 0.25 J H↵ 120 0.62 2111 P79B
220584167 22:15:22.917 +00:18:48.82 1.4655 8.45 0.125⇥ 0.25 H H↵ 120 0.75 2541 P75A
220596913 22:14:29.179 +00:22:18.93 1.2658 8.35 0.050⇥ 0.10 H H↵ 120 0.18 2340 P79B
910193711 02:25:46.285 −04:32:33.43 1.5564 8.47 0.050⇥ 0.10 H H↵ 80 0.27 2636 P82F
910279515 02:25:36.233 −04:21:16.13 1.4013 8.43 0.050⇥ 0.10 H H↵ 80 0.21 2477 P82F

Notes. The coordinates of the galaxies are given in Cols. (2) and (3). The redshift (4) is determined from SINFONI data. The physical scale (5) is
computed from the redshift. The SINFONI pixel scale is given in Col. (6). In Col. (7), the wavelength band used to observe the emission line (8)
is given. Column (9) is the on-source exposure time. The seeing of SINFONI observations (10) is derived from observed PSF stars. Column (11)
is the spectral resolution. The ESO observing period is given in Col. (12). (1) These galaxies are those for which no line was detected in SINFONI
data. The redshift is the one derived from VIMOS spectra, the line is the targeted one and both spectral and spatial resolution have not been
measured. (2) No PSF star was observed: the resolution is the mean resolution of AO observations.
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is expressed in the same unit as σλ, m is the modeled spectrum,
c is the continuum of the modeled spectrum and l is the observed
line spectrum:

S =
nz∆λ

P

w(m − c)

σλ
p

2⇡
·

The noise (N) is computed as the square root of the weighted
variance of the residual spectrum:

N =

q

X

w(l − m)2.

This yields the S/N:

S

N
=

nz∆λ
P

w(m − c)

σλ
p

2⇡
P

w(l − m)2
· (1)

If the weight is constant, then, according to Eq. (1), the S/N is
simply the ratio of the intensity of a Gaussian line over the rms
of the spectrum. This criterion is robust and an S/N threshold of
three was used to clean the kinematic maps (see Appendix B).
Extra-cleaning was performed manually to remove isolated pix-
els (less than about five adjacent pixels) or groups of pixels as-
sociated with data artifacts that could have passed the criteria.
The existence of any I-band counterpart was checked when there
were groups of more than four pixels.

3. Modeling

3.1. Morphology modeling

The stellar continuum is barely detected in the SINFONI data. To
study the morphology of the stellar component, we used the best
CFHT I-band images available, i.e. from the CFH12K/CFHT
survey (McCracken et al. 2003) for the galaxies in the 14 h field
and from the CFHT Legacy Survey1 with the best seeing for
the galaxies in the 02 h and 22 h fields. We ran GALFIT (Peng
et al. 2002) on those images using a Sersic profile (Sersic 1968)
to recover the morphological parameters: the center, the position
angle of the major axis (PA), the axis ratio (b/a), the effective ra-
dius (Re), the Sersic index (n) and the total magnitude. GALFIT
convolves the model to the spatial PSF to converge into a set of
beam-smearing corrected parameters.

To obtain robust estimates of the parameters and of their as-
sociated error bars, it is mandatory to control the PSF as well
as possible. Indeed, for objects with sizes comparable to the
resolution, the use of an overestimated PSF leads to low axis-
ratios with small error bars since no strong elongation may be
reproduced: this would lead to systematic underestimating of
structures in the galaxies. We are indeed in most cases in this
situation when the size on the objects is of the same order as
the spatial resolution for seeing-limited ground-based imaging
surveys. Thus, in each CFHT field, we randomly selected stars
to characterize and follow the variation of the PSF. The detec-
tion of stars is based on color and morphological criteria for the
02 h and 22 h fields and on morphological criteria only for the
14 h field. From these stars, the width, the axis ratio and the ori-
entation of the PSF are found to vary much across the 14 h and
22 h fields. The most affected field is the 14 h one where the see-
ing smoothly varies from 0.600 to 1.000. Therefore, we selected
specific PSFs in each field, located at 4500 from each galaxy on
average. The study of the PSF distribution over the various fields
enabled us to determine the uncertainty on the PSF FWHM to be

1 http://www.cfht.hawaii.edu/Science/CFHLS/

⇠0.1 pixel (⇠20 mas). It is estimated as the deviation from large-
scale variations.

GALFIT produces residual maps that where used to check
the convergence of the fits. It was sometimes necessary to fit
secondary objects to have a correct fit (cf. Appendix A). The
parameters of the fits are summarized in Table 2.

We tried in a second step to fit the morphology while fixing
the position angle of the major axis to the value determined from
the kinematics modeling (cf. Sect. 3.2) as was done in the pilot
study (Epinat et al. 2009). However, this leads to a bias toward
high axis ratios because GALFIT cannot match the elongation
when the position angle is fixed and finds that round morpholo-
gies match the data better. Therefore, we adopt the morphologies
as derived in an unconstrained way from the CFHT images in the
following.

3.2. Kinematics modeling

Among the various dynamical states of galaxies, the easiest to
probe is that of the rotating disk. We therefore tested the like-
lihood of this hypothesis for the galaxies in our sample and re-
covered the fundamental dynamical parameters within this hy-
pothesis. The velocity field is accordingly fitted with a model
that assumes that the ionized gas is located in an infinitely thin
rotating disk, as in Epinat et al. (2009). The rotation curve is
described by a linear slope in the inner parts and a plateau in
the outer parts. The velocity along the line of sight is computed
taking into account geometrical position effects. The model pa-
rameters are

– xc, yc: the center coordinates;
– z: the redshift corresponding to the systemic velocity;
– i: the inclination of the gaseous disk;
– PAk: the position angle of the major axis;
– Vt: the plateau rotation velocity;
– rt: the turnover radius at which the plateau is reached.

The method used to adjust the models is described in detail in
Epinat et al. (2010). It is based on a χ2 minimization and takes
the velocity error map into account to minimize the contribution
of the regions with low S/N. The spatial PSF is taken into ac-
count in these models and is described with a 2D Gaussian. Its
FWHM is computed on the PSF stars associated to each obser-
vation. To compute the model velocity field, a higher resolution
velocity field is constructed (with at least eight pixels in the PSF
FWHM) from the analytical model and a high-resolution line
flux map has also to be built. Indeed, in a final low spatial res-
olution element, the contribution of the line of sight velocity at
higher resolution is weighted by the true line flux distribution.
We used a linear interpolation of the observed flux map to avoid
making any assumption on the real flux distribution. This is one
of the major uncertainties of our models because the real line
flux distribution could be more clumpy than observed.

Our model allows us to compute the circular velocity within
the disk hypothesis. This assumption is not realistic for all ob-
jects in the MASSIV sample in which we also expect mergers
(ongoing or late stage), spheroids, or structures with chaotic mo-
tions. However, this hypothesis allows us to compute a map that
contains only the beam-smearing effect on the velocity disper-
sion, due to the blurring of large-scale motions. Thus, by sub-
tracting quadratically the map deduced from the model to the
observed velocity dispersion map, a velocity dispersion map cor-
rected for the beam-smearing effect is obtained (noted “σ residu-
als” in Appendix B). This correction is also valid at first order for
non-rotating objects, even if it can overestimate the correction in

A92, page 5 of 49



A&A 539, A92 (2012)

Table 2. CFHT observations and morphological parameters from GALFIT modeling.

VVDS ID Survey Pixel scale Seeing PA b/a Re n
[00] [00] [◦] [kpc]

(1) (2) (3) (4) (5) (6) (7) (8)
020106882 LS 0.186 0.604 294 ± 4 0.62 ± 0.03 3.51 ± 0.14 0.77 ± 0.16
020116027 LS 0.186 0.604 184 ± 2 0.38 ± 0.03 4.27 ± 0.16 0.70 ± 0.15
020126402 LS 0.186 0.615 15 ± 8 0.56 ± 0.10 2.12 ± 0.31 0.59 ± 0.58
020147106 LS 0.186 0.615 310 ± 1 0.19 ± 0.15 1.17 ± 0.41 0.41 ± 1.82
020149061 LS 0.186 0.649 201 ± 369 0.93 ± 0.83 1.09 ± 0.69 0.11 ± 6.68
020164388 LS 0.186 0.618 162 ± 3 0.71 ± 0.02 2.72 ± 0.05 0.85 ± 0.09
020167131 LS 0.186 0.618 272 ± 3 0.60 ± 0.03 2.60 ± 0.09 1.64 ± 0.26
020167131s LS 0.186 0.618 57 ± 1 0.37 ± 0.02 4.11 ± 0.08 0.31 ± 0.09
020182331 LS 0.186 0.618 268 ± 4 0.49 ± 0.04 4.19 ± 0.17 0.63 ± 0.21
020193070 LS 0.186 0.615 215 ± 2 0.33 ± 0.03 3.49 ± 0.09 0.47 ± 0.13
020208482 LS 0.186 0.600 355 ± 7 0.70 ± 0.05 3.67 ± 0.20 0.82 ± 0.21
020214655 LS 0.186 0.604 32 ± 4 0.41 ± 0.06 1.47 ± 0.08 1.97 ± 0.53
020217890 LS 0.186 0.604 171 ± 2 0.21 ± 0.04 3.57 ± 0.14 1.13 ± 0.22
020239133 LS 0.186 0.608 123 ± 2 0.39 ± 0.03 3.14 ± 0.09 0.25 ± 0.13
020240675 LS 0.186 0.619 190 ± 13 0.62 ± 0.13 1.09 ± 0.16 2.03 ± 1.19
020255799 LS 0.186 0.607 164 ± 12 0.80 ± 0.08 1.89 ± 0.26 0.24 ± 0.44
020261328 LS 0.186 0.634 171 ± 8 0.51 ± 0.11 1.83 ± 0.27 0.64 ± 0.53
020278667 LS 0.186 0.596 140 ± 12 0.74 ± 0.09 2.82 ± 1.66 9.60 ± 5.68
020283083 LS 0.186 0.596 301 ± 3 0.38 ± 0.05 4.29 ± 0.20 0.46 ± 0.18
020283830 LS 0.186 0.596 142 ± 1 0.35 ± 0.01 6.82 ± 0.16 0.09 ± 0.06
020294045 LS 0.186 0.606 1 ± 3 0.61 ± 0.03 2.89 ± 0.10 1.00 ± 0.17
020306817 LS 0.186 0.606 86 ± 2 0.54 ± 0.02 4.22 ± 0.09 0.27 ± 0.08
020363717 LS 0.186 0.626 154 ± 6 0.55 ± 0.08 0.72 ± 0.09 3.59 ± 1.01
020370467 LS 0.186 0.626 50 ± 24 0.78 ± 0.18 1.31 ± 0.25 0.54 ± 0.97
020386743 LS 0.186 0.639 203 ± 8 0.64 ± 0.07 2.68 ± 0.21 1.15 ± 0.42
020461235 LS 0.186 0.597 332 ± 3 0.57 ± 0.02 3.96 ± 0.12 0.47 ± 0.11
020461893 LS 0.186 0.634 283 ± 3 0.46 ± 0.04 2.66 ± 0.11 1.04 ± 0.23
020465775 LS 0.186 0.623 146 ± 3 0.51 ± 0.03 4.04 ± 0.16 0.09 ± 0.17
140083410 12K 0.204 0.958 311 ± 10 0.67 ± 0.09 1.93 ± 0.19 1.90 ± 0.82
140096645 12K 0.204 0.747 217 ± 114 0.93 ± 0.28 1.80 ± 0.40 0.85 ± 1.26
140123568 12K 0.204 0.968 227 ± 229 0.80 ± 1.14 1.39 ± 0.98 0.08 ± 32.82
140137235 12K 0.204 0.920 116 ± 24 0.47 ± 0.31 5.45 ± 2.03 0.88 ± 1.73
140217425 12K 0.204 0.713 260 ± 1 0.25 ± 0.01 8.96 ± 0.13 0.33 ± 0.04
140258511 12K 0.204 0.768 265 ± 42 0.54 ± 0.51 2.62 ± 2.11 0.40 ± 3.22
140262766 12K 0.204 0.613 142 ± 28 0.65 ± 0.26 2.07 ± 0.70 0.63 ± 1.34
140545062 12K 0.204 0.724 216 ± 41 0.46 ± 0.35 2.89 ± 6.86 0.06 ± 4.03
220014252 LS 0.186 0.687 136 ± 2 0.22 ± 0.06 3.32 ± 0.12 0.94 ± 0.23
220015726 LS 0.186 0.686 193 ± 12 0.78 ± 0.07 2.76 ± 0.25 0.26 ± 0.35
220071601 LS 0.186 0.665 74 ± 1 0.31 ± 0.01 8.13 ± 0.13 0.21 ± 0.04
220148046 LS 0.186 0.800 236 ± 10 0.10 ± 0.87 1.98 ± 0.38 2.10 ± 2.36
220376206 LS 0.186 0.749 235 ± 1 0.46 ± 0.01 5.29 ± 0.08 0.21 ± 0.05
220386469 LS 0.186 0.725 168 ± 7 0.70 ± 0.05 2.90 ± 0.13 0.73 ± 0.26
220397579 LS 0.186 0.707 331 ± 5 0.43 ± 0.06 3.02 ± 0.32 0.21 ± 0.37
220397579s LS 0.186 0.707 332 ± 2 0.14 ± 0.03 9.77 ± 3.29 3.77 ± 1.49
220544103 LS 0.186 0.686 208 ± 55 0.08 ± 0.16 5.61 ± 19.89 0.02 ± 0.91
220544103s LS 0.186 0.686 161 ± 5 0.26 ± 0.06 5.47 ± 0.44 1.67 ± 0.77
220544394 LS 0.186 0.624 234 ± 7 0.70 ± 0.04 3.40 ± 0.15 0.48 ± 0.13
220544394s LS 0.186 0.624 233 ± 10 0.30 ± 0.17 3.69 ± 0.70 1.18 ± 1.02
220576226 LS 0.186 0.675 237 ± 15 0.85 ± 0.06 2.16 ± 0.12 1.58 ± 0.36
220578040 LS 0.186 0.658 112 ± 14 0.89 ± 0.04 3.81 ± 0.12 0.42 ± 0.10
220584167 LS 0.186 0.684 193 ± 2 0.52 ± 0.01 7.17 ± 0.19 0.14 ± 0.06
220596913 LS 0.186 0.623 255 ± 1 0.18 ± 0.02 9.49 ± 11.54 0.04 ± 0.12
910193711 LS 0.186 0.597 9 ± 3 0.50 ± 0.03 2.27 ± 0.06 0.50 ± 0.17
910279515 LS 0.186 0.602 131 ± 3 0.61 ± 0.02 4.44 ± 0.11 0.28 ± 0.08

Notes. In Col. (2), “LS” refers to the CFHT Legacy Survey (http://www.cfht.hawaii.edu/Science/CFHLS/) whereas “12K” refers to the
CFH12K/CFHT survey (McCracken et al. 2003). The pixel scale of the CFHT image and the seeing determined from close stars are respectively
given in Cols. (3) and (4). The parameters of the model are the position angle of the major axis (5), the axis ratio (6), the effective radius (7), the
Sersic index (7) and the magnitude (not given here due to a zero point magnitude mismatch between the two CFHT surveys). The suffix “s” refers
to secondary objects which have been detected both in H↵ and in the I-band image. The companion’s parameters are only given when they are
resolved.

the inner parts. Details of the method are given in Appendix A
of Epinat et al. (2010). The maps of the models are shown in

Appendix B and the resulting parameters are given in Table 3.
For non-isolated galaxies (see Sect. 4), we fitted the various
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Table 3. Physical parameters from kinematic modeling.

VVDS ID i PAk rt Vt Vt/rt ResV χ2 Vmax σ Rlast

[◦] [◦] [kpc] [km s−1] [km s−1 kpc−1] [km s−1] [km s−1] [km s−1] [kpc]
(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11)
020106882 52 ± 3 317 ± 1 1.1 ± 0.1 133 ± 3 126 12 1.6 133 ± 25 41 ± 31 5.1
020116027 68 ± 4 207 ± 6 4.3 ± 3.0 27 ± 6 6 10 3.7 27 ± 10 47 ± 15 6.5
020147106 60 ± 24 317 ± 3 1.6 ± 4.6 26 ± 3 16 6 1.9 26 ± 51 81 ± 10 7.8
020149061 60 ± 24 235 ± 3 42.0 976 23 15 1.9 112 ± 216 73 ± 20 4.8
020164388 45 ± 4 97 ± 4 7.2 ± 4.9 79 ± 44 11 8 0.9 79 ± 19 52 ± 19 8.2
020167131 53 ± 4 185 ± 10 1.0 ± 0.1 127 ± 43 123 13 0.9 127 ± 29 26 ± 37 1.8
020182331 61 ± 2 234 ± 4 27.0 647 24 11 0.9 132 ± 26 67 ± 29 5.5
020193070 71 ± 4 184 ± 2 108.7 3217 30 15 1.8 117 ± 23 33 ± 27 3.9
020208482 46 ± 3 336 ± 10 1.0 ± 0.1 158 ± 38 157 11 0.6 158 ± 31 7 ± 11 1.4
020214655 66 ± 11 341 ± 4 1.0 ± 0.1 52 ± 4 51 8 1.1 52 ± 14 63 ± 25 5.7
020239133 67 ± 4 109 ± 6 24.6 766 31 13 0.9 149 ± 33 75 ± 35 4.8
020240675 60 ± 24 183 ± 12 8.9 116 13 13 1.5 50 ± 97 33 ± 17 3.8
020255799 37 ± 15 89 ± 76 1.0 ± 0.1 14 ± 16 14 10 0.6 14 ± 26 76 ± 23 4.0
020261328 59 ± 11 179 ± 2 6.2 154 25 10 1.6 127 ± 35 54 ± 19 5.1
020278667 42 ± 20 175 ± 6 3.7 224 60 16 1.5 77 ± 189 52 ± 37 1.3
020283083 68 ± 2 359 ± 4 1.0 ± 0.1 59 ± 5 57 11 1.4 59 ± 12 39 ± 23 5.6
020283830 70 ± 1 156 ± 2 1.9 ± 3.4 186 ± 5 96 21 4.7 186 ± 30 17 ± 24 7.9
020294045 52 ± 5 3 ± 1 31.1 1332 43 33 12.4 234 ± 51 60 ± 45 5.5
020363717 60 ± 24 106 ± 6 16.4 123 8 9 1.3 45 ± 86 91 ± 14 6.0
020370467 39 ± 14 19 ± 11 1.0 ± 0.1 51 ± 10 49 18 1.2 51 ± 64 86 ± 35 5.5
020386743 50 ± 4 136 ± 3 37.0 286 8 9 2.5 42 ± 10 53 ± 18 5.4
020461235 55 ± 1 351 ± 2 1.2 ± 7.7 82 ± 4 67 11 1.8 82 ± 16 24 ± 22 5.4
020461893 63 ± 4 279 ± 4 1.2 ± 9.1 58 ± 6 46 8 1.1 58 ± 13 67 ± 22 6.5
020465775 59 ± 2 178 ± 5 1.1 ± 0.1 68 ± 7 65 13 1.5 68 ± 15 84 ± 30 4.9
140083410 48 ± 16 39 ± 6 1.0 ± 0.1 30 ± 4 30 10 2.3 30 ± 33 66 ± 21 5.3
140096645 22 ± 15 197 ± 1 1.1 ± 1.1 295 ± 12 258 12 6.1 295 ± 709 77 ± 27 4.5
140123568 60 ± 24 184 ± 14 1.0 108 108 6 0.7 50 ± 99 73 ± 24 0.5
140137235 62 ± 1 123 ± 16 2.2 200 91 4 0.6 62 ± 11 17 ± 27 0.7
140217425 76 ± 2 258 ± 1 16.1 499 31 29 20.7 320 ± 461 45 ± 33 14.5
140258511 57 ± 3 213 ± 1 1.0 ± 0.1 124 ± 4 119 19 5.2 124 ± 26 25 ± 29 5.2
140262766 60 ± 24 175 ± 2 18.1 524 29 9 1.2 119 ± 231 39 ± 16 4.1
140545062 63 ± 5 229 ± 1 13.9 378 27 13 3.6 204 ± 46 67 ± 29 7.5
220014252 77 ± 2 141 ± 1 1.0 ± 0.1 129 ± 1 123 15 4.5 129 ± 27 90 ± 28 10.3
220015726 39 ± 15 186 ± 1 1.5 ± 0.4 231 ± 4 155 10 3.1 231 ± 356 62 ± 22 3.7
220148046 60 ± 24 261 ± 15 1.3 61 49 10 2.9 42 ± 83 46 ± 21 0.9
220376206 63 ± 2 225 ± 1 8.3 ± 0.2 201 ± 4 24 15 4.8 201 ± 27 73 ± 26 10.0
220386469 46 ± 7 151 ± 10 63.0 973 15 16 2.0 40 ± 11 43 ± 25 2.6
220397579 65 ± 6 1 ± 9 35.9 32 1 9 7.0 9 ± 10 59 ± 17 10.2
220397579s 80 ± 5 344 ± 2 3.8 ± 1.2 222 ± 9 59 17 2.6 222 ± 15 27 ± 37 6.2
220544103 80 ± 4 198 ± 1 1.1 ± 0.1 137 ± 2 130 12 4.4 137 ± 24 71 ± 19 7.6
220544394 46 ± 2 180 ± 2 2.0 ± 1.5 55 ± 4 27 5 0.8 55 ± 11 49 ± 17 5.0
220544394s 73 ± 5 198 ± 4 1.0 ± 0.1 94 ± 8 94 16 1.7 94 ± 18 32 ± 28 4.5
220576226 32 ± 6 283 ± 3 1.0 ± 0.1 30 ± 1 30 4 1.1 30 ± 12 51 ± 14 6.1
220578040 27 ± 9 103 ± 2 18.5 654 35 16 5.1 247 ± 205 50 ± 23 7.0
220584167 59 ± 1 178 ± 1 9.7 ± 0.2 234 ± 2 24 15 7.9 234 ± 35 49 ± 21 13.1
220596913 80 ± 2 247 ± 1 0.9 ± 0.1 141 ± 2 153 22 4.3 141 ± 10 38 ± 28 9.3
910193711 60 ± 8 39 ± 4 3.5 ± 0.7 63 ± 8 18 17 2.6 63 ± 12 80 ± 37 4.1
910279515 52 ± 4 108 ± 7 3.8 265 70 34 5.3 186 ± 14 47 ± 40 2.7

Notes. The parameters of the kinematics modeling are the inclination (2), the position angle of the major axis (3), the turnover radius (4) and
velocity (5). The inner slope is given in Col. (6). The mean residual of the velocity field is given in Col. (7) and the fit chi square in Col. (8). The
maximum rotational velocity (9) and the mean velocity dispersion corrected from beam smearing (10) are computed after from the results of the
fit. The extent of the velocity field (11) is derived using a S/N threshold of 3. The suffix “s” refers to secondary objects which have been detected
in H↵ and large enough to perform kinematics modeling. No error is given for rt and Vt when the plateau is not reached (see Sect. 3.2.3). (1) Vmax

is not coming from the model but from a detailed analysis (see Appendix A).

components separately when they were sufficiently extended
(VVDS220397579). In the table, companions have the suffix “s”.

The model rotation curve only reproduces the velocity field
and is not based on a gravitational potential model (as for in-
stance in Förster Schreiber et al. 2006; Cresci et al. 2009;
Gnerucci et al. 2011) since the shape of the gravitational poten-
tial is unknown and can probably not be described by a stellar
component only. Note that a gaseous thin disk in rotation is not

incompatible with a spheroidal stellar distribution such as was
observed in local ellipticals (e.g. Sarzi et al. 2006) or as sug-
gested from numerical simulations (e.g. Bournaud et al. 2007;
Xu et al. 2010).

As described in the following sections, some parameters are
difficult to constrain from the kinematics. To reduce the number
of free parameters, we constrained the center and the inclination
from the morphology to model the kinematics, assuming that
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the stars and the ionized gas follow a common distribution.
Thus only four parameters remain free and can be reasonably
constrained from our observed velocity fields. Using these con-
straints, Epinat et al. (2010) have shown from 137 galaxies of
the GHASP sample (the largest 2D kinematics sample of nearby
late-type galaxies described in Epinat et al. 2008b,a) projected at
z ⇠ 1.7, that this method enables one to recover the other model
parameters statistically.

3.2.1. Center

Owing to the low spatial resolution of our data, the kinematic
center of a given galaxy is barely constrained from the kinemat-
ics (Epinat et al. 2010). Therefore the centers are taken from the
I-band morphology since we expect that in the inner parts of
a galaxy at these redshifts, the stars dominate the gravitational
potential.

Thanks to the method we used, the astrometry in the
SINFONI data cubes matches the I-band astrometry. However, a
post correction was applied to match the outer isophotes of the
galaxy in the CFHT images and in the H↵ maps. The median
offset of this post correction is 0.1800, which agrees with the ac-
curacy of the SINFONI pointing system, which is estimated to
be 0.1–0.200 (see SINFONI manual, using a guiding star instead
of offsetting from a bright star). This is also the final accuracy
of our astrometry. This offset was computed for 38 galaxies. The
other galaxies were excluded (i) when no PSF star was observed
or (ii) when they were observed with AO because the observing
sequence did not allow us to compute an astrometry correction.
We find a good agreement between the centers derived from the
I-band images and the peak in the H↵ maps.

3.2.2. Inclination

Disk inclination is a critical parameter to estimate because it
is directly linked to the rotational velocity (V✓) of the disks.
Indeed, we measured the velocities projected along the line of
sight: Vlos = V✓ ⇥ sin i. Consequently, the observed velocity
has to be corrected for the inclination and this correction is
larger for galaxies with low inclination. Owing to this degen-
eracy between inclination and rotation velocity in rotating disk
models, the inclination is not well constrained from the kine-
matics alone. This degeneracy can theoretically be solved for
high-resolution observations but not for observations with strong
beam-smearing (Epinat et al. 2010): this would lead to an er-
roneous rotational velocity. Therefore the inclination was con-
strained from the morphology axis ratio. In addition, since the
uncertainty on the inclination (its sine) directly impacts the un-
certainty on the rotation velocity, we paid special attention in
deriving realistic error bars on the inclination. The thickness of
the disk, which is considered as null in our models, could impact
the determination of the inclination, mainly for edge-on galax-
ies. However, for these objects, the deprojection has a negligible
impact on the determination of Vmax (less than 3% considering a
thickness leading to b/a ⇠ 0.2).

To take into account both the uncertainty on the model and
the uncertainty on the PSF used to recover galaxy parameters
in GALFIT, we used a Monte Carlo method. For each galaxy
we simulated 2000 synthetic sources with the same structural
parameters (magnitude, Sersic index, effective radius, position
angle), but a random value of b/a. The PSF to simulate these
sources was also randomly chosen among different stars in the
fields. Poisson noise was added and the simulated sources were

Fig. 1. Example of the method used to estimate the uncertainty on the
inclination for galaxy VVDS020164388. The x-axis corresponds to
the input inclination of the modeled galaxies, the y-axis corresponds
to the inclination recovered by GALFIT for each modeled galaxy and
the red dashed line corresponds to the inclination of the real galaxy. The
uncertainty is measured along this line as the range that contains 68%
of the points (1σ).

placed in a nearby piece of sky from the original image (three
pieces for each galaxy). The simulated sources were then mod-
eled with GALFIT using the PSF used for the real galaxy. The
final uncertainty was estimated from the range of input inclina-
tions that led to the inclination that was measured with GALFIT
on the real galaxy (see Fig. 1). For the smallest galaxies, the in-
clination was not constrained enough. We therefore decided to
use an inclination of 60◦, the median value for randomly dis-
tributed disks, and an uncertainty of 24◦, which yields a proba-
bility of 0.68 (1σ).

We also checked that there was no bias by studying the in-
clination distribution for the MASSIV sample. Theoretically,
for uniformly randomly oriented thin disks (i.e. with a null
thickness) the probability to observe a disk with an inclination
between ✓1 and ✓2 is equal to | cos ✓1 − cos ✓2 |, leading to distri-
bution as displayed in black in Fig. 2 with a median value of 60◦.
In Fig. 2, we observe that the distribution of MASSIV galax-
ies with constrained inclinations (filled blue histogram) misses
face-on objects (i = 0◦) and edge-on objects (i = 90◦) and has
an excess of objects with intermediate inclinations compared
to the theoretical distribution. The most plausible explanation
for the lack of edge-on morphologies is that disks are thick. It
could also be that extinction is higher in these galaxies, induc-
ing a non-detection of the [O ] λ3727 line in the VVDS spectra.
Figure 1 clearly shows that GALFIT cannot recover extreme in-
clinations. However, the lack of face-on objects could also be
attributed to the small numbers expected or to a computing bias.
It could also be that galaxies do not have regular morphologies
and that, due to surface brightness dimming, one can only ob-
serve the clumpy irregular emission. Indeed, I-band morphology
could be in some cases contaminated by gaseous emission lines
like [O ] λ3727 because the MegaCam/MegaPrime i’ band fil-
ter covers the 0.70 to 0.84 µm spectral range, which corresponds
to [O ] λ3727 redshifted between 0.87 and 1.26. Unfortunately,
the CFHT I-band imaging resolution does not allow us to con-
clude about the clumpy emission. The peak around 60◦ could
also be attributed to (i) the thickness of disks and (ii) the ob-
servation of galaxies that are not disks (mergers for example).
The median of the distribution for our sample (59◦) is compat-
ible with the median expected for a distribution of disks with
random inclination.
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Fig. 2. Distribution of the inclinations for the 40 galaxies of the
MASSIV sample (with a constrained inclination) using a Sersic profile
with GALFIT and assuming they are thin disks (filled blue histogram)
compared with the theoretical distribution for a randomly oriented thin
disk (black histogram).

3.2.3. Constraints on the other model parameters

Since inner velocity gradients reaching a plateau (Vt) within less
than one pixel could not be resolved with our spatial resolu-
tion which is higher than four pixels, the turnover radius rt was
constrained to be at least one pixel during the fitting process.
However, when the model converged toward this value, the sta-
tistical error becomes null. On the other hand, when the plateau
is not reached according to the χ2 minimization, the error on rt
becomes large and so does the error on Vt because the models
mainly constrain the slope. Therefore the errors on these pa-
rameters are difficult to interpret and to propagate to compute
the error on the inner slope of the velocity gradient. A solution
would consist in using a model described by the slope ↵ and the
turnover radius rt to estimate the error on the slope. This test has
been performed but did not give more realistic errors in many
cases. Because this solution was not convincing, we used the
original model. For these galaxies, no error is indicated for rt
and Vt in Table 3. Although rt is not well constrained for small
galaxies, Epinat et al. (2010) showed with 137 galaxies projected
at z ⇠ 1.7 that leaving rt as a free parameter statistically gives a
good estimate of the shape of the rotation curve. It is therefore
necessary to let rt be a free parameter, in particular for the largest
galaxies.

3.2.4. Parameters deduced from the kinematic maps
and models

Radius of the H↵ extent Rlast

This radius is computed from the cleaned maps. The center and
position angle from the kinematic best-fit models were used to
derive the radius of each pixel. Rlast is the radius that both sides
of the galaxy reach.

Velocity shear Vshear

Vshear was computed as the total shear observed in the mod-
eled velocity field shown in Appendix B (i.e. with an S/N
threshold of 3) which takes into account the uncertainty on

the observed velocity field. It is a projected velocity along the
line of sight and is not inclination-corrected and consequently
makes no assumption on the geometry of the galaxy. The use of
the model enables us to smooth the velocity field at the outskirts.

Maximum rotation velocity Vmax

This was computed according to the model at the Rlast radius.
Two sources of uncertainties were added in quadrature to
compute the final uncertainty on Vmax.

The first one is the uncertainty on the inclination (cf.
Sect. 3.2.2). To propagate uncertainties from inclination to ro-
tation velocity, we used a Monte Carlo method assuming a
Gaussian distribution for the inclination. The uncertainty on
Vmax was the standard deviation of the resulting distribution on
this parameter.

The second source of uncertainty is related to the modeling.
Because the uncertainty on Vt is a statistical one, it can be fairly
small. Instead of using an approach based on these errors, the
GHASP sample (Epinat et al. 2008a,b) was exploited to com-
pute model uncertainties related to the size of the galaxies with
respect to the seeing. Using the same method as Epinat et al.
(2010), 136 GHASP galaxies were projected at z = 1.33 un-
der typical seeing and sampling of SINFONI observations of the
MASSIV sample and the S/N of the simulations was adjusted
to match the H↵ fluxes from the MASSIV sample. Figure 13 of
Epinat et al. (2010) was reproduced with these new simulations.
This figure displays the relative error on the maximum velocity
determination with respect to the beam-smearing parameter de-
fined as B = D25/2s, where D25 is the optical diameter and s
is the seeing FWHM. A linear regression was performed to es-
timate the evolution of the accuracy of the fit with galaxy size.
The best fit gives

δVmax = Vmax ⇥
27.5 − 5.8B

100
· (2)

The percentage of galaxies below this relation is about 60%.
Assuming a Gaussian distribution, 1-σ corresponds to a con-
fidence level of 68%. We therefore simply approximated that
δVmax is the 1-σ uncertainty. For the MASSIV sample, B was
estimated from half-light radii (Re) determined by GALFIT on
I-band images (see Sect. 3.1). Indeed, assuming an exponential
disk, the following relation can be written: D25/2 = 1.9Re.
The model uncertainty was consequently determined following
Eq. (2). A minimum uncertainty of 10 km s−1 was imposed,
however. This approach is well-adapted for rotators because it
was built from a control sample of rotators.

Local velocity dispersion σ
The velocity dispersion was computed as in Epinat et al. (2009):
this is the average of the velocity dispersion map corrected for
beam-smearing effects (see Sect. 3.2) and spectral PSF. A weight
proportional to the inverse of the uncertainty on the velocity
dispersion (estimated before correcting for beam-smearing and
spectral resolution) was attributed to each pixel to compute the
average. The uncertainty on this parameter was computed as the
weighted standard deviation.

4. Kinematics classification

To distinguish between galaxy formation scenarii, it is necessary
to know the dynamical state of galaxies for large samples and at
various redshifts.
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4.1. Previous classification schemes of large samples

The first kinematics classification of distant galaxies observed
using integral field unit techniques was provided by Flores et al.
(2006) in the frame of the IMAGES sample (0.4 < z < 0.75)
which contains 68 classified galaxies (Neichel et al. 2008). Their
classification is a visual one that relies on both HST optical im-
ages and FLAMES/GIRAFFE data. The galaxies were split into
three classes: (i) rotating disks whose morphological and kine-
matic position angles match well and with a velocity dispersion
peak in the center, (ii) perturbed rotators whose morphological
and kinematic position angles match well but that have a peak in
the velocity dispersion offset from the center and (iii) complex
kinematics systems with both a disagreement between morpho-
logical and kinematic position angles and a peak in the velocity
dispersion offset from the center. The IMAGES survey has a ma-
jority of galaxies with complex kinematics (44%), and a nearly
equivalent fraction of rotating disks (29.5%) and of perturbed
rotators (26.5%) (Yang et al. 2008; Neichel et al. 2008). From
these numbers, they concluded that at that epoch merging is still
more active than in the local Universe.

The classification of the SINS sample (z ⇠ 2.2) relies on the
asymmetries measured on both the velocity and velocity disper-
sion fields to distinguish rotator-like from merger-like galaxies.
These asymmetries were derived either from a kinemetry analy-
sis (Shapiro et al. 2008) or from a qualitative assessment (Förster
Schreiber et al. 2009). Then, comparing the mean local velocity
dispersion and the rotational velocity, these galaxies (both merg-
ers and rotators) were classified either as rotation-dominated
(Vmax/σ0 > 1) or dispersion-dominated (Vmax/σ0 < 1). For
galaxies with small size or low S/N, they instead compared the
full velocity shear vobs with the integrated line width σint and
used a threshold of vobs/(2σint) ⇠ 0.4. On the one hand, Förster
Schreiber et al. (2009) found that one third of the 62 galaxies in
the H↵ SINS sample contains mergers. On the the other hand,
they also found that one third of this sample contains rotation-
dominated systems, another third corresponds to dispersion-
dominated systems, and the last third are not classified. The au-
thors interpret the large amount of dispersion-dominated disks as
an evidence for cold gas accretion along cosmic web filaments.

For the LSD/AMAZE sample, the classification only dis-
tinguishes rotator-like from perturbed galaxies because galaxies
have a fairly low S/N. This classification relies on the modeling
of the velocity field as an inclined X-Y plane (Gnerucci et al.
2011). The criterion is based on the χ2 of the fit by the plane and
on a constraint on the reliability of the inclination of the plane.

In the pilot run study of MASSIV (Epinat et al. 2009), which
was based on a visual kinematic classification, nine galaxies with
1.2 < z < 1.6 were classified into three groups: (i) three galaxies
are mergers, showing disturbed kinematics and possibly several
components, (ii) two objects are classified as rotation-dominated
disks, with clear signs of rotation and with a maximum rotation
velocity higher than the mean local velocity dispersion and (iii)
four galaxies are dispersion-dominated disks, with clear signs of
rotation but with a maximum rotation velocity lower than the
mean local velocity dispersion. It was concluded that about one
third of these galaxies are observed during some merging event,
whereas one third are rotation-dominated and the other third are
dispersion-dominated.

In this paper, we present a new kinematic classification for
the MASSIV sample to put constraints on the dynamical state
of galaxies at z ⇠ 1.2. The classification scheme was devel-
oped in several steps. First, eight people of the collaboration
independently defined their own criteria. These criteria were

then reconciled and discussed during a common session and
led to a unique classification based both on the close environ-
ment and on the velocity shear strength. The visual classification
helped in defining measurable criteria to build an automatic, thus
reproducible, classification (this led to minor changes in the final
classes). The final classification was also refined to describe the
dynamical state and support of the galaxies.

4.2. Galaxy small-scale environment

The study of galaxy close environment is crucial for inferring a
merger rate on the population probed by the MASSIV sample
at z ⇠ 1.2. Using SINFONI data and CFHT imaging, galax-
ies could be classified as interacting or isolated. Flags have
also been attributed to this classification to qualify its reliability.
Flags “A”, “B” and “C” mean secure classification (>90% prob-
ability), confident (⇠75% probability) classification and poor re-
liability (⇠50% probability), respectively.

The SINFONI field-of-view was explored to detect emission
lines that might be attributed to companions. The same field was
also explored systematically in the I-band images. Owing to the
nodding strategy, the field-of-view is larger for seeing-limited
observations. In that case, the shape of the field results from
the superposition of two 800 square fields overlapped on their
opposite corners (400 quadrants). Thus, the field-of-view of the
combined data around each target can be as large as 600 (corre-
sponding to ⇠50 kpc at z ⇠ 1.2). In the non-overlapping regions,
the exposure time is half the total on-source exposure time but
is sufficient to at least detect emission lines of objects. The ex-
plored field is not a full 1200 ⇥ 1200 square field but only 78% of
this area. For AO observations, the field of view is restricted to
300 (corresponding to ⇠25 kpc), which is insufficient for study-
ing the environment and therefore only the I-band image was
explored to see if a possible companion was observed in the 600

around the main object.
Galaxies were classified as interacting with a confidence flag

“A” when the following conditions were met: (i) the average S/N
(see Table 4) has to be higher than three in an area larger than
the seeing, (ii) the systemic velocity difference between the two
components has to be lower than 1000 km s−1 and (iii) an optical
counterpart has to be observed within the CFHT I-band image.
If the companion was extended but slightly smaller than the see-
ing, we assigned a flag “B”. When no counterpart was observed
in I-band or if some galaxies were observed in the neighborhood
in I-band but not in the SINFONI datacube, the object was con-
sidered as isolated with a flag “B”. A flag “C” was assigned for
AO observations unless absolutely no other galaxy was observed
in I-band around the object. This is detailed in Appendix A.

In some cases, the morphology is elongated and several
H↵ blobs can be detected along the elongation, sometimes also
in I-band images (see comments in Appendix A). It is not
straightforward to asses if these blobs are small objects that are
accreted and not star forming regions within one unique galaxy.
A monotonic velocity field along the direction of the major axis
is likely evidence for rotation. However, if the elongation is the
result of the projection of the two components and if the two ob-
jects are small (no gradient detectable in each component), this
could mimic a monotonic velocity field caused by the difference
of radial velocity between the components. Some additional fea-
tures can also support a merger hypothesis: (i) the angular sep-
aration is larger than 300 (i.e. ⇠25 kpc), because galaxies this
large are not expected at high redshift, nor are they observed
in the local Universe; (ii) the radial velocity gap is larger than
⇠600 km s−1, because this rotational velocity would imply an
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unrealistic dynamical mass for a unique object. If one of these
features was seen, the galaxies were classified as interacting but
with a flag “B”. If none of them was observed, the galaxies were
classified as isolated but a flag “B” was assigned. For the difficult
cases, we were able to use the morphology traced by old stars
(mainly observable in near-infrared bands): the old star popula-
tion may not follow the star forming regions in case of unique
objects. The S/N of these J- or H-band continuum morpholo-
gies recovered from SINFONI data is fairly low, however. It is
therefore not straightforward to arrive at definite conclusions.

When components are very close, i.e. about to merge, the
situation is more complex. However, perturbed line profiles (e.g.
VVDS020294045, cf. Appendix A) in the region between the
two blobs favor a strong discontinuity in the velocity field,
which points toward a two-component hypothesis. These cases
received a flag “B”.

For ongoing mergers one expects to observe peculiar kine-
matic signatures. Therefore, we classified some galaxies as in-
teracting because their velocity fields, velocity dispersion maps
and morphologies were presenting perturbations in the same po-
sitions, suggesting for instance the presence of tidal arms (e.g.
VVDS020283083, cf. Appendix A). Since these signatures are
more subjective, these galaxies usually have a flag “B” for the
isolation criterion.

Other galaxies were classified as isolated. However, when
there were some perturbations in the velocity field or a peak in
the velocity dispersion map, this could be interpreted as signs for
merger remnants, but because it concerns the galaxy outskirts, it
is more likely noise and we assigned a flag “B”.

4.3. Velocity shear strength

For the kinematic classification, we used a first criterion as
simple and objective as possible based on the velocity shear
Vshear (see Sect. 3.2.4). The sample was accordingly divided into
low-velocity shear galaxies (Vshear < 100 km s−1) and high-
velocity shear galaxies (Vshear > 100 km s−1). This gives a
rough idea about the dynamical state of a galaxy without tak-
ing into account more complex motions. For VVDS220397579
and VVDS220544394 it was possible to study the velocity shear
of the companion as well.

This criterion has the advantage that it can be easily mea-
sured. However, the value of Vshear for a given galaxy may vary
with the orientation. This is particularly true for galaxies in or-
dered rotation (Vshear is lower when observed face-on). However,
the distribution of the inclinations, as seen in Fig. 2, shows that
only eight galaxies according to the theoretical distribution and
only three according to the observed distribution may need a cor-
rection larger than a factor of two (corresponding to an inclina-
tion of 30◦) for the measurement of the velocity shear.

In galaxies with a low-velocity shear there might be several
classes of objects: (i) very low-mass objects; (ii) face-on rotating
galaxies; (iii) ongoing mergers in a transient state; (iv) spheroids,
if one expects that the gas in these objects follows the distribu-
tion of stars; and (v) galaxies with a non/slowly rotating gaseous
component.

4.4. Rotating and non-rotating galaxies

For a specific analysis (e.g. Tully-Fisher relation, see Vergani
et al. 2012), it is essential to be able to define a robust sam-
ple of rotating galaxies. We expect a rough agreement of the
morphological and kinematic position angles for rotators. They

Fig. 3. Disagreement between morphological and kinematic position
angles (within the errors) as a function of the velocity field residu-
als normalized by the velocity shear. Blue dots and red squares rep-
resent rotating and non-rotating galaxies. Symbols with black contours
mark interacting galaxies. The symbol size is related to the S/N of the
SINFONI data: small, medium and large symbols refer to galaxies with
S/N < 5, 5 < S/N < 10 and S/N > 10, respectively. One galaxy is not
in the expected region (VVDS020294045, cf. Appendix A).

can be slightly different due to perturbations like bars or strong
spiral arms. We also expect for these galaxies that the rota-
tion motions dominate over perturbations. To distinguish rota-
tors from non-rotating galaxies, we made a diagram in Fig. 3
with two quantities that quantify these two arguments: the dis-
agreement between morphological and kinematic position an-
gles derived from the models presented in Sects. 3.1 and 3.2

within the uncertainties, |PAm − PAk | −
q

δPA2
m + δPA2

k
, and the

mean weighted velocity field residuals normalized by the ve-
locity shear. Rotators are therefore defined as galaxies with a
position angle difference lower than 20◦ and velocity field per-
turbations lower than 20%. These thresholds were chosen from
the distribution seen in Fig. 3 because they enable us to isolate
a clear cloud of points near the origin (the rotators). We note
that these values are also representative of relatively small devi-
ations from rotational motion and position angles. There is one
exception in this diagram: VVDS020294045 was classified visu-
ally as non-rotating although it lies in the rotator’s region of the
diagram. Indeed, the velocity shear visible in its velocity field
is probably caused by a very close companion that thus mim-
ics a rotating disk velocity field. The shape of the line suggests
a merger. If we were to exclude the companion, which is over-
lapping with the main galaxy, the resulting velocity field would
probably be classified as non-rotating (see Appendix A).

We checked the agreement between this classification and
the classification based on kinemetry used in the SINS sample
(Shapiro et al. 2008). The agreement is reasonable but we find
that galaxies that would be classified as mergers according to
their criteria are mainly those that we have classified as non-
rotating. Indeed, the classification of Shapiro et al. (2008) re-
lies on the position in a diagram in which galaxies are placed
according to their asymmetric velocity and velocity dispersion
components. Galaxies show a strong correlation between these
two quantities. This correlation arises because asymmetries are
normalized by the global velocity shear. We are able to show
that the normalized residuals of the model are well-correlated
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with the normalized asymmetries in the velocity field. This is
true for large and small galaxies. Thus, our classification adds
the agreement between the position angles in morphology and
kinematics as a new criterion. One advantage of this criterion is
that it is not restricted to galaxies observed with a good S/N and
with many resolution elements.

4.5. Dynamical support

The last criterion is related to the dynamical support of galaxies.
Indeed, it has been shown that at high redshift (z > 2), galax-
ies are on average more dispersion-dominated than in the inter-
mediate (z ⇠ 0.5) and local Universe. One of our goals is to
determine the evolution of the fraction of dispersion-dominated
systems with redshift since MASSIV might probe a transitional
redshift range.

To quantify the dynamical support, we assumed that all
galaxies have some rotation and that this rotation is adequately
described by the rotating-disk model. Then, we additionally as-
sumed that the local velocity dispersion of the gas is represen-
tative of the random motions in the galaxy. Thus, the dynamical
support is estimated by the ratio of the maximum rotation veloc-
ity over the local velocity dispersion Vmax/σ. This description is
intrinsically better justified for rotators, however.

The various classes and related parameters are summarized
in Table 4.

5. Discussion

Using the classification scheme described above, we were able
to classify as rotating or non-rotating the 46 galaxies (including
one companion) in the redshift range 0.9 < z < 1.6 for which
some emission line was detected in the SINFONI datacubes. For
part of the discussion below we limit the sample to the 36 galax-
ies with an average S/N (defined in Sect. 2.4 and reported in
Table 4) higher than 5 for which the kinematic classification is
more robust (we note that these low S/N galaxies are the major-
ity of galaxies with Rlast/seeing < 1, which means that the kine-
matic model might be less robust). Accordingly among an initial
sample of 46 secure galaxies with 0.9 < z < 1.6, 22% are not
robustly classified or not classified from their dynamical proper-
ties. This proportion is on the same order for the LSD/AMAZE
(Gnerucci et al. 2011). In the MASSIV sample, these galaxies
have on average lower stellar masses and star formation rates
(see Table 5), the latter explaining the lower S/N of these obser-
vations. We also emphasize that the high dispersions are caused
by the two galaxies observed with AO, which have larger stellar
masses and SFR than the rest of the unclassified galaxies. For
those two galaxies the low S/N is due to the small pixel size
rather than an intrinsically low SFR. Concerning the close envi-
ronment criterion, the 41 systems classified with flags “A” and
“B” are considered.

5.1. Rotating disks vs. non rotating galaxies

Rotating disks represent at least 44% (20 out of 46 detected
galaxies) of the MASSIV “first epoch” sample and about 56%
of the high S/N sample. We find a lower percentage of se-
cure non-rotating systems (35% or about 44% of the high
S/N sample) that have no observed rotation in the gaseous com-
ponent or have very disturbed kinematics with respect to their
broad band morphology. The physical properties of these two
classes of galaxies are on average different. We have performed

Kolmogorov-Smirnov tests (Press et al. 1992) on stellar mass,
SFR, half-light radius and velocity dispersion distributions. The
two populations look different in terms of stellar mass and
SFR at a level slightly higher than 1σ (the probability to fol-
low the same distribution is lower than 0.2). Distributions for
size and velocity dispersion are fully compatible. Rotating ob-
jects are on average more massive (Mstar = 4.0 ⇥ 1010 M⊙),
more star-forming (SFR = 60 M⊙ yr−1) and have larger radii
(Re = 3.8 kpc) than non-rotating ones (Mstar = 1.6 ⇥ 1010 M⊙,
SFR = 39 M⊙ yr−1 and Re = 2.7 kpc). On the other hand,
these two types of galaxies have very similar velocity dispersions
around 60 km s−1 (see Table 5). At z ⇠ 2.2, Förster Schreiber
et al. (2009) already noticed a similar trend from the SINS sam-
ple: dispersion-dominated systems are on average smaller than
rotation-dominated ones.

The percentage of rotating systems is higher in MASSIV at
z ⇠ 1.2 than in the LSD/AMAZE sample at z ⇠ 3.3. Indeed,
Gnerucci et al. (2011) found a lower limit of 34% of rotators
in their sample (11 out of 32 detected galaxies that they were
able to classify). Their classification is closest to ours since it
relies both on velocity field modeling and on the agreement be-
tween morphological and kinematic position angle of the major
axis. However, owing to their small statistics and their different
selection function it cannot be excluded that these proportions
are compatible. At z ⇠ 2.2, the comparison with the SINS sam-
ple is more difficult because of the selection function, as for
LSD/AMAZE, but also because of the classification scheme,
which mainly relies on a kinemetry analysis and on a visual in-
spection (Förster Schreiber et al. 2009). Förster Schreiber et al.
were able to unambiguously identify 18 rotating systems (dis-
cussed in Cresci et al. 2009), i.e. a lower limit of 35% (18 out of
52 detected systems). These authors were also able to identify 14
dispersion-dominated systems (27% of the SINS sample) based
on Vmax/σ ratio. Considering only the reliably classified sys-
tems, SINS and MASSIV percentages are similar. At lower red-
shift, the results of the IMAGES sample (z ⇠ 0.6) show that
63% of the sample show signs of rotation (both rotating disks
and perturbed rotators classes, Puech et al. 2008). This percent-
age is higher than for MASSIV and favors an interpretation in
which gas in star-forming systems is stabilizing into disks while
the Universe evolves. This conclusion has to be balanced with
the various selection functions and classification methods, in the
same way as for the comparison with the other surveys discussed
previously. Concerning the selection, the various authors claim
that they observed representative sets of star-forming galaxies in
each redshift range.

In the MASSIV sample, the most massive galaxies
(log Mstar > 10.5) are mainly identified as disks in rotation.
However, this is true for the gaseous phase and does not nec-
essarily imply that the stars are settled into a disk. The best
spheroid candidates may be the most compact and roundest mas-
sive galaxies. Indeed, elliptical galaxies can be flattened, too, but
should be rounder than disks on average. There are four poten-
tial candidates even if only one of them has an axis ratio fully
compatible with zero (see Fig. 4). These may also be nearly
face-on disks if observed velocity shear is very low. In addition,
given our definition of rotators, it is highly probable that gas and
stars share a common disk since both morphological and kine-
matic major axis agree well. The morphology obtained from the
CFHT imaging used for MASSIV has an insufficient low spa-
tial resolution to allow addressing this problem unambiguously
but it is worth noticing that in the local Universe stellar disks
are observed in elliptical galaxies (e.g. Kuntschner et al. 2010).
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Table 4. Kinematics and close environment classification of MASSIV “first epoch” sample galaxies.

VVDS ID S/N
Rlast

Seeing ∆PA [◦] Res
Vshear/2

Vmax/σ Shear Rotator Isolated Isolation flag
(1) (2) (3) (4) (5) (6) (7) (8) (9) (10)
020106882 7.6 1.2 23 ± 4 0.07 3.2 High Yes Yes B
020116027 8.2 1.3 23 ± 6 0.27 0.6 Low No No A
020126402 <3 − − − − − − − −
020147106 12.2 1.4 7 ± 3 0.18 0.3 Low Yes Yes B
020149061 6.2 0.7 34 ± 90 0.17 1.5 Low Yes Yes B
020164388 11.0 1.2 65 ± 5 0.11 1.5 Low No Yes B
020167131 3.7 0.3 87 ± 11 0.22 5.0 Low No No A
020182331 6.1 0.9 34 ± 6 0.09 2.0 High No Yes B
020193070 4.9 0.8 31 ± 3 0.10 3.6 High No Yes B
020208482 4.1 0.3 20 ± 12 0.18 22.9 Low Yes Yes B
020214655 7.5 0.8 51 ± 5 0.17 0.8 Low No Yes B
020217890 <3 − − − − − − − −
020239133 5.3 0.8 14 ± 6 0.11 2.0 High Yes Yes B
020240675 5.5 0.5 7 ± 18 0.40 1.5 Low No Yes B
020255799 4.5 0.6 75 ± 77 1.04 0.2 Low No Yes B
020261328 7.8 1.0 8 ± 8 0.07 2.4 High Yes Yes B
020278667 4.1 0.2 35 ± 14 0.34 1.5 Low No Yes C
020283083 7.0 0.9 58 ± 5 0.18 1.5 Low No No B
020283830 4.8 1.2 14 ± 2 0.08 11.3 High Yes No B
0202940451 7.0 1.2 2 ± 4 0.12 3.9 Low No No B
020306817 <3 − − − − − − − −
020363717 11.4 1.1 49 ± 8 0.19 0.5 Low No Yes B
020370467 5.5 0.9 31 ± 27 0.45 0.6 Low No Yes B
020386743 8.8 0.9 67 ± 8 0.26 0.8 Low No No A
020461235 5.8 1.1 19 ± 4 0.10 3.5 High Yes No B
020461893 7.0 1.3 4 ± 5 0.10 0.9 Low Yes Yes B
020465775 6.8 0.7 31 ± 5 0.24 0.8 Low No No B
140083410 6.0 1.0 88 ± 12 0.35 0.4 Low No Yes A
140096645 10.3 1.0 20 ± 90 0.07 3.9 High Yes No B
140123568 3.5 0.1 43 ± 90 0.44 0.7 Low No Yes B
140137235 3.2 0.1 8 ± 29 0.11 3.5 Low Yes Yes B
140217425 6.8 1.9 2 ± 1 0.04 7.1 High Yes Yes B
140258511 8.1 1.3 52 ± 42 0.12 5.1 High Yes Yes A
140262766 6.5 1.0 32 ± 28 0.07 3.1 High Yes Yes B
140545062 8.5 1.3 14 ± 41 0.06 3.1 High Yes Yes B
220014252 11.0 1.7 5 ± 2 0.08 1.4 High Yes Yes B
220015726 10.4 1.0 8 ± 12 0.04 3.7 High Yes Yes B
220071601 <3 − − − − − − − −
220148046 4.0 0.4 25 ± 18 0.39 0.9 Low No Yes C
220376206 12.6 2.4 10 ± 1 0.05 2.8 High Yes No B
220386469 4.5 1.1 17 ± 12 0.42 0.9 Low No Yes B
220397579 15.7 2.0 31 ± 10 0.68 0.2 Low No No A
220397579s 5.4 1.2 11 ± 3 0.06 8.3 High Yes No A
220544103 10.4 1.2 11 ± 55 0.07 1.9 High Yes No B
220544394 10.5 1.1 54 ± 7 0.08 1.1 Low No No A
220576226 11.6 1.3 45 ± 15 0.15 0.6 Low No Yes B
220578040 5.9 1.4 10 ± 14 0.08 4.9 High Yes Yes C
220584167 13.8 2.1 15 ± 2 0.04 4.8 High Yes Yes B
220596913 5.7 6.2 8 ± 1 0.09 3.7 High Yes Yes B
910193711 6.0 1.8 30 ± 4 0.22 0.8 Low No Yes C
910279515 3.5 1.5 23 ± 8 0.11 3.9 High Yes Yes C

Notes. Column (2) gives the average S/N of the S/N map. The size of the galaxy with respect to the seeing is given in Col. (3). The criteria used
to determine if galaxies are in rotation or not (8) are the mismatch between morphological and kinematic position angles (4) and the residuals
normalized by the velocity shear (5). The ratio of the rotation velocity over the local velocity dispersion is given in Col. (6). Galaxies are classified
according the observed velocity shear in Col. (7): galaxies with Vshear < 100 km s−1 or Vshear > 100 km s−1 are respectively classified as low and
high shear. The close environment classification and its associated quality flag are given in (9) and (10). The suffix “s” refers to secondary objects
which have been detected both in H↵ and in the I-band image. (1) This galaxy is classified as non-rotating even if it fulfils the criteria because the
kinematics seem to indicate that this system is composed of two close companions (cf. Appendix A).

Usually they are quite young (⇠1 Gyr) but they can also be as old
as ⇠10 Gyr, which would be compatible with our observations.

The intermediate mass galaxies (log Mstar < 10.5) are al-
most equally divided between rotating and non-rotating sys-
tems but the smallest ones are principally non-rotating systems

(see Fig. 4). Since both rotating and non-rotating systems are ob-
served with small masses and radii, we can tentatively conclude
that non-rotating systems are not caused by observational arti-
facts. However, we cannot exclude the possibility that for some
of the latter systems, when Rlast/Seeing ⇠ 0.5, the absence of
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Table 5. Physical properties of MASSIV subclasses.

Class N Mstar SFR Re σ

[1010 M⊙] [M⊙ yr−1] [kpc] [km s−1]
Med Mean Dev Med Mean Dev Med Mean Dev Med Mean Dev

Rotating 19 3.9 4.0 3.7 46 60 44 3.1 3.8 2.4 62 58 19
Non-Rotating 16 1.2 1.6 1.2 30 39 29 2.7 2.7 1.2 60 61 17
Detected but unclassified 10 1.5 2.3 2.1 24 34 30 2.3 2.3 1.0 43 39 24
Isolated 28 1.4 3.0 3.4 37 47 41 2.7 3.1 2.2 62 56 22
Interacting 13 1.7 2.1 1.4 30 43 32 4.0 3.9 1.4 53 52 21
Rotating + Isolated 14 3.9 4.1 4.3 58 63 49 2.9 3.8 2.7 62 57 19
Rotating + Interacting 4 4.6 3.6 1.4 64 55 33 5.3 4.2 1.7 73 61 25
Non-Rotating + Isolated 8 1.4 2.0 1.7 42 37 22 1.9 2.0 1.1 66 64 19
Non-Rotating + Interacting 7 1.2 1.3 0.5 26 35 33 3.4 3.5 0.7 53 56 15

Notes. N is the number of galaxies in each subclass; med: median value; mean: average; dev: standard deviation. Only the main objects are
considered.

Fig. 4. Top: axis ratio as a function of the stellar mass. Bottom: half-light
radius as a function of the stellar mass. Same symbols as Fig. 3. Arrows
indicate that uncertainties are exceeding the displayed range.

observed rotation is due to an episode of star formation in sin-
gle non-resolved regions. The fact that we observe large non-
rotating galaxies incompatible with face-on systems is also very
intriguing. In addition, those with Re > 2.8 kpc all interact. This
property is probably related to the nature itself of these systems.

5.2. Dynamical support of disks

To quantify the dynamical support, it is common to study the ra-
tio of the rotation velocity over the local velocity dispersion. In

Fig. 5. Vmax/σ as a function of the half light radius. Same symbols as
Fig. 4.

Fig. 5, we show this ratio as a function of the half-light radius.
Only two out of the 20 secure rotators in MASSIV have a ra-
tio lower than unity and are consequently dispersion-dominated.
Only five out of these 20 secure rotators have Vmax/σ < 2, which
indicates that the majority of rotating disks are clearly rotation-
supported at z < 1.5. Moreover, there seems to exist a trend
that the largest galaxies have the highest Vmax/σ ratio. As seen
in Table 5, the median velocity dispersion is σ = 62 km s−1

for rotators. In addition, the median rotation velocity Vmax =

141 km s−1 and the median Vmax/σ ratio is 3.2. By restrict-
ing the analysis on rotating systems with Re > 3.2 kpc (me-
dian for all rotators), we end up with ten objects with a median
velocity dispersion σ = 49 km s−1, a median rotation velocity
V = 201 km s−1 and a median Vmax/σ = 3.7, which clearly in-
dicates that the largest disks are more stable. This seems to be
supported in Fig. 6 where we clearly see that the velocity disper-
sion is low for the largest rotators (Re > 6 kpc).

At higher redshift, rotators in the LSD/AMAZE sample (z ⇠
3.3) have a typical gaseous velocity dispersion of σ = 90 km s−1

and Vmax/σ ⇠ 1.6 (Gnerucci et al. 2011), whereas in the
SINS sample (z ⇠ 2.2), Cresci et al. (2009) found σ = 52 km s−1

and Vmax/σ ⇠ 4.5 as median values for their unambiguous ro-
tators. The comparison with SINS is not straightforward since
they have made these measurements only for a fraction of these
systems (12 out of 18). For their sample of rotating systems,
the median rotation velocity is Vmax ⇠ 240 km s−1 and the me-
dian half-light radius (using the conversion between half-light
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Fig. 6. Velocity dispersion as a function of the effective radius. Same
symbols as Fig. 4.

radius and disk scale length Re = 1.68Rd valid for an exponen-
tial disk distribution) is Re = 3.4 kpc. These median values are
higher than those we obtain for our sample of 20 rotating galax-
ies (Vmax ⇠ 140 km s−1 and Re = 3.2 kpc), which indicates
that while their sample of rotation-dominated galaxies probes the
massive disks population at z ⇠ 2.2, our sample of rotating sys-
tems spans a wider range in terms of dynamical mass. At lower
redshift, from the IMAGES sample (z ⇠ 0.6), the typical gaseous
velocity dispersion is σ ⇠ 45 km s−1 (Puech, private communi-
cation) and Vmax/σ ⇠ 4 considering both rotating disks and per-
turbed rotators, with a trend for higher Vmax/σ for rotating disks
(Puech et al. 2007). The GHASP sample is the largest 2D kine-
matics sample of local spiral galaxies with star-formation rates
typical of the local Universe. We consider here the subsample of
136 galaxies that we projected at z ⇠ 1.33 with similar spatial
resolution conditions as the MASSIV sample (see Sect. 3.2.3).
These galaxies have a median optical radius of 8.5 kpc. Since
D25 ⇠ 1.9Re for an exponential disk distribution, this gives a me-
dian half-light radius of 4.5 kpc. The median rotational velocity
is 164 km s−1, the median velocity dispersion is 24 km s−1 and
the median Vmax/σ is ⇠7. Despite the small differences observed
from z ⇠ 2.2 to z ⇠ 0.6, observations of various samples suggest
a trend of decreasing velocity dispersion with decreasing red-
shift. Associated to local and z ⇠ 3 observations, this supports
the idea that the gaseous phase of galaxy disks becomes less tur-
bulent with cosmic time.

We also observe that about half of the sample of rotators
have a gaseous velocity dispersion unambiguously higher than
60 km s−1. These may be interpreted as clumpy disks. Indeed,
it has been claimed that a high-velocity dispersion is expected
for clumpy disks created from a smooth cold gas accretion (e.g.
Bournaud & Elmegreen 2009). This mode of accretion is be-
lieved to be more efficient at z > 2 (Kereš et al. 2009) and it is
therefore not surprising to also observe a significant percentage
of galaxies in MASSIV that resemble stable rotating disks with
velocity dispersions compatible with ⇠20–50 km s−1 (cf. Fig. 7).

We also point out that the gaseous velocity dispersion is not
significantly different when considering non-rotating systems,
which raises the question of the origin of this gaseous veloc-
ity dispersion. If these non-rotating systems are indeed transient
mergers of star-forming disks in an unstable phase, then a high-
velocity dispersion is expected (Bournaud et al. 2011), but then
it is more difficult to explain cases of large non-rotating galaxies
with relatively low gaseous velocity dispersion.

Fig. 7. Velocity dispersion as a function of the redshift. Same symbols
as Fig. 4. The dotted line represents the velocity dispersion correspond-
ing to the spectral PSF of SINFONI.

As pointed out by e.g. Lehnert et al. (2009), Green et al.
(2010), and Le Tiran et al. (2011), star formation might be re-
sponsible for the gaseous turbulence. In particular, star formation
intensity might be correlated with gaseous velocity dispersion.
Within this hypothesis, the lowering of the velocity dispersion
from high to low redshift might be explained by the fact that the
samples discussed in this paper have on average a decreasing star
formation rate from z ⇠ 3 to z = 0 (see Contini et al. 2012). This
behavior is due to cosmological surface brightness dimming but
also to galaxy evolution itself: on average, galaxies have a larger
size and form less stars at z = 0 than at z ⇠ 2. The relations be-
tween star formation and velocity dispersion will be addressed
with the full MASSIV sample in a forthcoming paper.

5.3. Importance of merging at z ⇠ 1.2

The proportion of interacting galaxies in our sample is at least
29% (13 interacting systems with flag “A” or “B” out of the
45 detected systems with 0.9 < z < 1.6) and is 32% if we
only consider the 41 systems with a flag “A” or “B” in the red-
shift range 0.9 < z < 1.6. Because of the way we determined
which systems are in interaction, this proportion is a lower limit.
Indeed, on the one hand, it could be that a fraction of non-
rotating galaxies are ongoing mergers or merger remnants. On
the other hand, close mergers could mimic rotators (elongation
and velocity gradient along a common axis), as is the case for
VVDS020294045 (see Appendix A). In addition, owing to the
non-circular final field-of-view of our SINFONI data we only
cover a fraction of the area at a given radius around our targets.
There is also a substantial percentage of objects for which close
galaxies are observed in I-band but not in SINFONI datacubes
(see Appendix A). It is possible that a fraction of these objects
are passive galaxies at the same redshift as the MASSIV targets.
It is interesting to notice that on average, galaxies in interaction
are larger than isolated galaxies and have a lower gaseous veloc-
ity dispersion (see Table 5).

The proportion of interacting systems in MASSIV is compa-
rable to the percentage of mergers in the SINS sample. However,
SINS mergers (around one third of the sample) are mainly iden-
tified using kinemetry, a technique based on the degree of per-
turbation observed in the kinematic maps, whereas the 29% of
interacting galaxies in MASSIV are mainly based on the detec-
tion of several components. On the one hand, only three pairs out
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of 52 detected systems were identified in SINS (and three pairs
out of 29 systems in the LSD/AMAZE sample), which is much
lower than the pair fraction observed in MASSIV. On the other
hand, SINS mergers found from kinemetry may mainly corre-
spond to our non-rotating galaxies (see Sect. 4.4). That means
that using this latter method, we would probably find that some
MASSIV isolated galaxies are likely mergers. This is addition-
ally supported by the fact that the percentage of non-rotating
systems is larger in interacting galaxies: among the 11 systems
with interactions in the sample (with both S/N > 5 and isolation
flag “A” or “B”), seven have at least one non-rotating compo-
nent (64%), whereas among the 22 isolated systems (with both
S/N > 5 and isolation flag “A” or “B”), there are only eight
non-rotating galaxies (36%). This could indicate that some iso-
lated non-rotating galaxies are in fact ongoing mergers or merger
remnants. This seems to be also supported by the number of in-
teracting galaxies, which is larger at z ⇠ 1 (e.g. Fig. 7). The
conclusion is therefore that the percentage of mergers at z ⇠ 1.2
is higher than at z ⇠ 2.2 as observed in SINS.

At lower redshift, 44% of galaxies in the IMAGES sample
have complex kinematics that could be explained by ongoing
mergers of star-forming galaxies (Yang et al. 2008). This is more
than the proportion of interacting galaxies in MASSIV. However,
the definition of galaxies with complex kinematics is probably
closer to our definition of non-rotating galaxies (as is the case
for the comparison with SINS) and the proportions of these two
classes in each sample are fully comparable. It is probable that
for IMAGES, a larger field of view would have led to the detec-
tion of close companions. Consequently, a direct comparison of
merging with MASSIV is not straightforward.

The number of mergers deduced from the pair number is
higher in MASSIV than in SINS. Our results are still consistent
with a peak in the merger activity at 1 < z < 2 if we consider
systems with complex kinematics. However, it is not yet clear
if these kinematic signatures of mergers are related to minor or
major mergers, whereas from the MASSIV sample we have a
way to infer the mass ratio between pair members. A dedicated
analysis on the merger rate from the observed pairs will be per-
formed for the entire MASSIV sample (López-Sanjuan et al., in
prep.) and will probably enable us to infer the rate of observed
ongoing mergers.

5.4. Nature of non-rotating galaxies

Clearly, non-rotating systems are mainly galaxies classified
as low-velocity shear galaxies plus some interacting galaxies.
Among the 16 (and eight additional with S/N < 5) low-velocity
shear galaxies only three (and two additional that have very poor
S/N) could be considered as rotating. Two of these galaxies
are compatible with nearly face-on systems. The exact nature
of these non-rotating objects is still unclear. Such a population
of galaxies has already been observed at higher redshift both in
the SINS sample at z ⇠ 2.2 and in the LSD/AMAZE sample at
z ⇠ 3.3. These objects are smaller on average than rotators and
are often associated to interacting systems (see Table 5).

An unexpected trend is observed for these objects in the
MASSIV sample (Fig. 6): there exists an anti-correlation be-
tween the mean velocity dispersion of the gas and the effective
radius of the stellar component. This correlation is in contrast to
what would be expected for elliptical galaxies located in the fun-
damental plane (Dressler et al. 1987; Djorgovski & Davis 1987).
However, the fundamental plane applies for the central stellar
velocity dispersion, which is a quantity that cannot currently
be measured in high-redshift galaxies from spectroscopic data.

Alternatively, this correlation could reflect a beam-smearing ef-
fect since an unresolved velocity gradient could reproduce this
trend. However, the fact that we also observe velocity gradients
in other galaxies with similar sizes contradicts this interpreta-
tion but it is closely linked to the spatial distribution of the ion-
ized gas. For face-on disks (possible only for low-velocity shear
galaxies), it would be expected to recover the same trend as for
rotators (i.e. lower velocity dispersion for large disks). This is
very unlikely, however, because velocity gradients may be ob-
served for the largest galaxies and also because we do not ex-
pect to observe more than four galaxies with an inclination lower
than 20◦ (see Fig. 2). If the gas were more concentrated, though,
it might collapse more violently to form stars at a higher density
if we consider that star formation can drive the gaseous velocity
dispersion as suggested by e.g. Green et al. (2010).

As was been proposed in the previous sections, these non-
rotating objects can be interpreted as

– Merger remnants in a transient unstable state for the gaseous
phase (e.g. collapse of gas due to interaction, anti-spin merg-
ers, etc.).

– Rotators with a special gaseous distribution: the most plau-
sible being a unique highly concentrated star-forming region
when galaxies are small.

– Galaxies with an unstable gaseous phase. This could be sup-
ported by the relatively low mass (thus a low potential well)
of these systems.

– Nearly face-on disks (for low-velocity shear galaxies only):
this would explain the similar velocity dispersion as for the
rotators but the number of these galaxies is statistically low.

– Spheroids: however, (i) these galaxies may be the most mas-
sive ones; (ii) there is no reason to think that the gas is not
in a disk as observed at lower redshift (e.g. Peletier et al.
2007 in early-type spirals; e.g. Bournaud et al. 2007 in nu-
merical simulations of gas-rich mergers) and (iii) if the gas
is randomly distributed, a higher velocity dispersion than for
rotators would be expected.

6. Summary and conclusions

We presented the data and their processing for a subsample of
50 galaxies of the MASSIV sample (described in Contini et al.
2012). We focused on the analysis of the dynamical state of
galaxies using kinematic maps derived from SINFONI data-
cubes. We classified this sample based on the modeling of these
maps and based on a comparison between morphology and kine-
matics. This classification describes on the one hand the rotating
or non-rotating nature of the objects and on the other hand the
close environment of galaxies.

We separated rotating galaxies and non-rotating galaxies
based on two arguments: (i) the agreement between morphologi-
cal and kinematic major axis position angle and (ii) the accuracy
of the description of a rotating disk model. We showed that about
half of the sample displays rotation, whereas one third does not
show a dominant ordered rotation (the remaining fraction is not
classified). However, the ionized gas turbulence in these two
classes is similar (σ ⇠ 60 km s−1), which marks a transition
between higher redshift galaxies showing on average a higher
velocity dispersion (σ ⇠ 60−90 km s−1), as in SINS at z ⇠ 2.2
or LSD/AMAZE at z ⇠ 3.3, and lower galaxies in IMAGES at
z ⇠ 0.6 and GHASP at z = 0, which are characterized by a
lower velocity dispersion (σ ⇠ 20−40 km s−1). All these sam-
ples are 3D spectroscopic samples observing ionized gas emis-
sion lines. This transition of the gaseous velocity dispersion seen
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from these high- to low-redshift samples is partly responsible for
the increase of the rotational support (deduced from the Vmax/σ
ratio) when galaxies evolve. It could be related to a common pro-
cess that would induce a decrease of the star formation rate. We
observe that about half of our galaxies have a velocity dispersion
compatible with that in local star-forming galaxies, whereas the
other half is more compatible with galaxies at higher redshift.
At high redshift, this high-velocity dispersion seen in isolated
disks is thought to be caused by a mass assembly driven by cold
flows. In this framework, our results suggest that at z ⇠ 1.2 cold
gas accretion is less efficient than at higher redshift but more effi-
cient than at lower redshift, consistent with cosmological simula-
tions (Kereš et al. 2005). When we compare our sample to these
other high-redshift samples, it seems that the fraction of disks
increases in star-forming galaxies while the Universe evolves.

By studying strong kinematic signatures of merging and de-
tecting pairs in our data-cubes and broad band images, we have
shown that the fraction of interacting galaxies is up to at least one
third of the sample. The fraction of non-rotating objects in these
systems is higher than in isolated ones. This suggests that a sig-
nificant fraction of isolated non-rotating objects could be merg-
ers in a transient state in which the gas is not dynamically stable.
However, the nature of non-rotators is still unclear. Compared to
higher and lower redshift 3D spectroscopic surveys, our findings
seem to indicate that at the peak of star formation activity, the
fraction of star-forming galaxies in interaction is also at its max-
imum, corresponding to a peak in the merging activity (Ryan
et al. 2008; Conselice et al. 2008; López-Sanjuan et al. 2009).

All these results favor a scenario in which the mass assem-
bly of star-forming galaxies is progressively shifting from a pre-
dominance of smooth cold gas accretion to a predominance of
merging as cosmic time evolves, with a transition epoch around
a redshift z ⇠ 1−1.5.
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Appendix A: Individual comments

VVDS020106882 This galaxy has a regular velocity field. The
velocity dispersion is higher on the southeast side but remains
low. Some external pixels are detected on the northwest side.
They seem to be related to regions associated to the galaxy due
to concordant velocities. Two objects (including a very faint one)
are detected in I-band at less than 600 but are not detected in the
SINFONI datacube.

VVDS020116027 This galaxy has a small companion at 400 to the
north. The companion is detected in H↵ but with a low S/N and
over a region of the size of the seeing. This companion is less
exposed than the main galaxy. The main galaxy itself seems to
have two components in the H↵ flux distribution and has a very
low velocity shear.

VVDS020147106 Despite a low-velocity gradient and some per-
turbations in the low S/N regions, the kinematic position an-
gle of this galaxy agrees well with the I-band morphology. This
galaxy may therefore be a nearly face-on disk (at least the ion-
ized gas) but with a high velocity dispersion. There are several
objects detected in I-band but not in the SINFONI datacube at
less than 600.

VVDS020149061 The I-band image suggests small and ex-
tremely faint companions that are not detected in the SINFONI
datacube, however . The seeing is half the size of the H↵ emis-
sion. The velocity field is irregular on the edges where the S/N
is lower and the velocity dispersion is higher than 70 km s−1 ev-
erywhere in the galaxy (except at the edges).

VVDS020164388 Except for the edge, the velocity field and the
velocity dispersion map are regular. Velocity dispersion is not
higher than 60 km s−1. In the I-band image, the galaxy is quite
round. Several faint close objects are also observed in this image
but are not detected in H↵.

VVDS020167131 Some [O] is detected in the center but there
are only a few pixels and the S/N is lower than 4. In addition,
some emission line is detected at the same redshift in the center
of the galaxy on the east seen in the I-band. This indicates that
these two galaxy are in interaction.

VVDS020182331 The velocity gradient is clear even if we ex-
clude low S/N regions (bluest and reddest velocities). However,
the velocity field and velocity dispersion map look perturbed,
probably because of the low S/N of the observation. A very close
companion is detected in the I-band image that is undetected in
H↵.

VVDS020193070 Despite a generally low S/N, the velocity field
is quite regular except in the outskirts. The velocity dispersion is
low but slightly asymmetric. The morphology is elongated both
in I-band and in H↵ (but with a difference of ⇠10◦ between mor-
phological and kinematic major axis position angles). Three very
faint objects are detected at less than 500 from the galaxy but are
not detected in H↵.

VVDS020208482 The S/N is fairly low but there is a clear ve-
locity shear. The I-band image shows a close galaxy and other
objects, farther away, that are not detected in H↵.

VVDS020214655 This galaxy displays a fairly smooth low ve-
locity gradient, but not aligned with the morphology, which is
quite round. There are some perturbations in the low S/N re-
gions of the velocity field. There are also small perturbations
in the velocity dispersion map, which is fairly flat and has low

values. There is a close galaxy in the I-band (at ⇠200) that is not
detected in H↵.

VVDS020239133 The morphology from I-band is clearly elon-
gated and is more extended than that in H↵. The velocity field is
asymmetric but shows a clear gradient. The velocity dispersion
map is also perturbed and has a high-velocity dispersion in the
south that could be explained by a sky line residual. Two ob-
jects are observed in I-band but not detected in H↵ within the
SINFONI field-of-view.

VVDS020240675 The velocity field is perturbed, with a
low-velocity gradient. The velocity dispersion is fairly low
(⇠40 km s−1). In addition, the size of the H↵ emission is not
large compared to the seeing. There is some emission detected
at 200 in the east of the main galaxy, but nothing is detected in the
I-band at this location. There are also several objects in I-band
within 600 that are not detected in H↵.

VVDS020255799 The signal in H↵ for this galaxy is not ex-
tended and with a mean S/N lower than 5. There is no clear
regular velocity gradient. One object is detected at 500 in I-band
but not in H↵.

VVDS020261328 The velocity field is not completely regular in
the blue and red sides. There is also a peak in the velocity dis-
persion where the S/N is lower. Several objects are detected in
I-band but not in H↵.

VVDS020278667 Some H↵ is detected, but the extent is lower
than the seeing, and the S/N is lower than 5. Therefore its clas-
sification is very doubtful. There is a close galaxy (⇠1.500) in the
I-band but it is not detected in H↵.

VVDS020283083 This galaxy looks asymmetric in the I-band
and this coincides with the H↵ distribution and with the main
perturbation of the velocity field. This could be related to a tidal
tail. That is why this galaxy is classified as non-isolated.

VVDS020283830 In the H↵ flux map there is a faint detection
smaller than the seeing that coincides with a detection in the
I-band (north-east). For the main object, the distribution is asym-
metric. This is also true in the H↵ distribution, which is clumpy.
These clumps may be either star-forming regions in one single
rotating galaxy or two small objects in the process of merging.

VVDS020294045 The total velocity shear is larger than
50 km s−1. However, both the I-band and the H↵ images are
consistent with a system involving two components: one main
component with a low-velocity gradient (south) and one small
component with a size comparable to the seeing (north). This
interpretation is supported by the high-velocity dispersion be-
tween the two components due to beam smearing between the
two components at different radial velocities. There is a sky line
residual at the velocity of the small component, but the flux de-
tected is noticeable. It is therefore not possible to classify the
small component. This system is classified as interacting with a
flag B since it could also be a single object but with strong per-
turbations.

VVDS020363717 The I-band shows a close (⇠100), very diffuse
and faint object that is not detected in the H↵ (southwest). The
velocity shear is low. The velocity field is perturbed in the low
S/N regions. The velocity dispersion map is also perturbed and
the velocity dispersion is high (⇠90 km s−1) after beam smearing
correction.
VVDS020370467 Both velocity field and velocity dispersion
map are perturbed. The velocity gradient of the model is low
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and the velocity dispersion is quite high (higher than 70 km s−1)
in particular at the north edge (higher than 150 km s−1). This
could be a sign for a strong interaction due to merging, but there
is also a sky line residual that could induce the line width. In
addition some objects are observed in the I-band image at less
than 600 but are not detected in H↵.

VVDS020386743 The H↵ distribution is very elongated for this
galaxy, but no velocity gradient is visible. Both velocity field
and velocity dispersion are smooth. The I-band image shows
a distorted galaxy compatible with the H↵ distribution. In the
north, the distortion is compatible with a faint detection in H↵
that could be related to a minor close companion.

VVDS020461235 The velocity field of this galaxy is perturbed.
There is a blob detected in H↵ in the southwest side. This blob
is also suggested in the I-band morphology but is less clear. This
blob has velocities compatible with the rotation of the main com-
ponent but could as well be a minor companion in the process of
merging. This system is therefore classified as interacting with a
flag B.

VVDS020461893 The velocity field is regular but the velocity
dispersion is less regular and high and could suggest a high-
dispersion clump. An object is observed at 300 southward in the
I-band image but is not detected in SINFONI data.

VVDS020465775 Both velocity field and velocity dispersion
map are irregular. The gradient of the model is lower than
50 km s−1. We claim that there is a companion in the northwest
that induces broad and non-Gaussian (hence a lower S/N) lines
interpreted as a sign of interaction that could also be responsible
for the asymmetry in the I-band. Hence it is classified as inter-
acting with a flag B since it could also be a single object but with
strong perturbations.

VVDS140083410 The velocity field is perturbed and there is no
clear overall velocity gradient. No galaxy is detected at less than
800 in the I-band image.

VVDS140096645 The velocity field is smooth but with some per-
turbations along the minor kinematic axis. The velocity disper-
sion map is perturbed and larger on the southern side probably
due partially to a sky line residual. Some emission is detected
in the H↵ map outside the main component (north). This de-
tection is smaller than the seeing and is not clearly confirmed
in the I-band morphology (CFHT12k images are less deep than
CFHTLS images). It could be a minor companion but it is also
compatible with the velocity of the main component and could
be associated to it. Therefore it is classified as interacting with a
flag B. This galaxy also has an AGN (see Queyrel et al. 2012).

VVDS140123568 Some H↵ is detected, but there are only a few
pixels and the S/N is lower than 4. Therefore its classification is
very doubtful. There is no detected object in the I-band image
at less than 600 around the galaxy. Since the kinematics does not
allow to investigate a possible ongoing merger, the isolation has
a flag B.

VVDS140137235 Some H↵ is detected, but there are only a few
pixels and the S/N is lower than 4. Therefore its classification is
very doubtful. There is no detected object in the I-band image
at less than 600 around the galaxy. Since the kinematics does not
allow to investigate a possible ongoing merger, the isolation has
a flag B.

VVDS140217425 The velocity field is regular and has the high-
est shear (⇠600 km s−1). The velocity dispersion map shows two

regions with high-velocity dispersions (>150 km s−1). These re-
gions are associated with a lower S/N. This is because there
are double profiles in these regions that induce a poor fit. These
double profiles are caused by the beam-smearing that mixes re-
gions with different velocities. This can be interpreted as the
presence of star-forming clumps at the edge of the galaxy and
a large clump in the center. The decomposition of the profile us-
ing two Gaussian scales down the velocity dispersion to usual
values, and shows that the two external clumps have no velocity
gradient, whereas the central one does have one. This picture is
compatible with a rotating disk in which the rotational velocity
reaches a plateau before the external clumps. Using the double
profile decomposition instead of the kinematics model to derive
the maximum velocity, we find Vmax ⇠ 312± ⇠ 20 km s−1, which
is much more realistic than the value found from the model. The
velocities of the plateau are ⇠+313 and ⇠−312, which shows that
the rotation curve is fairly symmetric and therefore favors a ro-
tating disk hypothesis. Correcting for the inclination, we obtain
Vmax = 322 km s−1. However, the I-band image is asymmetric
(which is not incompatible with the previous statement), and it
cannot be ruled out that the external clumps are instead objects
about to merge with the main component.

VVDS140258511 The velocity field and velocity dispersion map
look perturbed at the northeast edge but this may be due to a sky
line residual. Except at this location, the velocity dispersion is
low (less than 40 km s−1).

VVDS140262766 The velocity field and the velocity dispersion
map are not strongly perturbed and the velocity dispersion is
about 50 km s−1. Several objects are seen at less than 500 in the
I-band image but are not detected in H↵.

VVDS140545062 This object has a clear and smooth velocity
shear compatible with the I-band and H↵morphology. However,
the velocity field is not very well reproduced by the rotating disk
model: one side is faster than the other. The velocity dispersion
map shows a peak in the southwest side. This peak is caused by a
double profile that may be interpreted as a sign of merging (late
stage or ongoing merger). However, since the system as a whole
is isolated (no galaxy at less than 700 in I-band), this galaxy was
classified as isolated with a flag B.

VVDS220014252 Both velocity field and velocity dispersion
map are perturbed. In addition, the morphology in I-band
is asymmetric. This system has a high-velocity dispersion
(>80 km s−1) and is peaked on some edges. This may be a sign of
merging (ongoing or remnant). However, the system is isolated
and there is no other evidence for some companion except one
very faint object in I-band at ⇠500, which is not in the SINFONI
field-of-view. So this system is classified as isolated.

VVDS220015726 The velocity field of this galaxy is well repro-
duced by a rotating disk model. The velocity dispersion map is
peaked in the center, which agrees with the expected effect of
beam smearing caused by the inner velocity gradient. The ve-
locity field and velocity dispersion map are slightly perturbed.
One very faint component is detected in I-band at around 400 but
is not detected in H↵.

VVDS220148046 This galaxy has been observed using AO and
is therefore less deep than seeing-limited observations. Some
emission line was detected but with a low S/N (⇠4). It appears
that the redshift determined from the VVDS was wrong and that
we observed [O] at z = 2.2442. The emission is compact and
therefore it is not possible to conclude about the kinematics.
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VVDS220376206 A small component (smaller than the seeing,
hence a flag B for the environment classification) is detected in
H↵ and is confirmed in the I-band image (north). The residual
velocity field shows signs of interaction. The main component
has two blobs in H↵ and the I-band morphology is slightly asym-
metric. The velocity dispersion map is also perturbed and peaked
on the edges. This may be a sign of interaction or of the end of a
merging event.

VVDS220386469 This observation was made with AO and is
underexposed (owing to the small pixel size, cf. Contini et al.
2012). Even if the AO observation does not allow a fair compar-
ison with other galaxies in the same conditions because of the
smaller field of view, this system is classified as isolated with a
flag B since the closest clear detection in the I-band image is far-
ther than the 600 that would be reached using the seeing-limited
observing strategy. The velocity field is irregular and the veloc-
ity dispersion is very small but this may be due to the use of
AO, which provides more details and a lower S/N than seeing-
limited observations. The extent of the velocity field is small so
it is difficult to argue that there is no velocity gradient at all in
this galaxy.

VVDS220397579 This system is the clearest interacting system
between two large galaxies. The two objects are detected in H↵
and in the I-band. Both are elongated toward the same direc-
tion. The main object in H↵ and in I-band has a smooth velocity
field with no gradient except on the northern side, near the com-
panion. This region coincides with a higher velocity dispersion
and this is probably related to the interaction with the compan-
ion. Since the galaxies are aligned and since the overall velocity
gradient is monotonic, the whole system might be considered as
a unique galaxy with two big clumps. However, such a system
would be very much extended, a property which is physically
unlikely at these redshifts. The companion shows a clear veloc-
ity shear and has been classified as well. It is also worth noticing
that the minor companion in I-band is the most luminous in the
K-band (from UKIDSS Deep Extragalactic Survey, Lawrence
et al. 2007), therefore likely the most massive one.

VVDS220544103 This galaxy has a clear velocity gradient. The
object is distorted in the I-band image as well as in H↵. This can
be explained by the presence of two components (the morphol-
ogy was decomposed using this hypothesis). In that case, the
southern component may be well described by a rotating galaxy
and the brightest blob in H↵ (north) maybe a companion in a
merging stage or a relic of merging. However, it cannot be ruled
out that this is a single object with disturbed morphology and
kinematics, hence the flag B.

VVDS220544394 The H↵ map clearly shows the presence of a
main component and a faintest one in the north. Their velocity
fields seem decorrelated enough to claim that these are two sep-
arated objects on a pre-merging stage. The small component is
also clearly detected in the I-band. The velocity field of the main
component is perturbed but shows a velocity shear. Its velocity
dispersion is about 50 km s−1. The small component is slightly
larger than the seeing and may also be considered to have a ve-
locity shear.

VVDS220576226 The velocity field is perturbed in the north
where the S/N is the lowest. The velocity dispersion map is reg-
ular. Two objects are observed within 600 in the I-band image but
are not detected in H↵.

VVDS220578040 The I-band image shows an asymmetric
galaxy with a more diffuse emission in the east. The H↵ map
shows two blobs. These can be interpreted either as two distinct
galaxies or as two clumps in one single galaxy. The velocity field
is perturbed and is not fully reproduced by the model. The ve-
locity dispersion map is slightly perturbed. Since no strong kine-
matics perturbation is observed, this galaxy is classified as iso-
lated (with a flag C) and therefore its kinematics is interpreted
as a sign of rotation.

VVDS220584167 The I-band morphology is distorted and the
H↵ distribution is asymmetric. The kinematic position angle,
however, agrees very well with the morphology. The velocity
field shows some perturbations such as a slight asymmetry. This
could be due to the position of the kinematic center that would
differ from the morphological one. The velocity dispersion map
is peaked in the center, however, but the beam smearing may not
account for the whole amplitude of the peak. Two objects are
detected in I-band but not in H↵ at less than 600.

VVDS220596913 This galaxy is a chain galaxy in the I-band. It
has been observed both with and without AO (cf. Contini et al.
2012). Several blobs are detected in H↵. They can be interpreted
as several clumps in a single edge-on galaxy since the velocity
field is monotonic. They can also be interpreted as several small
galaxies in a merging stage. The continuum was extracted from
the SINFONI data around H↵ and seems to be peaked in the cen-
ter, between the H↵ blobs, which favors the edge-on hypothesis.
Since no strong kinematics perturbation is observed, and since a
previous seeing-limited observation (Epinat et al. 2009) revealed
that no extra emission is detected, this galaxy is classified as iso-
lated with a flag B and therefore its kinematics is interpreted as
sign of rotation.

VVDS910193711 This observation was made with AO. The ex-
tent is larger than 100. The velocity field is perturbed. The in-
terpretation of the perturbations may not be comparable with
seeing-limited observations because the S/N is lower and the
scale of the perturbations smaller. The velocity dispersion is high
(around 100 km s−1). In the close neighborhood that would be
observed using the seeing-limited strategy, several objects are
detected in the I-band image.

VVDS910279515 This galaxy was observed using AO and is
therefore less deep than seeing-limited observations. This galaxy
is unclassified since there are only a few pixels with a S/N larger
than 3. There are several objects in the I-band image at less
than 500 that would have been observed using a seeing-limited
strategy.

Appendix B: Kinematic maps

This appendix shows the kinematic maps for all detected galax-
ies. There are several sets of maps for galaxies with detected
companions: one for the whole system (without kinematics mod-
eling) and one for each modeled component.
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Fig. B.1. Maps for VVDS020106882. From left to right: (top) the I-band CFHT image (arbitrary scale), the H↵ flux map (arbitrary scale) and
the S/N map, (middle) the observed velocity field, the rotating-disk-modeled velocity field, the residual velocity field, the uncertainty map on
the velocity field, (bottom) the observed uncorrected velocity dispersion, the velocity dispersion map deduced from the velocity field model
(beam-smearing effect and spectral PSF), the beam-smearing-corrected velocity dispersion map and the uncertainty on the velocity dispersion.
The redshift is indicated in the top-left. In each map, north is up and east is left. The center used for kinematics modeling is indicated as a double
black and white cross, the position angle is indicated by the black line. This line ends at the effective radius. The seeing FWHM is indicated on
the H↵ map as a circle.
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Fig. B.2. Maps for VVDS020116027 system. From left to right: (top) the I-band CFHT image (arbitrary scale), the H↵ flux map (arbitrary scale)
and the S/N map, (middle) the observed velocity field, the uncertainty map on the velocity field, (bottom) the observed uncorrected velocity
dispersion and the uncertainty on the velocity dispersion. The redshift is indicated in the top-left. In each map, north is up and east is left. The
seeing FWHM is indicated on the H↵ map as a circle.

Fig. B.3. Maps for VVDS020116027. Same caption as Fig. B.1.
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Fig. B.4. Maps for VVDS020147106. Same caption as Fig. B.1.

Fig. B.5. Maps for VVDS020149061. Same caption as Fig. B.1.
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Fig. B.6. Maps for VVDS020164388. Same caption as Fig. B.1.

Fig. B.7. Maps for VVDS020167131 system. Same caption as Fig. B.2.

A92, page 24 of 49



B. Epinat et al.: MASSIV: Mass Assembly Survey with SINFONI in VVDS. II.

Fig. B.8. Maps for VVDS020167131. Same caption as Fig. B.1.

Fig. B.9. Maps for VVDS020182331. Same caption as Fig. B.1.
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Fig. B.10. Maps for VVDS020193070. Same caption as Fig. B.1.

Fig. B.11. Maps for VVDS020208482. Same caption as Fig. B.1.
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Fig. B.12. Maps for VVDS020214655. Same caption as Fig. B.1.

Fig. B.13. Maps for VVDS020239133. Same caption as Fig. B.1.
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Fig. B.14. Maps for VVDS020240675 system. Same caption as Fig. B.2.

Fig. B.15. Maps for VVDS020240675. Same caption as Fig. B.1.
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Fig. B.16. Maps for VVDS020255799. Same caption as Fig. B.1.

Fig. B.17. Maps for VVDS020261328. Same caption as Fig. B.1.
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Fig. B.18. Maps for VVDS020278667. Same caption as Fig. B.1.

Fig. B.19. Maps for VVDS020283083. Same caption as Fig. B.1.

A92, page 30 of 49



B. Epinat et al.: MASSIV: Mass Assembly Survey with SINFONI in VVDS. II.

Fig. B.20. Maps for VVDS020283830 system. Same caption as Fig. B.2.

Fig. B.21. Maps for VVDS020283830. Same caption as Fig. B.1.
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Fig. B.22. Maps for VVDS020294045. Same caption as Fig. B.1.

Fig. B.23. Maps for VVDS020363717. Same caption as Fig. B.1.
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Fig. B.24. Maps for VVDS020370467. Same caption as Fig. B.1.

Fig. B.25. Maps for VVDS020386743 system. Same caption as Fig. B.2.
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Fig. B.26. Maps for VVDS020386743. Same caption as Fig. B.1.

Fig. B.27. Maps for VVDS020461235. Same caption as Fig. B.1.
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Fig. B.28. Maps for VVDS020461893. Same caption as Fig. B.1.

Fig. B.29. Maps for VVDS020465775. Same caption as Fig. B.1.
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Fig. B.30. Maps for VVDS140083410. Same caption as Fig. B.1.

Fig. B.31. Maps for VVDS140096645 system. Same caption as Fig. B.2.
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Fig. B.32. Maps for VVDS140096645. Same caption as Fig. B.1.

Fig. B.33. Maps for VVDS140123568. Same caption as Fig. B.1.
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Fig. B.34. Maps for VVDS140137235. Same caption as Fig. B.1.

Fig. B.35. Maps for VVDS140217425. Same caption as Fig. B.1.
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Fig. B.36. Maps for VVDS140258511. Same caption as Fig. B.1.

Fig. B.37. Maps for VVDS140262766. Same caption as Fig. B.1.
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Fig. B.38. Maps for VVDS140545062. Same caption as Fig. B.1.

Fig. B.39. Maps for VVDS220014252. Same caption as Fig. B.1.
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Fig. B.40. Maps for VVDS220015726. Same caption as Fig. B.1.

Fig. B.41. Maps for VVDS220148046. Same caption as Fig. B.1.

A92, page 41 of 49



A&A 539, A92 (2012)

Fig. B.42. Maps for VVDS220376206 system. Same caption as Fig. B.2.

Fig. B.43. Maps for VVDS220376206. Same caption as Fig. B.1.
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Fig. B.44. Maps for VVDS220386469. Same caption as Fig. B.1.

Fig. B.45. Maps for VVDS220397579 system. Same caption as Fig. B.2.
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Fig. B.46. Maps for VVDS220397579. Same caption as Fig. B.1.

Fig. B.47. Maps for VVDS220397579 companion. Same caption as Fig. B.1.

A92, page 44 of 49



B. Epinat et al.: MASSIV: Mass Assembly Survey with SINFONI in VVDS. II.

Fig. B.48. Maps for VVDS220544103. Same caption as Fig. B.1.

Fig. B.49. Maps for VVDS220544394 system. Same caption as Fig. B.2.
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Fig. B.50. Maps for VVDS220544394. Same caption as Fig. B.1.

Fig. B.51. Maps for VVDS220576226. Same caption as Fig. B.1.
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Fig. B.52. Maps for VVDS220578040. Same caption as Fig. B.1.

Fig. B.53. Maps for VVDS220584167. Same caption as Fig. B.1.
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Fig. B.54. Maps for VVDS220596913. Same caption as Fig. B.1.

Fig. B.55. Maps for VVDS910193711. Same caption as Fig. B.1.
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Fig. B.56. Maps for VVDS910279515. Same caption as Fig. B.1.
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ABSTRACT

Context. The contribution of the merging process to the early phase of galaxy assembly at z > 1 and, in particular, to the build-up of
the red sequence, still needs to be accurately assessed.
Aims. We aim to measure the major merger rate of star-forming galaxies at 0.9 < z < 1.8, using close pairs identified from integral
field spectroscopy (IFS).
Methods. We use the velocity field maps obtained with SINFONI/VLT on the MASSIV sample, selected from the star-forming
population in the VVDS. We identify physical pairs of galaxies from the measurement of the relative velocity and the projected
separation (rp) of the galaxies in the pair. Using the well constrained selection function of the MASSIV sample, we derive at a mean
redshift up to z = 1.54 the gas-rich major merger fraction (luminosity ratio µ = L2/L1 ≥ 1/4), and the gas-rich major merger rate
using merger time scales from cosmological simulations.
Results. We find a high gas-rich major merger fraction of 20.8+15.2

−6.8 %, 20.1+8.0
−5.1%, and 22.0+13.7

−7.3 % for close pairs with rp ≤ 20h−1

kpc in redshift ranges z = [0.94, 1.06], [1.2, 1.5), and [1.5, 1.8), respectively. This translates into a gas-rich major merger rate of
0.116+0.084

−0.038 Gyr−1, 0.147+0.058
−0.037 Gyr−1, and 0.127+0.079

−0.042 Gyr−1 at z = 1.03, 1.32, and 1.54, respectively. Combining our results with
previous studies at z < 1, the gas-rich major merger rate evolves as (1+ z)n, with n = 3.95± 0.12, up to z = 1.5. From these results we
infer that ∼ 35% of the star-forming galaxies with stellar masses M⋆ = 1010−1010.5 M⊙ have undergone a major merger since z ∼ 1.5.
We develop a simple model that shows that, assuming that all gas-rich major mergers lead to early-type galaxies, the combined effect
of gas-rich and dry mergers is able to explain most of the evolution in the number density of massive early-type galaxies since z ∼ 1.5,
with our measured gas-rich merger rate accounting for about two-thirds of this evolution.
Conclusions. Merging of star-forming galaxies is frequent at around the peak in star formation activity. Our results show that gas-
rich mergers make an important contribution to the growth of massive galaxies since z ∼ 1.5, particularly on the build-up of the red
sequence.

Key words. galaxies:evolution — galaxies:formation — galaxies:interactions

1. Introduction

Understanding the mechanisms involved in the mass assembly of
galaxies and their relative role over cosmic time is an important
open topic in modern astrophysics. In particular, the evolution
of the red sequence, which includes passive galaxies dominated
by old stellar populations and an early-type (E/S0) morphology,

⋆ This work is based mainly on observations collected at the
European Southern Observatory (ESO) Very Large Telescope (VLT),
Paranal, Chile, as part of the Programs 179.A-0823, 177.A-0837, 78.A-
0177, 75.A-0318, and 70.A-9007. This work also benefits from data
products produced at TERAPIX and the Canadian Astronomy Data
Centre as part of the Canada-France-Hawaii Telescope Legacy Survey,
a collaborative project of NRC and CNRS.

imposes fundamental constraints on the formation and evolution
models.

The stellar mass density in the red sequence has increased
by a factor of ∼ 10 in the 2.5 Gyr between z = 2 and
z = 1, but only by a factor of ∼ 2 in the last 7 − 8
Gyr of cosmic history (e.g., Arnouts et al. 2007; Vergani et al.
2008; Ilbert et al. 2010). Major mergers, the merger of two
galaxies with similar stellar masses, is an efficient mech-
anism for creating new passive, early-type galaxies (e.g.,
Naab et al. 2006; Rothberg & Joseph 2006a,b; Hopkins et al.
2008; Rothberg & Fischer 2010; Bournaud et al. 2011). Thus,
the knowledge of the merger rate at z > 1 is important input
when estimating the relative contribution of merging and cold-
gas accretion (e.g., Dekel & Birnboim 2006) in the early assem-
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bly of galaxies and, in particular, the role of merging in the build-
up of the red sequence.

The evolution of the merger rate since z ∼ 1 is now well
constrained by direct observations. The early measurements us-
ing photometric pairs (Patton et al. 1997; Le Fèvre et al. 2000)
or post-merger morphological signatures (Conselice 2003;
Jogee et al. 2009) have been superseded by spectroscopic mea-
surements confirming physical pairs from the redshift measure-
ment of both components of a major merger with a luminos-
ity/mass ratio µ ≥ 1/4 (e.g., Lin et al. 2008; de Ravel et al.
2009, 2011), as well as for minor mergers down to µ =
1/10 (López-Sanjuan et al. 2011). With a parametrization of the
merger rate’s evolution following ∝ (1 + z)n, it is observed that
the major merger rate’s evolution depends on the luminosity and
on the mass of the galaxy sample (e.g., de Ravel et al. 2009),
where massive galaxies with M⋆ > 1011 M⊙ have a higher
merger rate, but with little redshift evolution (n ∼ 0 − 2), while
lower mass galaxies with M⋆ = 109 − 1011 M⊙ have a lower
merging rate but with stronger redshift evolution (n ∼ 3 − 4).
This mass dependency seems to explain some of the apparent
discrepancy of merger rate measurements made from observa-
tions targeting different mass samples.

Beyond z ∼ 1, direct measurements of the merger rate are
still limited. Previous attempts to measure the major merger
rate at z > 1 have focused on the identification of merger
remnants from morphological signatures (Conselice et al. 2008,
2011b; Bluck et al. 2012), on the study of projected close
pairs (Ryan et al. 2008; Bluck et al. 2009; Williams et al. 2011;
Man et al. 2012; Mármol-Queraltó et al. 2012; Law et al. 2012),
or on indirect estimations (Cameron & Pettitt 2012; Puech et al.
2012). These studies find a high merger rate to z ∼ 2 − 3 but
with a large scatter between different measurements. However,
these results are up to now solely based on photometric mea-
surements which are increasingly hard to correct for contamina-
tion along the line of sight as redshift increases. Another com-
plication stems from the morphological evolution of galaxies,
with show more irregular morphologies at high redshifts, and
a wavelength dependency with more multi-component objects
present when observed in the rest-frame UV (Law et al. 2007),
with some of these components possibly related to strong star-
forming regions rather than to different dynamical components.

To improve on this situation, it is necessary to obtain spec-
troscopic confirmation of the physical nature of the photometric
pairs at z ! 1. In the last years, NIR Integral Field Spectrographs
(IFSs), like SINFONI on the VLT or OSIRIS on the Keck, have
opened the possibility for a systematic study of the dynami-
cal field around high redshift galaxies in the optical rest-frame.
Some examples are the MASSIV1 (Mass Assembly Survey with
SINFONI in VVDS, Contini et al. 2012) survey at 0.9 < z < 1.8,
the SINS2 (Spectroscopic Imaging survey in the Near-infrared
with SINFONI, Förster Schreiber et al. 2009) survey at z ∼ 2, or
the Keck-OSIRIS (Law et al. 2009), the AMAZE (Assessing the
Mass-Abundance redshift -Z- Evolution, Maiolino et al. 2008)
and the LSD (Lyman-break galaxies Stellar populations and
Dynamics, Mannucci et al. 2009) surveys at z ∼ 3.

The MASSIV survey has been designed to target the peak
of the star-formation rate at 0.9 < z < 1.8, filling the gap be-
tween higher redshift (z ∼ 2) IFS surveys with those at z < 1,
e.g., IMAGES (Intermediate MAss Galaxy Evolution Sequence,
Yang et al. 2008). The MASSIV survey has targeted 84 star-
forming galaxies at 0.9 < z < 1.8 with SINFONI , drawn

1 http://www.ast.obs-mip.fr/users/contini/MASSIV/
2 http://www.mpe.mpg.de/ forster/SINS/sins nmfs.html

from the VVDS3 (VIMOS VLT Deep Survey, Le Fèvre et al.
2005) survey. MASSIV has been used as a unique opportunity
to study in detail the dynamical state of 0.9 < z < 1.8 galax-
ies (Epinat et al. 2012), their metallicity gradients (Queyrel et al.
2012), or the evolution of the fundamental mass-size-velocity re-
lations since z ∼ 1.2 (Vergani et al. 2012).

In this paper, using the MASSIV survey, we present for the
fist time a measurement of the gas-rich major merger rate of star-
forming galaxies from kinematical close pairs at 0.9 < z < 1.8.
Thanks to the large field-of-view of IFS we have access to the
complete surrounding volume of the galaxies when searching
for close kinematical companions. In addition, the well-defined
selection of sources from the VVDS and the well controlled
selection function of MASSIV observations ensures the study
of a representative population of star-forming galaxies at these
redshifts (see Contini et al. 2012, for details). This all together
enables the measurement of average volume quantities like the
merger fraction and rate.

The paper is organised as follows: in Sect. 2 we summarise
the MASSIV data set used to identify merging pairs, and in
Sect. 3 we develop the methodology to measure the merger frac-
tion from IFS data. We report the gas-rich major merger fraction
in MASSIV in Sect. 4, and derive the gas-rich major merger rate
in Sect. 5. We discuss the implication of our results in Sect. 6.
Finally, we present our conclusions in Sect. 7. We useH0 = 100h
km s−1 Mpc−1, h = 0.7,Ωm = 0.3, andΩΛ = 0.7 throughout this
paper. All magnitudes refer to the AB system. The stellar masses
assume a Salpeter (1955) initial mass function (IMF).

2. The MASSIV data set

The galaxy sample studied in this paper is the final release of
the MASSIV project (ESO Large Programme 179.A-0823; PI.:
T. Contini). A full description of the sample can be found in
Contini et al. (2012). We briefly summarise some properties of
this sample of 84 galaxies below. The galaxies were selected
from the VVDS in the RA = 2h area of the deep (IAB ≤ 24;
Le Fèvre et al. 2005) and ultradeep (IAB ≤ 24.75; Le Fèvre et
al., in prep.) surveys, and in the RA = 14h and RA = 22h areas
of the wide survey (IAB ≤ 22.5; Garilli et al. 2008).

The MASSIV sources are a subsample of the VVDS star-
forming population at z > 0.9. The star-forming selection was
performed on the measured intensity of [O ii]λ3727 emission
line in the VIMOS spectrum (see Lamareille et al. 2009; Vergani
et al. 2008) or, for the cases where the [O ii]λ3727 emission line
was out of the VIMOS spectral range (i.e., for z ! 1.5 galaxies),
on the UV flux based on their observed photometric UBVRIK
spectral energy distribution and/orUV rest-frame spectrum. The
star formation criteria ensure that rest-frame optical emission
lines Hα and [N ii]λ6584, or in a few cases [O iii]λ5007, will
be bright enough to be observed with SINFONI in the NIR J
(sources at z < 1.1) and H (sources at z > 1.1) bands. In addi-
tion, to ensure that the Hα emission line will be detected with
SINFONI with a sufficient signal-to-noise (S/N) ratio in a rea-
sonable exposure time, an additional selection in the [O ii]λ3727
equivalent width of 0.9 < z < 1.5 sources is imposed. The
final selection of parent VVDS star-forming galaxies in the
[O ii]λ3727 flux vs equivalent width plane at 0.9 < z < 1.5 is
shown in Fig. 1.

The 84 MASSIV sources were randomly selected from the
star-forming population in the VVDS and also fulfil two im-
portant observational constraints, (i) the observed wavelength of

3 http://cesam.oamp.fr/vvdsproject/
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Fig. 1. MASSIV selection in the [O ii]λ3727 flux [10−17 erg s−1 cm−2] vs equivalent width [Å] plane (see Contini et al. 2012, for
details). Red squares are the VVDS sources at 0.94 < z < 1.5 with individual [O ii]λ3727 line measurement in the VVDS-Wide
14h (top-left), VVDS-Wide 22h (top-right), VVDS-Deep (bottom-left), and VVDS-Ultradeep surveys (bottom-right). The dashed
lines mark the selection of MASSIV star-forming galaxies. White dots are those VVDS sources that fulfil the MASSIV selection.
Green pentagons are the MASSIV galaxies observed with SINFONI/VLT. [A colour version of this plot is available at the electronic
edition].

Hα line falls 9Å away from strong OH night-sky lines, in order
to avoid heavy contamination of the galaxy spectrum by sky-
subtraction residuals. And (ii) a bright star (R < 18 mag) is close
enough to the target to observe it at higher spatial resolution with
the adaptive optics (AO) system of SINFONI.

The most stringent selection criterion used to build the
MASSIV sample is certainly the requirement of a minimum
[O ii]λ3727 equivalent width. This sensitivity limit is likely to
translate into an overall bias towards younger and more ac-
tively star-forming systems. To check for this possible effect,
Contini et al. (2012) compare the properties of the MASSIV
sample with those of the global VVDS sample, which is purely
apparent magnitude-selected without any colour selection and
thus representative of the overall star-forming population of
galaxies at high redshifts. They conclude that the final MASSIV
sample provides a good representation of “normal” star-forming
galaxies at 0.9 < z < 1.8 in the stellar mass regime M⋆ = 109 −

1011 M⊙, with a median star formation rate S FR ∼ 30 M⊙ yr−1

and a detection limit of ∼ 5 M⊙ yr−1.
The observations have been performed between April 2007

and January 2011. Most (85%) of the galaxies in the sample have
been observed in a seeing-limited mode (with a spatial sampling
of 0.125 arcsec/pixel). However, eleven galaxies have been ac-
quired with AO assisted with a laser guide star (AO/LGS, seven
with 0.05 and four with 0.125 arcsec/pixel spatial sampling). The
data reduction was performed with the ESO SINFONI pipeline

(version 2.0.0), using the standard master calibration files pro-
vided by ESO. The absolute astrometry for the SINFONI data
cubes was derived from nearby bright stars also used for point
spread function (PSF) measurements. Custom IDL and Python
scripts have been used to flux calibrate, align, and combine all
the individual exposures. For each galaxy a non sky-subtracted
cube was also created, mainly to estimate the effective spec-
tral resolution. For more details on data reduction, we refer to
Epinat et al. (2012).

We use the Hα emission line (or [O iii]λ5007 in a few cases)
in the SINFONI data cubes to derive the kinematical maps (flux,
velocity field and velocity dispersion map) of the MASSIV
galaxies. To estimate their dynamical properties, we assume that
the ionised gas rotates in a thin disc with two regimes for the
rotation velocity, a solid body shape in the innermost regions
and a plateau in the outskirts. Using a χ2 minimization we pro-
duce seeing-corrected velocity and dispersion maps of galax-
ies with geometrical inputs weighted for the S/N ratio of each
pixel. We estimate the geometrical parameters used in the fitting
model on the i−band best-seeing CFHTLS Megacam images for
all galaxies (Goranova et al. 2009), except for VVDS-Wide 14h
galaxies that were covered with the CFHT-12K/CFHT camera
(Le Fèvre et al. 2004). We use the GALFIT software (Peng et al.
2002) that convolves a PSF with a model galaxy image based
on the initial parameter estimates fitting a Sérsic (1968) profile.
Residual maps from the fitting were used to optimise the results.
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At the end of the fitting procedure, GALFIT converges into a
final set of parameters such as the centre, the position angle,
and the axial ratio. The i−band images were also used to cor-
rect for SINFONI astrometry, using the relative position of the
PSF star. The morphology and kinematics maps of the 50 first-
epoch galaxies are presented in Epinat et al. (2012) together with
a more extensive discussion on the model fitting procedure. The
34 second-epoch galaxies, already included in the present work,
will be presented in a future paper.

We obtain the stellar mass of MASSIV galaxies from a
spectral energy distribution (SED) fit to the photometric and
spectroscopic data with Bruzual & Charlot (2003) stellar pop-
ulation synthesis models using the GOSSIP2 Spectral Energy
Distribution tool (Franzetti et al. 2008). We assume a Salpeter
(1955) IMF, and a set of delayed exponential star formation his-
tories with galaxy ages in the range from 0.1 to 15 Gyr. As input
for the SED fitting, in addition to the VVDS spectra, we use
the multi-band photometric observations available in the VVDS
fields (see Contini et al. 2012, for further details). Following
Walcher et al. (2008) we adopt the probability distribution func-
tion to obtain the stellar mass.

In all, the final 84 MASSIV galaxies are representative of
the normal star-forming (S FR ! 5M⊙ yr−1) population of M⋆ =
109 − 1011 M⊙ galaxies at 0.9 < z < 1.8.

3. Measuring the merger fraction from IFS data

We define as a close pair two galaxies with a projected sepa-
ration in the sky plane rmin

p ≤ rp ≤ rmax
p and a rest-frame rel-

ative velocity along the line of sight ∆v ≤ ∆vmax. We used
∆vmax = 500 km s−1 and rmax

p = 20−30h−1 kpc (see Sect. 3.3, for
details), while setting rmin

p = 0. We therefore searched for close
companions in the kinematical maps of the MASSIV sources,
analysing and classifying the sample using the velocity field and
the velocity dispersion map (see Epinat et al. 2012, for details
about the classification). Note that spectroscopic redshifts from
the VVDS sources outside MASSIV are not used in this close
pair search and only those sources detected in the SINFONI data
cubes are taken into account. We find 20 close pair candidates in
the MASSIV data cubes, and we study these systems in detail
to select major (luminosity difference between both components
µ = L2/L1 ≥ 1/4) close pairs (Sect. 4).

If there was Np major close pairs in our sample, the major
merger fraction is

fMM =
Np

N
, (1)

where N is the number of principal galaxies targeted for the sur-
vey. We named principal galaxy the source in the pair closest
to the kinematical centre of the targeted system, even if it is
not the brightest/more massive galaxy in the pair. In addition,
we assume that all our close pairs are gas-rich: as shown by
Vergani et al. (2012), the gas fraction of the MASSIV sources
is above 10%, with a median value of ∼ 30%. The simple defi-
nition in Eq. (1) is only valid for volume-limited samples. While
our sample is not only luminosity-limited but spectroscopically
defined, we must take into account the different selection effects,
both in the VVDS parent samples and in MASSIV, in our com-
putation of the merger fraction.

3.1. Accounting for selection effects in the VVDS

Since a fraction of the total number of potential targets in the
VVDS fields have been spectroscopically observed and since

the redshifts are not measured with 100% accuracy, we must
correct for the VVDS Target Sampling Rate (TSR) and the
Redshift Success Rate (S SR), computed as a function of redshift
and source magnitude. The S SR has been assumed indepen-
dent of galaxy type, as demonstrated up to z ∼ 1 in Zucca et al.
(2006). Every VVDS source has a redshift confidence flag (see
Le Fèvre et al. 2005, for details), that can be flag = 4 (redshift
99% secure), flag = 3 (97% secure), flag = 2 (87% secure), flag
= 9 (redshift from a single emission line, 90% secure), flag =
1 (50% secure), or flag = 0 (no redshift information). As sev-
eral VVDS-Deep galaxies with flag = 2 have been re-observed
in the VVDS-Ultradeep survey, providing a robust measurement
of their redshift, this offers the opportunity to estimate the relia-
bility of VVDS-Deep flag = 2 sources. We thus define a weight
w29 to take this into account. We also define the weight w29 for
flag = 9 sources by comparison with the latest photometric red-
shifts in the VVDS-Deep field (see Cucciati et al. 2010, for de-
tails about the latest photometric data set in the 2h field). By
definition, the w29 weight is equal to 1 for flag = 3 and 4 sources
in VVDS-Deep, and for all sources in VVDS-Wide and VVDS-
Ultradeep. We derived the spectroscopic completeness weight
for each galaxy i in the VVDS catalogue as

wiVVDS(z, IAB, flag) =
wi29(z, IAB, flag)

TSRi(z, IAB) × S SRi(z, IAB)
. (2)

The TSR, S SR and w29 on VVDS-Deep and VVDS-
Ultradeep were measured in previous works (Ilbert et al. 2006;
Cucciati et al. 2012). We assume TSR = 0.22 in VVDS-Wide
fields (Garilli et al. 2008), and we detail the computation of the
S SR in VVDS-Wide fields in Appendix A.

3.2. Accounting for selection effects in the MASSIV survey

The MASSIV sources were randomly drawn from the star-
forming population in the VVDS (Sect. 2). We correct for three
basic selection effects in MASSIV.

• The selection weight, wsel. We define this weight as the frac-
tion of star-forming galaxies that fulfil the MASSIV selec-
tion in the [O ii]λ3727 flux [10−17 erg s−1 cm−2] vs equiv-
alent width [Å] plane at z < 1.5 (Fig. 1). The weight wsel
tells us how representative the MASSIV selection of the
global star-forming population in each of the VVDS surveys
(Wide, Deep and Ultradeep) is, and gives more importance
to the more representative samples. The VVDS-Deep and
Ultradeep have wsel ∼ 0.67 at z < 1.5, while the VVDS-
Wide fields have wsel ∼ 0.53 in the same redshift range. We
assume wsel = 1 at z ≥ 1.5, where the selection is based on
colour/spectral properties and all the star-forming galaxies in
the VVDS are thus pre-selected;
• the MASSIV IFS Rate (MIR) is defined as the fraction of

galaxies that fulfil the MASSIV selection and which were
finally observed with SINFONI (Fig. 1). The MIR ranges
from 0.43 for VVDS-Ultradeep to 0.05 for VVDS-Deep;
• the MASSIV Success Rate (MSR) is the fraction of observed

sources with a reliable kinematical classification. This frac-
tion is always high, MSR ! 0.8.

Finally, the MASSIV weight is

w
j

MASSIV(x, z) =
wsel (x, z)

MIR j(x, z) × MSR j(x, z)
, (3)

where the index j spans for the MASSIV sources and x refers to
the VVDS survey (Wide at 14h, Wide at 22h, Deep or Ultradeep)
to which the source belongs.
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Fig. 2. Typical field-of-view of a MASSIV source. We show the
flux of the source 220397579 in the five channels of its reduced,
flux calibrated, data cube centred on the position of the Hα emis-
sion line (scale in the right). The pixel spatial scale is 0.125′′,
that at the redshift of the source (z = 1.0379) corresponds to ∼1
kpc. The source is at the centre of the image (black cross), while
the white circle delimits the 20h−1 kpc area around the source.
In this particular case, 99% of this area is covered with MASSIV
data and the two negatives of the source (black regions) are also
excluded.

3.3. Area correction

Thanks to the large field-of-view of SINFONI, we have access to
the complete surrounding volume of the principal galaxy when
searching for close companions. This is a major advantage with
respect to long-slit spectroscopic surveys, in which the observed
number of close pairs is proportional to TSR2, diminishing the
statistics. However, the final reduced MASSIV data cubes cover
a finite area in the sky plane. To deal with this, we define the area
weight as

w
j
area(z, rmax

p ) =
Ar

AMASSIV
, (4)

where Ar is the area subtended in the sky plane by a circle of
radius rmax

p at the redshift of the source j, and AMASSIV is the
area of the same circle covered by the reduced SINFONI mosaic
(Fig. 2). We state that the optimum search radius is rmax

p = 20h−1

kpc. This choice of rmax
p minimises the area correction, with

warea ∼ 1 in all cases. In addition, the two negatives of the main
source produced by the offset observing procedure and that ap-
pear in the extremes of the reduced SINFONI mosaic are then
excluded from the search area.

Finally, the corrected gas-rich major merger fraction is

fMM =

∑Np

k
wkVVDSw

k
MASSIVw

k
area

∑N
j w

j

VVDSw
j

MASSIV

, (5)

where the index j and k spans respectively for all MASSIV
galaxies and for the MASSIV galaxies with a major close com-
panion. The error budget in the major merger fraction is domi-
nated by the low statistics. We use the Bayesian approach from
Cameron (2011) to measure the statistical error in the raw major

merger fraction, i.e., in Np/N, then scale it with the weighting
scheme above.

4. Mergers classification and the gas-rich major

merger fraction in MASSIV

In this section we measure, for the first time, the major merger
fraction at 0.9 < z < 1.8 from spectroscopically-confirmed close
pairs. The MASSIV observational strategy defines three natural
redshift bins (Sect. 2). The low redshift MASSIV sources were
observed in the J band, while the higher redshift ones in the
H band. This translates to a gap in the redshift distribution at
z ∼ 1.1. In addition, the selection function of MASSIV targets
changes at z = 1.5, providing another redshift boundary. We take
advantage of these natural separations in the data to estimate the
gas-rich major merger fraction in three redshift ranges, zr,1 =

[0.94, 1.06], zr,2 = [1.2, 1.5), and zr,3 = [1.5, 1.8). We restrict our
study to those galaxies with IAB ≤ 23.9 to ensure completeness
in the detection of close pairs (see Appendix C, for details).

We follow the steps described bellow to split the close pairs
candidates in the MASSIV data cubes into major and no major
mergers:

1. As described in Epinat et al. (2012), we had performed a
classification of the MASSIV sources based on the shape of
the velocity field (regular or irregular) and the close envi-
ronment (isolated or not-isolated). From this classification,
we had pre-selected as close pair candidates the non-isolated
sources and those identified as mergers from the velocity
field (see Epinat et al. 2012, for more details). We identified
20 close pair candidates (Table 1).

2. To study in detail these close pair candidates we used the
deepest i−band images in the VVDS fields: CFTH12K (14h-
field, exposure time of texp = 3.6 ks, Le Fèvre et al. 2004),
CFHTLS-Wide (22h field, texp = 4 − 10 ks, Goranova et al.
2009), and CFTHLS-Deep (02h field, texp ∼ 300 ks,
Goranova et al. 2009). We run SExtractor on the systems
with well separated sources, and GALFIT (with two Sérsic
components) on the blended ones, to estimate the luminos-
ity difference in the i band between both sources, ∆mi =

mi,2 − mi,1. We took ∆mi ≤ 1.5 (factor four or less in lumi-
nosity) to identify major mergers. The observed i band cor-
responds to ∼ 300 − 350 nm rest-frame in the redshift range
of our sample. We stress that for the blended sources, we
run GALFIT v3.0 (Peng et al. 2010) without imposing any
constraint to the parameters of the fit and we only used the
information from the kinematical maps to set the initial po-
sitions of the sources. We present the residual maps of these
blended sources in Appendix B.

3. We confronted the images and the two component fits from
GALFIT with the velocity field and the velocity dispersion
map of the sources. We compared the distribution of Hα
emission and the geometry of the velocity field to the rest-
frame UV continuum (or rest-frame visible when NIR im-
ages are available). The presence of two components with
position and geometry concordant in the velocity field and in
the continuum images, is a strong indication of the reality of
the pair.

4. We run SExtractor in the residual image from GALFIT with
the principal source subtracted to obtain a second estima-
tion of mi,2, while with the companion source subtracted
to estimate mi,1. Then we compared the ∆mi derived from
the GALFIT modeling with that from these SExtractor esti-
mations. We found good agreement between both measure-
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Table 1. Close pair candidates at 0.9 < z < 1.8 in the MASSIV sample.

ID z rp ∆v ∆mi ∆mKs Classification

(h−1 kpc) (km s−1)

020294045 1.0028 2.9 180 0.4 0.3 Major merger
020386743 1.0487 3.7 80 1.8 · · · No major merger
020461235 1.0349 2.8 15 1.7 · · · No major merger
140096645 0.9655 · · · · · · > 1.5 · · · No major merger
220397579 1.0379 14.4 340 0.4 -1.4 Major merger
220544394 1.0101 7.1 50 1.3 · · · Major merger

020167131 1.2246 15.2 130 0.2 0.1 Major merger
020218856 1.3103 · · · · · · > 1.5 · · · No major merger
020240675 1.3270 · · · · · · > 1.5 · · · No major merger
020283083 1.2818 3.8 5 0.7 · · · Major merger
020283830 1.3949 8.5 500 1.9 · · · No major merger
020465775 1.3583 3.6 40 0.7 · · · Major merger
220376206 1.2445 13.4 400 2.4 · · · No major merger
220544103 1.3973 5.0 75 -1.1 · · · Major merger
910154631 1.3347 4.2 130 0.8 · · · Major merger

910296626 1.3558 12.1 165 -0.1 -0.2 Major merger
910337228 1.3955 9.5 220 1.4 · · · Major merger

020116027 1.5302 26.8 100 0.7 0.5 Major merger
910186191 1.5399 12.7 450 -0.2 -2.4 Major merger
910274060 1.5694 3.4 10 0.2 · · · Major merger

ments (difference of ∼0.2 mag or less). The major merger
classification did not change from the initial estimate.

5. Finally, we also explored ∆mKs for well separated galax-
ies and for one blended source (020294045). We used the
Ks−band images from UKIDSS-DXS survey (22h field,
Dye et al. 2006) and WIRDS (2h field, Bielby et al. 2012).
The observedKs band corresponds to ∼ 0.8−1 µm rest-frame
in the redshift range of our sample, and is a better tracer of
the stellar mass content of the galaxies. After this second
check there is not change in the major merger classification,
except for one close pair (source 910186191), supporting the
previous i−band results.

We converged to the steps above after exploring different
possibilities. The stellar mass ratio between the two galaxies in
a close pair is the best parameter to classify such system as a
major merger. However, the estimation of the stellar mass in the
blended sources and in some well separated pairs is not feasi-
ble due to spatial resolution and photometric depth limitations.
We concluded that the luminosity difference in the i band is an
homogeneous criterion applicable to the whole MASSIV sam-
ple and have additional benefits (i) the observed i band corre-
sponds to the UV continuum of the source, which is related with
the star formation of the galaxy and thus with its Hα emission.
Hence, both pieces of information should provide a consistent
picture about the system under study. (ii) The MASSIV PSF is
0.5 − 0.8′′, similar to the typical seeing in the i band, ∼ 0.74′′,
minimising spatial resolution differences. (iii) The 3σ detection
magnitude of the CFTLHS i−band images in the 2h field is ∼26
(AB). Thanks to this depth we are able to detect the outskirts
of the fainter MASSIV galaxies, making feasible the decompo-
sition of the blended sources. We tried the two components fit
in redder bands, but the lower S/N lead in general to poor con-
straints. And (iv) the VVDS parent samples are i-band magni-
tude selected, so the completeness of the MASSIV close pair
sample is well defined in the i band (see Appendix C, for further

details). In conclusion, even if ∆mi is not the optimal parameter
to select major merger systems, it is the best practical one with
the current data sets.

In the next sections we present the decomposition and the
classification of the 20 close pair candidates in the MASSIV data
cubes (Table 1).

4.1. Close pair candidates at 0.94 ≤ z ≤ 1.06

The weighted mean redshift of the first redshift bin is zr ,1 = 1.03.
We have identified 6 close pairs over 18 sources in this redshift
range:

• 020294045 (Fig. 3). Major merger. The velocity map sug-
gests two projected components. The companion is toward
the north and presents a steep velocity gradient compared
with the principal galaxy. The GALFIT model with two com-
ponents in the i band reproduces both the position of the two
kinematical components in the velocity map and the high
velocity dispersion in the overlapping region between both
components. The luminosity difference is ∆mi = 0.4. The
separation between the sources is 2.9h−1 kpc and their rel-
ative velocity is ∆v ∼ 180 km s−1. Despite the close sep-
aration lead into significant overlap, this system also gives
a satisfactory fit in the WIRDS Ks−band image (Fig.4). In
this case ∆mKs = 0.3, confirming that this system is a major
merger.
• 020386743 (Fig. 5).No major merger. The velocity map sug-

gests two projected components. The companion is toward
the north and presents a different velocity than the northern
part of the principal galaxy. The GALFIT model with two
components suggests that we are only detecting the western
part of the companion galaxy, with the eastern part being
too faint. This is also consistent with the velocity dispersion
map, which shows a regular pattern in the overlapping re-
gion. The separation between the sources is 3.7h−1 kpc and
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Fig. 3. The i−band image (left panel, scale in ADU in the right), the velocity field (central panel, scale in km s−1 in the right),
and the velocity dispersion map (right panel, scale in km s−1 in the right) of the MASSIV source 020294045 (major merger). On
each map, North is up and East is left. The level contours mark the isophotes of the two components obtained with GALFIT in the
i−band image. The principal galaxy (red/white) is the one closer to the kinematical centre of the system and sets the origin in right
ascension (α) and declination (δ), while the companion (blue/black) is the secondary component. The outer contour marks the 3.43
ADU (7σsky) isophote. The next contours mark brighter isophotes in 1.96 ADU (4σsky ) steps. The luminosity difference between
both components in the i band, ∆mi, as well as the CFHTLS exposure time, texp, are shown in the left panel. The redshift of the
source and the on-source SINFONI exposure time, tSINFONI, are shown in the central panel. [A colour version of this plot is available
at the electronic edition].

Fig. 4. The same as Fig. 3, but for the Ks−band image (left panel) of the MASSIV source 020294045 (major merger). The outer
contour marks the 6.76 ADU (2σsky) isophote, while brighter isophotes increase in 5.07 ADU (1.5σsky) steps. The flux difference
between both components in the Ks band, ∆mKs , as well as the WIRDS exposure time, texp, are show in the left panel. [A colour
version of this plot is available at the electronic edition].
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Fig. 5. The same as Fig. 3, but for the MASSIV source 020386743 (no major merger). The outer contour marks the 1.41 ADU
(2σsky) isophote, while brighter isophotes increase in 1.76 ADU (2.5σsky) steps up to 10 ADU to avoid crowded figures. [A colour
version of this plot is available at the electronic edition].

the luminosity difference is ∆mi = 1.8. Hence, we do not
classify the system as a major merger.
• 020461235 (Fig. 6). No major merger. The velocity map

suggests two projected components. The companion is to-

ward the south-west and presents a nearly constant velocity,
in contrast with the velocity gradient of the principal galaxy.
The GALFIT model with two components suggests that the
companion is highly distorted, perhaps because the system is
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Fig. 6. The same as Fig. 3, but for the MASSIV source 020461235 (no major merger). The outer contour marks the 1.31 ADU
(3σsky) isophote, while brighter isophotes increase in 1.75 ADU (4σsky) steps up to 7 ADU to avoid crowded figures. [A colour
version of this plot is available at the electronic edition].
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Fig. 7. Left and central panels are the same as in Fig. 3, but for the MASSIV source 140096645 (no major merger). The level
contours mark the isophotes of the original i-band image. The Hα companion source is not detected in the i band. The outer contour
marks the 2.64 ADU (1σsky) isophote, while brighter isophotes increase in 7.94 ADU (3σsky) steps up to 45 ADU to avoid crowded
figures. The right panel shows the detection fraction of fake galaxies injected in the i−band image as a function of the magnitude of
the companion source mi,2. The size of the dots marks the detection curves for extended, normal and compact galaxies (see text for
details). The vertical line marks the limiting magnitude for major companion (∆mi = 1.5). [A colour version of this plot is available
at the electronic edition].

in an advanced merger stage (i.e., after first pericenter pas-
sage or pre-coalescence). The luminosity difference from the
GALFIT model is∆mi = 1.7, while from the residual maps is
∆mi = 1.9. This difference strongly suggests that this system
is not a major merger. The separation between the compo-
nents is 2.8h−1 kpc.
• 140096645 (Fig. 7). No major merger. A small companion

is identified in the velocity map about 1.2 arcsec away from
the principal galaxy. There is no continuum detection in the
i−band image in the position of the Hα companion, although
there is a ∼ 1σsky excess emission. To estimate if the non-
detected companion could be bright/massive enough to lead
to a major merger, we injected fake companion sources in the
i−band image and studied their detection fraction as a func-
tion of the fake companion luminositymi,2. The fake sources
were modelled with a Sérsic function and convolved with a
typical PSF of the 14h field using GALFIT. For each fake
source we assumed a random inclination and position angle,
a Sérsic index ns = 1, i.e., an exponential disc (we checked
that the detection curve is similar assuming either ns = 0.5
or ns = 2), and an effective radius re given by the re − M⋆
relation in MASSIV, log re = 0.36+ 0.37[log(M⋆/M⊙)− 10]
(see also Vergani et al. 2012). To estimate the stellar mass of
the fake companion, we took ∆mi as a proxy of the mass ra-

tio between the principal galaxy, for which the stellar mass
is known, and the companion. Then, we applied Poissonian
noise to the model and injected it in the expected posi-
tion of the possible companion. We measured, for different
luminosities mi,2, which fraction of the 500 injected fake
sources were detected. We repeated the previous steps for
fake sources with 2re (extended sources) and 0.5re (compact
sources), spanning all the possible sizes of the real sources.
We show the result of this experiment in the right panel of
Fig. 7.
We find that even for extended sources, we are ∼ 90% com-
plete at mi,2 ∼ 24, while the limiting magnitude for a major
companion is mMM

i,2 = 23.8 (vertical line in the right panel
of Fig. 7). Because of the small probability of non detection
of a major companion, we classify this system as no major
merger.
• 220397579 (Fig. 8).Majormerger. The velocity map shows

two different components with a separation of rp = 14.4h−1

kpc and a relative velocity of ∆v ∼ 340 km s−1. The com-
panion is toward the north-west. The luminosity difference
is ∆mi = 0.4, suggesting a major merger. The difference in
the Ks band is ∆mKs = −1.4. The negative sign implies that
the companion is more luminous than the principal, which is
brighter in the NUV rest-frame and in Hα. This is consistent
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C. López-Sanjuan, et al.: MASSIV: the major merger rate at 0.9 < z < 1.8 from IFS-based close pairs

−2.0−1.5−1.0−0.50.00.51.01.5
∆ α (′′)

−1

0

1

2

3

∆
δ

(′
′
)

VVDS-Wide: 220397579

0

4

8

12

16

20

24

28

32

A
D
U

∆mi = 0.4
texp = 4305 s

−2.0−1.5−1.0−0.50.00.51.01.5
∆ α (′′)

−1

0

1

2

3

∆
δ

(′
′
)

Velocity field

0

80

160

240

320

400

480

560

640

km
s−

1

z = 1.038
tSINFONI = 7200 s

−2.0−1.5−1.0−0.50.00.51.01.5
∆ α (′′)

−1

0

1

2

3

∆
δ

(′
′
)

Velocity dispersion map

0

15

30

45

60

75

90

105

120

135

150

km
s−

1

Fig. 8. The same as Fig. 3, but for the MASSIV source 220397579 (major merger). The level contours mark the isophotes of the
original i-band image. The outer contour marks the 5.36 ADU (3σsky) isophote, while brighter isophotes increase in 2.68 ADU
(1.5σsky) steps. [A colour version of this plot is available at the electronic edition].

−1.5−1.0−0.50.00.51.01.5
∆ α (′′)

−1.5

−1.0

−0.5

0.0

0.5

1.0

1.5

2.0

∆
δ

(′
′
)

VVDS-Wide: 220544394

−4

0

4

8

12

16

20

24

A
D
U

∆mi = 1.3
texp = 4305 s

−1.5−1.0−0.50.00.51.01.5
∆ α (′′)

−1.5

−1.0

−0.5

0.0

0.5

1.0

1.5

2.0

∆
δ

(′
′
)

Velocity field

−100

−80

−60

−40

−20

0

20

40

60

km
s−

1

z = 1.010
tSINFONI = 7200 s

−1.5−1.0−0.50.00.51.01.5
∆ α (′′)

−1.5

−1.0

−0.5

0.0

0.5

1.0

1.5

2.0

∆
δ

(′
′
)

Velocity dispersion map

0

15

30

45

60

75

90

105

120

135

150

km
s−

1

Fig. 9. The same as Fig. 3, but for the MASSIV source 220544394 (major merger). The outer contour marks the 4.31 ADU (2σsky)
isophote, while brighter isophotes increase in 3.23 ADU (1.5σsky) steps. [A colour version of this plot is available at the electronic
edition].
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Fig. 10. The same as Fig. 8, but for the MASSIV source 020167131 (major merger). The outer contour marks the 3.43 ADU (10σsky
isophote, while brighter isophotes increase in 2.74 ADU (8σsky) steps. [A colour version of this plot is available at the electronic
edition].

with the measured integrated metallicity of these sources,
that is higher for the companion (Queyrel et al. 2012). The
suggested picture is that the system comprises a nearly face-
on principal galaxy with intense star formation and low dust
reddening, and a nearly edge-on companion galaxy with ei-
ther a low level of star formation or strong dust reddening.
We classify the system as a major merger.
• 220544394 (Fig. 9).Majormerger. The velocity map shows

two different components with a separation of rp = 7.1h−1

kpc and a relative velocity of ∆v ∼ 50 km s−1, that are also
well recovered by the GALFIT model with two components.

The companion is toward the north, while the luminosity dif-
ference is ∆mi = 1.3. We classify the system as a major
merger.

In summary for this redshift range, we classify 3 of the 6
close pair candidates as major mergers. This translates to a gas-
rich major merger fraction of fMM = 0.208+0.152

−0.068 at zr,1 = 1.03.
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Fig. 11. The same as Fig. 7, but for the MASSIV source 020218856 (no major merger). The Hα companion galaxy is not detected
in the i band. The outer contour marks the 0.34 ADU (1σsky) isophote, while brighter isophotes increase in 1.01 ADU (3σsky) steps.
[A colour version of this plot is available at the electronic edition].
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Fig. 12. The same as Fig. 7, but for the MASSIV source 020240675 (no major merger). The Hα companion galaxy is not detected
in the i band. The outer contour marks the 0.36 ADU (1σsky) isophote, while brighter isophotes increase in 1.08 ADU (3σsky) steps
up to 8 ADU to avoid crowded figures. [A colour version of this plot is available at the electronic edition].
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Fig. 13. The same as Fig. 3, but for the MASSIV source 020283083 (major merger). The outer contour marks the 2.12 ADU (4σsky)
isophote, while brighter isophotes increase in 1.06 ADU (2σsky) steps. [A colour version of this plot is available at the electronic
edition].

4.2. Close pair candidates at 1.2 ≤ z < 1.5

The weighted mean redshift of the second redshift bin is zr,2 =

1.32. This is a redshift range where there is no measurement
of the major merger fraction from spectroscopic close pairs yet.
In this framework, MASSIV provides an unique opportunity to
measure the major merger fraction at this crucial epoch of galaxy
evolution. We identify 11 close pair candidates over 30 galaxies
in this redshift bin:

• 020167131 (Fig. 10). Major merger. The velocity map
shows two different components with a separation of rp =

15.2h−1 kpc and a relative velocity of ∆v ∼ 130 km s−1.
The line targeted in this case is [O iii]λ5007, which explains
the low signal. The companion galaxy is toward the south-
east, while the luminosity differences are ∆mi = 0.2 and
∆mKs = 0.1. We classify the system as a major merger.
• 020218856 (Fig. 11).No major merger. A faint companion is

detected in the velocity map about 1.6 arcsec from the princi-
pal galaxy. There is no continuum detection of this compan-
ion at the depth of the i−band image. We followed the same
steps than for the source 140096645 to estimate the detec-
tion probability of companion galaxies, finding that we are
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Fig. 14. The same as Fig. 3, but for the MASSIV source 020283830 (no major merger). The outer contour marks the 1.14 ADU
(3.5σsky) isophote, while brighter isophotes increase in 0.75 ADU (2.3σsky) steps. [A colour version of this plot is available at the
electronic edition].
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Fig. 15. The same as Fig. 3, but for the MASSIV source 020465775 (major merger). The outer contour marks the 2.92 ADU (9σsky)
isophote, while brighter isophotes increase in 0.97 ADU (3σsky) steps. [A colour version of this plot is available at the electronic
edition].
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Fig. 16. The same as Fig. 3, but for the MASSIV source 220376206 (no major merger). The outer contour marks the 3.39 ADU
(3σsky) isophote, while brighter isophotes increase in 2.26 ADU (2σsky) steps. [A colour version of this plot is available at the
electronic edition].

100% complete up to mi,2 = 26. We note that the curves for
extended, normal and compact galaxies are similar, reflect-
ing that the size of the PSF is larger than the assumed size
of the fake sources. Because a major companion should be
brighter than mMM

i,2 = 25.32 (vertical line in the left panel of
Fig. 11), and the non detection in the continuum means that
the companion should have ∆mi ! 2, we do not classify the
system as a major merger.
• 020240675 (Fig. 12).No major merger. A faint companion is

detected in the velocity map about 2.4 arcsec from the princi-
pal galaxy. There is no continuum detection of this compan-

ion at the depth of the i−band image. We followed the same
steps than for the source 020218856 to estimate the detection
curves of companion galaxies. We find similar completeness
curves. Because a major companion should be brighter than
mMM
i,2 = 25.15 (vertical line in the left panel of Fig. 12), and

the non detection in the continuum means that the compan-
ion should have ∆mi ! 2.5, we do not classify the system as
a major merger.
• 020283083 (Fig. 13).Major merger. The velocity map sug-

gests two projected components separated by 3.8h−1 kpc and
∼ 5 km s−1, with an extended region in the north-west. The
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Fig. 17. The same as Fig. 3, but for the MASSIV source 220544103 (major merger). The outer contour marks the 3.32 ADU (2σsky)
isophote, while brighter isophotes increase in 3.32 ADU (2σsky) steps. [A colour version of this plot is available at the electronic
edition].
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Fig. 18. The same as Fig. 3, but for the MASSIV source 910154631 (major merger). The outer contour marks the 1.9 ADU (6σsky)
isophote, while brighter isophotes increase in 0.8 ADU (2.5σsky) steps. [A colour version of this plot is available at the electronic
edition].
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Fig. 19. The same as Fig. 8, but for the MASSIV source 910296626 (major merger). The outer contour marks the 3.32 ADU (10σsky)
isophote, while brighter isophotes increase in 2.56 ADU (8σsky) steps. [A colour version of this plot is available at the electronic
edition].

GALFIT model with two components reproduces the shape
of the velocity map and suggests that the extended region is
due to the companion galaxy. The luminosity difference from
the models is ∆mi = 0.7. Thus, we classify this system as a
major merger.
• 020283830 (Fig. 14). No major merger. The velocity map

shows two different components with a separation of rp =

8.5h−1 kpc and a relative velocity of ∆v ∼ 500 km s−1. The
companion only presents six detected pixels in the Hα map,
already suggesting a minor companion. We used GALFIT to
model the system, finding ∆mi = 1.9. However, the model of

the companion provided by GALFIT is a point-like source,
thus overestimating the luminosity of the extended compan-
ion. The measurement with SExtractor in the image with the
principal galaxy subtracted suggests ∆mi = 2.1. Since the
companion is fainter than the major merger limit, we do not
classify the system as a major merger.
• 020465775 (Fig. 15).Major merger. The velocity map sug-

gests two projected components. The GALFIT model with
two components finds that the companion galaxy is toward
the north-west of the principal galaxy, at rp = 3.6h−1 kpc and
∆v ∼ 40 km s−1. The Hα emission of this system is located
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Fig. 20. The same as Fig. 8, but for the MASSIV source 910337228 (major merger). The outer contour marks the 1.73 ADU (4σsky)
isophote, while brighter isophotes increase in 1.30 ADU (3σsky) steps. [A colour version of this plot is available at the electronic
edition].
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Fig. 21. The same as Fig. 8, but for the MASSIV source 020116027 (major merger). The principal galaxy is that in the south-east.
The outer contour marks the 2.02 ADU (3.5σsky) isophote, while brighter isophotes increase in 1.16 ADU (2σsky) steps. [A colour
version of this plot is available at the electronic edition].
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Fig. 22. The same as Fig. 3, but for the MASSIV source 910186191 (major merger). The outer contour marks the 2.83 ADU (8σsky)
isophote, while brighter isophotes increase in 2.83 ADU (8σsky) steps. [A colour version of this plot is available at the electronic
edition].

in the central part of the galaxies, since the i−band models
match the velocity map at 9σsky level, i.e., we do not detect
emission from the outer parts of the galaxies. The position
of the companion explains the abnormal velocity pattern and
the high velocity dispersion peak in the maps. The luminos-
ity difference of the system is ∆mi = 0.7, so we classify it as
a major merger.
• 220376206 (Fig. 16). No major merger. The velocity map

shows two different components with a separation of rp =

13.4h−1 kpc and a relative velocity of ∆v ∼ 400 km s−1. The
companion, located toward the north, presents ten detected

pixels and its velocity is inconsistent with that expected from
the velocity field of the principal galaxy. We find ∆mi = 2.4,
so the system is not a major merger.
• 220544103 (Fig. 17).Major merger. The velocity map sug-

gests two projected components. The southern component
presents a large velocity gradient and defines the kinematical
centre of the system, while the northern component is more
extended and has a nearly flat velocity field. The GALFIT
model with two components recovers the configuration in
the velocity map and suggests that the southern component
is edge-on, while the northern component is nearly face-on,
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Fig. 23. The same as Fig. 3, but for the MASSIV source 910274060 (major merger). The outer contour marks the 1.20 ADU (3σsky)
isophote, while brighter isophotes increase in 1.00 ADU (2.5σsky) steps. The grey dot in the central figure marks the centre of the
system given by the kinematical model, while the red/blue dot marks the photometric centre of the principal/companion galaxy
given by the two-component model of the source. The long bars mark the position angle of the previous models. The short bar
marks the photometric position angle given by the one-component model of the source. [A colour version of this plot is available at
the electronic edition].

thus explaining the observed high and null velocity gradi-
ents. The separation between the components is rp = 5h−1

kpc, while their relative velocity is ∆v ∼ 75 km s−1. From
the GALFIT models we estimate ∆mi = −1.1, and we clas-
sify the system as a major merger.
• 910154631 (Fig. 18).Major merger. The velocity map sug-

gests two projected components, with the companion toward
the north-west. The i−band image shows another two well
separated sources close to the MASSIV target. These sources
are not detected in Hα. To avoid contamination from these
sources in the i−band photometry, we performed a four com-
ponent fitting, with two components for the MASSIV target
and one component for each nearby source. The GALFIT
model finds the second component of the MASSIV target at
the expected position, but we only detect the southern half of
the i−band source in Hα. We explored the reduced data cube
of the source, and we find (i) there are two clear velocity
gradients in the cube, reinforcing the presence of two differ-
ent components and (ii) there is an OH sky-line in the chan-
nels in which we expect the northern part of the companion,
explaining the non detection in the maps. In addition, the
higher velocity dispersion of the MASSIV target occurs in
the expected overlapping region between both components.
We conclude that this is a close pair system with rp = 4.2h−1

kpc, ∆v ∼ 130 km s−1 and ∆mi = 0.8. Thus, we classify the
system as a major merger.
• 910296626 (Fig. 19). Major merger. The velocity map

shows two different components with a separation of rp =

12.1h−1 kpc and a relative velocity of ∆v ∼ 165 km s−1.
The companion is located toward the north-east. We find
∆mi = −0.1 and ∆mKs = −0.2, so the system is a major
merger.
• 910337228 (Fig. 20). Major merger. The velocity map

shows two different components with a separation of rp =

9.5h−1 kpc and a relative velocity of ∆v ∼ 220 km s−1. The
companion is toward the west and has ∆mi = 1.4. Thus, we
classify the system as a major merger.

In summary for this redshift range, we classify 7 of the 11
close pair candidates as major mergers. This translates to a gas-
rich major merger fraction of fMM = 0.201+0.080

−0.051 at zr,2 = 1.32.

4.3. Close pair candidates at 1.5 ≤ z < 1.8

The weighted mean redshift of the third redshift bin is zr ,3 =

1.54. This is a redshift range where there is no measurement
of the merger fraction from spectroscopic close pairs yet. We
identify 3 close pair candidates over 12 galaxies:

• 020116027 (Fig. 21). Major merger. The velocity map
shows two different components with a separation of rp =

26.8h−1 kpc and a relative velocity of ∆v ∼ 100 km s−1. The
companion is toward the north-west. The luminosity differ-
ence is ∆mi = 0.7, suggesting a major merger. The difference
in the Ks band is ∆mKs = 0.5, confirming the previous major
merger classification.
• 910186191 (Fig.22). Major merger. The velocity map

shows two different components with a separation of rp =

12.7h−1 kpc and a relative velocity of ∆v ∼ 450 km s−1. The
MASSIV target is only detected in 6 pixels because there is
an OH sky-line in the position of Hα at its redshift. The com-
panion, located toward the west, is well detected. We find
∆mi = −0.2, this is, the companion is slightly brighter than
the principal galaxy. However, the MASSIV target is barely
detected in the Ks band, with ∆mKs = −2.4, suggesting a low
mass system. This is the only system in which the classifica-
tion in the two bands is different. Fortunately, both sources
are VVDS targets, and we have an estimation of their stel-
lar masses from SED fitting. The difference in stellar mass is
µ ∼ 1/3, so we classify the system as a major merger.
• 910274060 (Fig. 23). Major merger. The velocity map is

consistent with one single component. However, the position
angle (PA) from the i−band photometry, PA = 105◦ (North
has PA = 0◦ and East has PA = 90◦), is nearly perpendicu-
lar to that from the kinematical modelling, PA = 33◦. This
suggests a complex system, so we performed the GALFIT
modelling with two sources. We recover well two sources,
one in the north and the other in the south. The photomet-
ric PAs of these two sources, provided by the GALFIT fit-
ting, are now in better agreement with the kinematical one
(PA1 = 75◦, PA2 = 41◦), supporting that this is a close pair
system. The separation between the components is 3.4h−1

kpc, with ∆v ∼ 10 km s−1, and the luminosity difference is
∆mi = 0.2. Thus, we classify the system as a major merger.
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In summary, we identify the 3 candidates as major mergers.
This translates to a gas-rich major merger fraction of fMM =

0.323+0.201
−0.107. Note that in this range our merger candidates have

rmax
p = 30h−1 kpc to improve the statistics. Applying Eq. (7) we

estimate fMM = 0.220+0.137
−0.073 for rmax

p = 20h−1 kpc at zr ,3 = 1.54.
Our results alone, summarised in Table 2, suggest a constant

major merger fraction of fMM ∼ 0.21 at 0.9 < z < 1.8 for rmax
p =

20h−1 kpc close pairs (Fig. 24). This merger fraction at z > 1
is higher by an order of magnitude than in the local universe,
where fMM ∼ 0.01 − 0.03 (Patton et al. 2000; De Propris et al.
2007; Patton & Atfield 2008; Domingue et al. 2009; Darg et al.
2010; Xu et al. 2012). This is the first main result of the present
paper. We compare our major merger fractions with others in the
literature in Sect. 6.1.

5. The gas-rich major merger rate in MASSIV

In this section we estimate the gas-rich major merger rate (RMM),
defined as the number of mergers per galaxy and Gyr, of star-
forming galaxies at 0.9 < z < 1.8. We remind here the steps
to transform a merger fraction to a merger rate. Following
de Ravel et al. (2009), we define the major merger rate as

RMM = Cm fMM T−1
MM, (6)

where the factor Cm is the fraction of the observed close
pairs that finally merge in a typical time scale TMM. The
typical merger time scale can be estimated by cosmological
and N−body simulations. In our case, we compute the ma-
jor merger time scale from the cosmological simulations of
Kitzbichler & White (2008), based on the Millennium simula-
tion (Springel et al. 2005). This major merger time scale refers
to major mergers (µ ≥ 1/4 in stellar mass), and depends mainly
on rmax

p and on the stellar mass of the principal galaxy, with
a weak dependence on redshift in our range of interest (see
de Ravel et al. 2009, for details). We measured the median-
weighted stellar mass from MASSIV sources in each of the
three redshift bins under study, and estimated the merger time
scale for these stellar masses. These time scales already include
the factor Cm (see Patton & Atfield 2008; Bundy et al. 2009;
Lin et al. 2010; López-Sanjuan et al. 2011), so we take Cm = 1
in the following. In addition, López-Sanjuan et al. (2011) show
that the time scales from Kitzbichler & White (2008) are equiv-
alent to that from the N−body/hydrodynamical simulations by
Lotz et al. (2008). However, we stress that these merger time
scales have an additional factor of two uncertainty in their nor-
malization (e.g., Hopkins et al. 2010; Lotz et al. 2011). We sum-
marise the stellar masses, the merger time scales and the gas-
rich major merger rates in Table 2. As for the merger faction,
MASSIV data suggests a nearly constant major merger rate at
0.9 < z < 1.8, RMM ∼ 0.12 Gyr−1 (Fig. 25). We study in detail
the evolution of the major merger rate at z " 1.5 in Sect. 6.2.

6. The redshift evolution of the gas-rich major

merger fraction and rate up to z ∼ 1.5

In this section we use the MASSIV results at z > 1 to expand the
study of the gas-rich major merger fraction (Sect. 6.1) and rate
(Sect. 6.2) from spectroscopic close pairs to the redshift desert.
Then, we explore the importance of gas-rich major mergers in
the assembly of the red sequence since z ∼ 1.5 in Sects. 6.3 and
6.4.
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Fig. 24. Gas-rich major merger fraction of M⋆ ∼ 1010−10.5 M⊙
galaxies as a function of redshift. Circles are from this MASSIV
data set, triangles are from de Ravel et al. (2009) and inverted
triangles are from López-Sanjuan et al. (2011), both in VVDS-
Deep, right-pointing triangles are from Lin et al. (2008) in
DEEP2 redshift survey, pentagons are from Xu et al. (2012) in
the COSMOS field, and the hexagon is from Xu et al. (2012) in
2MASS/SDSS. The solid line is the least-squares fit of a power-
law function, fMM = 0.0066×(1+z)3.91, to the data. The grey area
marks the 3σ confidence interval in the fit. [A colour version of
this plot is available at the electronic edition].

6.1. The redshift evolution of the gas-rich major merger
fraction

In this section we compare the merger fraction from MASSIV
with those from previous works. Because the merger fraction
evolution depends on mass (e.g., de Ravel et al. 2009, 2011), lu-
minosity (e.g., de Ravel et al. 2009; López-Sanjuan et al. 2010a)
and colour (e.g., Lin et al. 2008; Chou et al. 2011), we focus
on samples with M⋆ ∼ 1010−10.5 M⊙ (Salpeter 1955 IMF) to
minimise systematics. In addition, this mass regime is greatly
dominated by gas-rich (wet) mergers, as those that we observe
in MASSIV, at least at z ! 0.2 (Lin et al. 2008; de Ravel et al.
2009; Chou et al. 2011).

We define the major (µ ≥ 1/4) merger fraction normalised to
rmax

p = 20h−1 kpc as

fMM(20, 1/4) = Cp F(µ)

(

20h−1 kpc
rmax

p

)0.95

fm(rmax
p , µ), (7)

where the factor Cp = rmax
p /(r

max
p − rmin

p ) accounts for the
missing close companions at small radii in those studies with
rmin

p > 0 (e.g., Bell et al. 2006) and the factor F(µ) translates
the merger fraction for a given µ to the major merger frac-
tion. The merger fraction depends on µ as fm(≥ µ) ∝ µs

(e.g., López-Sanjuan et al. 2011), that implies F(µ) = (4µ)−s.
We take s = −0.9 ± 0.4, a value derived from the obser-
vational estimations of López-Sanjuan et al. (2011, 2012) and
Xu et al. (2012). The search radius dependence of the major
merger fraction, fMM ∝ r

0.95
p , is the observational one found by

López-Sanjuan et al. (2011) in the VVDS. With Eq. (7) we avoid
systematic differences due to the close pair definition when com-
paring different works.

de Ravel et al. (2009) study the major merger fraction of
M⋆ ≥ 109.75 M⊙ (M⋆ ∼ 1010.25 M⊙) galaxies in VVDS-
Deep by spectroscopic close pairs, while López-Sanjuan et al.
(2011) provide the major merger fraction of blue (star-forming)
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Table 2. Gas-rich major merger fraction and rate of star-forming galaxies at 0.9 < z < 1.8 in the MASSIV sample.

zr N Np zr log (M⋆/M⊙) rmax
p TMM fMM RMM

(h−1 kpc) (Gyr) (Gyr−1)

0.94 ≤ z ≤ 1.06 18 3 1.03 10.17 20 1.80 0.208+0.152
−0.068 0.116+0.084

−0.038

1.2 ≤ z < 1.5 30 7 1.32 10.57 20 1.37 0.201+0.080
−0.051 0.147+0.058

−0.037

1.5 ≤ z < 1.8 12 3 1.54 10.09 30 2.54 0.323+0.201
−0.107 0.127+0.079

−0.042

galaxies with M⋆ ∼ 1010.55 M⊙ in the same sample. In both
studies rmax

p = 100h−1 kpc. Lin et al. (2008) report the num-
ber of companions of −21 ≤ MB + 1.3z ≤ −19 galaxies
(M⋆ ∼ 1010.25 M⊙) with 10h−1 kpc ≤ rp ≤ 30h−1 kpc in three
DEEP2 redshift survey (Newman et al. 2012b) fields. Their prin-
cipal and companion sample are the same, so they miss major
companions near to the selection boundary. Thus, we apply an
extra factor 1.74 to Eq. (7) to account for these missing com-
panions (see Lin et al. 2004, for details). Xu et al. (2012) mea-
sure the fraction of galaxies in close pairs with µ ≥ 1/2.5 in
the COSMOS4 (Cosmological Evolution Survey, Scoville et al.
2007) and SDSS5 (Sloan Digital Sky Survey, Abazajian et al.
2009) surveys for M⋆ ∼ 1010.2 M⊙ galaxies. We applied a fac-
tor 0.5 to pass from their number of galaxies in close pairs to
the number of close pair systems in the sample (C. K. Xu, pri-
vate communication), and a factor F(1/2.5) = 1.5±0.3 to obtain
the major merger fraction. All these published (gas-rich) major
merger fractions are shown as a function of redshift in Fig. (24),
together with the values derived from MASSIV.

We parametrise the redshift evolution of the (gas-rich) major
merger fraction with a power-law,

fMM = fMM,0 (1 + z)m. (8)

The least-squares fit to all the data in Fig. 24 yields fMM,0 =

(6.6 ± 0.6) × 10−3 and m = 3.91 ± 0.16. We find good agree-
ment between all works, with the MASSIV point at z ∼ 1 being
higher than expected from the fit, but consistent within errors
with the measurement of Lin et al. (2008) at that redshift. In the
next section we show that this difference disappears when the
stellar mass of the samples is taken into account, emphasizing
the importance of comparing results from similar parent sam-
ples.

6.2. The redshift evolution of the gas-rich major merger rate

We use Eq. (6) to translate the original (i.e., without any nor-
malization in rmax

p ) major merger fractions reported in previous
section into merger rates. We show them in Fig. 25. The good
agreement between different works is remarkable, reinforcing
the idea that the merger time scales used account properly for
the dependence of the merger fraction both on rmax

p and on stel-
lar mass.

We also show the major merger rate from morphological
criteria derived by López-Sanjuan et al. (2009b). They mea-
sure the gas-rich merger fraction of M⋆ ∼ 1010.5 M⊙ galaxies
from asymmetries (A) in the GOODS6 (Giavalisco et al. 2004)
South field and take into account the effect of observational

4 http://cosmos.astro.caltech.edu
5 http://www.sdss.org/
6 http://www.stsci.edu/science/goods/
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Fig. 25.Gas-rich major merger rate of M⋆ ∼ 1010−10.5 M⊙ galax-
ies as a function of redshift. Circles are from this MASSIV data
set, triangles are from de Ravel et al. (2009) and inverted trian-
gles are from López-Sanjuan et al. (2011), both in VVDS-Deep,
right-pointing triangles are from Lin et al. (2008) in DEEP2
redshift survey, squares are from López-Sanjuan et al. (2009b)
in GOODS-S from morphological criteria, pentagons are from
Xu et al. (2012) in the COSMOS field, and the hexagon is from
Xu et al. (2012) in 2MASS/SDSS. The solid line is the least-
squares fit of a power-law function, RMM = 0.0048 × (1 + z)3.95,
to the data. The grey area marks the 3σ confidence interval in
the fit. [A colour version of this plot is available at the electronic
edition].

errors in z and A, that lead to overestimations in the major
merger fraction by a factor of two-three (López-Sanjuan et al.
2009a,b), using maximum likelihood techniques developed in
López-Sanjuan et al. (2008). Other studies find good agree-
ment between the asymmetry-based major merger rates from
López-Sanjuan et al. (2009b) and those from close pair statistics
(López-Sanjuan et al. 2010a; Lotz et al. 2011; de Ravel et al.
2011), confirming the robustness of their methodology.

We also parametrise the redshift evolution of the (gas-rich)
major merger rate with a power-law,

RMM = RMM,0 (1 + z)n. (9)

The least-squares fit to all the data in Fig. 25 yields RMM,0 =

(4.8 ± 0.3) × 10−3 Gyr−1 and n = 3.95 ± 0.12. The agreement
between different works points out the importance of comparing
results from similar parent samples to avoid systematics (see also
Lotz et al. 2011, for an extensive discussion on this topic). We
also point out that the merger rate and the merger fraction of
star-forming galaxies show a similar evolution with redshift.

The second main result in this paper is that the major
merger rate is well described by a power-law function up to
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z ∼ 1.5. However, we note that our MASSIV data seem
to indicate a flattening of the merger rate’s evolution beyond
z ∼ 1. Previous studies from morphological criteria (e.g.,
Conselice 2003; Conselice et al. 2008) and from photometric
pairs (Ryan et al. 2008) suggest that the power-law parametriza-
tion is not longer valid at z ! 1.5, where a lower merger fraction
than expected from the low−z evolution is measured, possibly
indicating a maximum in the major merger rate at z ∼ 2 (e.g.,
Conselice 2006; Ryan et al. 2008; López-Sanjuan et al. 2009b).
Our new measurements agree with this picture and measure-
ments from spectroscopic close pairs beyond z ∼ 1.5 are needed
to test the early evolution of the merger fraction.

The power-law index n = 3.95 ± 0.12 is higher than several
previous measurements in the literature (e.g., Bridge et al. 2010;
Lotz et al. 2011), as well as our major merger fraction evolution,
m = 3.91±0.16. However, our results refer to M⋆ ∼ 1010−10.5 M⊙
star-forming galaxies, and it is known that the merger fraction
and rate evolve faster for blue, star-forming galaxies than for the
red and global populations (e.g., Lin et al. 2008; de Ravel et al.
2009; Chou et al. 2011; López-Sanjuan et al. 2011).

6.3. Number of gas-rich mergers since z = 1.5

We can obtain the average number of gas-rich major mergers per
star-forming galaxy between z2 and z1 < z2 as

NMM(z1, z2) =
∫ z2

z1

RMM dz
(1 + z)H0E(z)

, (10)

where E(z) =
√

ΩΛ +Ωm(1 + z)3 in a flat universe. Using the
merger rate parametrisation in Eq. (9), we obtain NMM(0, 1.5) =
0.35 ± 0.04. Interestingly, half of this merging activity happens
at z > 1, with NMM(1, 1.5) = 0.18±0.02 and NMM(0, 1) = 0.17±
0.02. Because the cosmic time lapse in these redshift intervals is
1.55 Gyr and 7.7 Gyr, respectively, the average merger activity
was higher at 1 < z < 1.5 than at 1 < z by a factor of five.
In the next section we further explore the consequences of this
very different major merger activity above and below z ∼ 1 for
the assembly of the red sequence.

6.4. Testing the major merger origin of massive early-type
galaxies

The number density of massive (M⋆ ! 1011 M⊙) early-
type galaxies (E/S0, ETGs in the following) has increased
with cosmic time since z ∼ 3 (e.g., Pozzetti et al.
2010; Buitrago et al. 2013), with ETGs being the domi-
nant population among massive galaxies only since z ∼

1 (Vergani et al. 2008; Buitrago et al. 2013; van der Wel et al.
2011; van Dokkum et al. 2011). Gas-rich major mergers
have been proposed as an efficient mechanism to trans-
form star-forming late-type galaxies into red ETGs (e.g.,
Naab et al. 2006; Rothberg & Joseph 2006a,b; Hopkins et al.
2008; Rothberg & Fischer 2010; Bournaud et al. 2011), so the
comparison between the observed number density evolution of
ETGs (ρETG) and the major merger history of star-forming galax-
ies imposes important constraints on the role of mergers in
galaxy evolution.

In their work, Robaina et al. (2010) and Man et al. (2012)
integrate the observed major merger rate over cosmic time and
predict the evolution of the number density of massive galaxies
assuming that all the merger remnants are new massive galax-
ies. They suggest that major mergers are common enough to ex-
plain the number density evolution of massive galaxies (ETGs

+ spirals) at z < 1 and z < 3, respectively. Eliche-Moral et al.
(2010) model the evolution of the luminosity function back-
wards in time for bright galaxies, selected according to their
colours (red/blue/total) and their morphologies. They find that
the observed luminosity functions’ evolution can be naturally ex-
plained by the observed gas-rich and dry major merger rates, and
that 50-60% of massive ETGs in the local universe were formed
by major mergers at 0.8 < z < 1, with a small number evolution
since z = 0.8.

In this section we implement a model to explore the role
of mergers in the number density evolution of massive ETGs
since z ∼ 1.3. As reference values, we use the number den-
sities of massive (M⋆ ≥ 1011.25 M⊙) ETGs provided by
Buitrago et al. (2013). They perform a consistent morphological
study by visual inspection between z = 0 and z = 3, combining
the SDSS, POWIR (Palomar Observatory Wide-Field Infrared,
Conselice et al. 2007) and GNS7 (GOODS NICMOS Survey,
Conselice et al. 2011a) surveys. We also use the number den-
sities of massive spheroidal galaxies with M⋆ ≥ 1011.25 M⊙, se-
lected by automatic indices in the zCOSMOS8 (Lilly et al. 2007)
survey, provided by Pozzetti et al. (2010). We show these num-
ber densities in Fig. 26.

In our model we assume that, after the final coalescence
of the merging galaxies, a cosmic time ∆t = 0.5 Gyr is nec-
essary for the merger remnant to be classified as an ETG (see
Eliche-Moral et al. 2010, for a detailed summary of this topic).
This implies that the new ETGs which appeared between zmax
and zmin came from the merger activity in the range z ∈ [z1, z2),
where z1 = zmin + ∆z, z2 = zmax + ∆z, and ∆z is the redshift in-
terval that spans ∆t in each case. Therefore, we take zmax = 1.3
as the upper redshift in our model because that implies z2 ∼ 1.5,
the redshift limit of the present merger rate study (see Sect. 6.2).

The number density of new ETGs with stellar mass M⋆ ≥
M⋆,lim from gas-rich major merger events appeared in the range
zmin ≤ z < zmax is

ρwet(zmin, zmax,M⋆,lim) =
∫ z2

z1

∫ ∞

0
ΦRMMEMM fLTG dM⋆dz, (11)

where the different elements in the integral are (Fig. 27):

• the global mass function, parametrised with a Schechter
function

Φ (z,M⋆) =
φ∗(z)
M∗⋆(z)

(

M⋆

M∗⋆(z)

)α(z)

exp

(

−
M⋆

M∗⋆(z)

)

. (12)

We assumed the Schechter function parameters from
Pérez-González et al. (2008) and used their parametrisation
with redshift provided by López-Sanjuan et al. (2010a),

log(φ∗(z)/Mpc−3) = −2.72 − 0.56(z − 0.5), (13)

log(M∗⋆(z)/M⊙) = 11.23 + 0.13(z − 0.5), (14)

α(z) = −1.22 − 0.04(z − 0.5). (15)

• The gas-rich major merger rate, RMM(z), as measured in
Sect. 6.2. We assumed that it is independent of the stellar
mass.
• The merger efficiency function, E(z,M⋆,M⋆,lim, µmax, µmin).

This function provides the probability that a gas-rich merger
with a mass ratio µmin < µ ≤ µmax produces an early-type
remnant more massive than M⋆,lim. The merger efficiency
function takes several effects into account:

7 http://www.nottingham.ac.uk/astronomy/gns/
8 http://www.astro.phys.ethz.ch/zCOSMOS/
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Fig. 26. Number density evolution of massive (M⋆ ≥

1011.25 M⊙) ETGs (E/S0) as a function of redshift from
Buitrago et al. (2013, pentagons) and Pozzetti et al. (2010,
squares). The dashed line is the expected number density evo-
lution due to gas-rich (wet) major mergers from our model. The
solid line is the expected number density evolution due to wet
major and dry mergers (both major and minor) from our model.
Mergers are common enough to drive the number density evo-
lution of massive ETGs since z ∼ 1.3. [A colour version of this
plot is available at the electronic edition].

– The stellar mass difference µ needed to reach M⋆,lim for
a given M⋆. For example, and regarding major mergers
with µ ≥ 1/4, the µmax = 1 mergers of galaxies with
M⋆ ≥ 1010.7 M⊙ will provide a massive remnant with
M⋆ ≥ M⋆,lim = 1011 M⊙, while for µmin = 1/4 only
galaxies with M⋆ ≥ 1010.9 M⊙ can be progenitors of
massive ETGs. Thus, mergers below M⋆,lim/(1+µmin) do
not contribute to the assembly of massive ETG, while all
mergers above M⋆,lim/(1+µmax) contribute. Between µmin
and µmax, we used the dependence of the merger fraction
on the mass ratio µ, fMM ∝ µ

s (e.g., López-Sanjuan et al.
2011), to estimate the effective merger rate at M⋆ =
M⋆,lim/(1 + µ).

– The extra stellar mass in the final remnant due to the
star formation during the merger, fsf . This extra stellar
mass simply decreases the limiting mass for a given µ
described in the previous item by a factor (1 + fsf)−1.

– The fraction of remnants of a gas-rich major merger that
are ETGs. We express this fraction as 1− fdisc, where fdisc
is the fraction of remnants that rebuild a disc component
and are classified as late-type galaxies after the merger
(see Sect. 6.4.2, for further details).

Formally, the merger efficiency function is defined as

E =

⎧

⎪

⎪

⎪

⎨

⎪

⎪

⎪

⎩

1 − fdisc, if M⋆ ≥ M⋆,1,
(1 − fdisc) × (µ/µmin)s, if M⋆,2 ≤ M⋆ < M⋆,1,
0, if M⋆ < M⋆,2,

(16)

where

M⋆,1 =
M⋆,lim

(1 + µmin)(1 + fsf)
, (17)

M⋆,2 =
M⋆,lim

(1 + µmax)(1 + fsf)
, (18)
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Fig. 27. Number density distribution from the different func-
tions in Eq. (11) at z = 1. The solid line is the stellar mass
function (Φ) multiplied by the major merger rate (RMM). The
dashed line includes the major merger efficiency function (EMM).
The dotted line includes the fraction of late-type galaxies ( fLTG)
and provides the final function that we integrate over stellar
mass and cosmic time to obtain ρwet. The vertical dashed line
marks the limiting stellar mass that define massive galaxies,
M⋆,lim = 1011.25 M⊙, while the dotted lines mark the stellar
masses M⋆,1 = 1010.15 M⊙ and M⋆,2 = 1011.05 M⊙ when fsf = 0
(see text for details). [A colour version of this plot is available at
the electronic edition].

µ =
M⋆,lim

M⋆(1 + fsf)
− 1. (19)

For convenience, we define the major merger efficiency in
Eq. (11) as EMM ≡ E(z,M⋆,M⋆,lim, µmax = 1, µmin = 1/4).
We assumed that fdisc = 0, i.e., all the merger remnants are
ETGs (see Sect. 6.4.2), and that s = −0.9 as in Sect 6.1. To
estimate fsf we used the parametrisation of the gas fraction
as a function of stellar mass and cosmic time provided by
Rodrigues et al. (2012),

fgas(z,M⋆) =
Mgas

M⋆ + Mgas
=

1
1 + [M⋆/10A(t)] B(t)

, (20)

where t is the cosmic time between redshift z and the present,

A(t) = 9.15 + 0.13t, (21)

B(t) = 0.5 + 13.36 × exp(−38.02/t). (22)

A(t) represents the stellar mass at a given time for which
the gas fraction is equal to 50%. The parameter increases
linearly with lookback time. B(t) corresponds to the slope
of the function. Then, we assumed the prescriptions in
Hopkins et al. (2009) to estimate the amount of the initial
gas mass that is transformed into stars during the merger,
fburst = fgas(1 − fgas)2µ/(1 + µ). Finally,

fsf = Mburst/M⋆ =
2
3
fgas, (23)

where the factor 2/3 is the efficiency for µ = 1/2
mergers, which is the typical major merger mass ratio
(López-Sanjuan et al. 2011, 2012).
• The fraction of late-type galaxies (spirals and irregulars),
fLTG(z,M⋆), is the number of potential gas-rich merger pro-
genitors over the total population. We parametrise this frac-
tion as

fLTG(z,M⋆) = 0.56 + 0.16z − 0.58[log(M⋆/M⊙) − 11]. (24)
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Fig. 28. Fraction of late-type galaxies as a function of redshift
(top panel) and stellar mass at z ∼ 0 (bottom panel). The redshift
data points are from Buitrago et al. (2013), and the stellar mass
ones from Bernardi et al. (2010) in the SDSS. The line in both
panels is the best least-squares linear fit to the data. [A colour
version of this plot is available at the electronic edition].

We estimated the redshift dependence from the fLTG reported
by Buitrago et al. (2013) at z < 3 (Fig. 28, top panel), and the
mass dependence from the late-type fractions in the SDSS
presented in Bernardi et al. (2010, Fig. 28, bottom panel).
We assumed fLTG = 1 when Eq. (24) is higher than one, and
fLTG = 0 when it is negative.

Finally, we define the fraction of new massive ETGs due to
gas-rich (wet) mergers as

fwet(zmin, zmax) =
ρwet(zmin, zmax, 1011.25 M⊙)
ρETG(zmin) − ρETG(zmax)

. (25)

Our merger model finds fwet(0, 1.3) ∼ 50%, while this frac-
tion increases up to fwet(z, 1.3) ! 90% when we focus on
the high−z regime, z ! 0.8 (dashed line in Fig. 26). This
indicates that gas-rich major mergers are common enough at
z ! 0.8 to explain the observed increase in the number den-
sity of massive ETGs. However, at z " 0.8 only one third of
the evolution can be accounted by these mergers, fwet(0, 0.8) ∼
40%. That supports the idea that gas-rich major merging is
the main process involved in the assembly of the red sequence
at z ! 1 (e.g., Ilbert et al. 2010; López-Sanjuan et al. 2010b;
Eliche-Moral et al. 2010; Prieto et al. 2013).

In addition to wet mergers, dry mergers can also increase
the number density of massive ETGs. In this case they promote
ETGs with M⋆ < 1011.25 M⊙ to the massive regime. We estimate
the contribution of both major and minor dry mergers as

ρ+dry(zmin, zmax,M⋆,lim) =
∫ z2

z1

∫ M⋆,lim

0
ΦRETG

MM EMM fETG dM⋆dz

+

∫ z2

z1

∫ M⋆,lim

0
ΦRETG

mm Emm fETG dM⋆dz, (26)

where RETG
MM (RETG

mm ) is the major (minor) merger rate of mas-
sive ETGs galaxies from López-Sanjuan et al. (2012), fETG =

1 − fLTG, the minor merger efficiency function is defined as
Emm ≡ E(z,M⋆,M⋆,lim, µmax = 1/4, µmin = 1/10), and we as-
sumed fsf = 0 in both major and minor merger efficiency func-
tions. Note that the integration in mass space only reach M⋆,lim
and that the merger rates from López-Sanjuan et al. (2012) in-
clude also mixed mergers (ETGs - LTGs). However, dry mergers
between two already massive ETGs decrease the number density
ρETG. We take this into account with the following function,

ρ−dry(zmin, zmax,M⋆,lim) =
∫ z2

z1

∫ ∞

M⋆,lim

ΦRETG
MM ǫMM fETG dM⋆dz

+

∫ z2

z1

∫ ∞

M⋆,lim

ΦRETG
mm ǫmm fETG dM⋆dz, (27)

where in this case the merger efficiency function has the form

ǫ =

⎧

⎪

⎪

⎪

⎨

⎪

⎪

⎪

⎩

0.65, if M⋆ ≥ M⋆,3,
0.65 × (µ/µmin)s if M⋆,4 ≤ M⋆ < M⋆,3,
0, if M⋆ < M⋆,4,

(28)

where

M⋆,3 = µ
−1
min M⋆,lim, (29)

M⋆,4 = µ
−1
max M⋆,lim, (30)

µ =
M⋆,lim

M⋆
. (31)

and the factor 0.65 is the fraction of companions of
massive galaxies that are already early-type/red galaxies
(López-Sanjuan et al. 2012; Newman et al. 2012a). As previ-
ously, we define the major merger efficiency as ǫMM ≡

ǫ(z,M⋆,M⋆,lim, µmax = 1, µmin = 1/4) and the minor merger
efficiency as ǫmm ≡ ǫ(z,M⋆,M⋆,lim, µmax = 1/4, µmin = 1/10).

Analogous to the wet merger case, we define

fdry(zmin, zmax) =
ρdry(zmin, zmax, 1011.25 M⊙)

ρETG(zmin) − ρETG(zmax)

=
ρ+dry(zmin, zmax, 1011.25 M⊙) − ρ−dry(zmin, zmax, 1011.25 M⊙)

ρETG(zmin) − ρETG(zmax)
(32)

to explore the role of dry mergers in massive ETGs assembly
since z = 1.3. We find fdry(0, 1.3) ∼ 40%. As shown in Fig. 26,
dry mergers are more important at recent cosmic times due to
the increase in the number density of ETGs, in contrast with the
diminishing importance of gas-rich mergers. For example, we
have fdry(0.8, 1.3) ∼ 15%, while fdry(0, 0.8) ∼ 45%.

The combined effect of gas-rich and dry mergers, ftot = fwet+

fdry, is able to explain most of the evolution in ρETG since z = 1.3,
with ftot(0, 1.3) ∼ 90%. Thus, our model suggests merging as the
main process in the assembly of massive ETGs since z = 1.3.
Two thirds of the number density evolution is due to gas-rich
major mergers, while one third is coming from major and minor
dry mergers.

The measurement of the merger rate at z ! 1.5 is needed to
fully constraint the role of gas-rich major mergers in the early as-
sembly of the red sequence, as well as the possible contribution
of cold gas accretion in this mass assembly.
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6.4.1. Fast and slow rotators in the local universe

The results from the SAURON project (de Zeeuw et al. 2002)
propose a kinematical classification of morphological ETGs
into fast and slow rotators (Emsellem et al. 2007). Recently,
the ATLAS3D,9 (Cappellari et al. 2011) survey has observed a
representative sample of 260 nearby ETGs, finding that the
fraction of slow rotators increases with the dynamical mass
(Emsellem et al. 2011). The cosmological simulation analysed
by Khochfar et al. (2011) suggests that the main difference be-
tween fast and slow rotators is their average number of major
mergers, with fast rotators having undergone one major merger,
while slow rotators have undergone two. We use this fact and the
merging model developed in the previous section, to predict the
fraction of slow rotators in the local universe, fslow. We simply
assumed that wet major mergers produce fast rotators (first major
merger event), dry major mergers produce slow rotators (second
major merger event), and dry minor mergers do not change the
kinematical state of ETGs. In addition, we took all the ETGs at
z = 1.3 as fast rotators.

With the previous assumptions, we expect fslow ∼ 60%,
in good agreement with the ATLAS3D result of fslow ∼ 47 −
75% for ETGs with a dynamical mass Mdyn ≥ 1011.25 M⊙
(Emsellem et al. 2011). Thus, our model also reproduces the lo-
cal fraction of slow/fast rotators of massive ETGs galaxies, rein-
forcing the conclusions of the previous section.

6.4.2. Uncertainties in the model

The model presented in previous sections has set most of its pa-
rameters from observational results. However, there are two un-
constrained parameters that could affect our conclusions. The
first parameter is fdisc, the fraction of gas-rich major mergers
whose remnant rebuild a disc component and do not contribute
to the increase in ρETG. We assumed fdisc = 0, and in the fol-
lowing we justify this selection. Hopkins et al. (2009) find that a
high gas fraction prevents the destruction of the disc component
after a major merger in their N−body/hydrodynamical simula-
tions (but see Bournaud et al. 2011 for a different point of view).
These simulations suggest that disc rebuild could be an efficient
process when the gas fraction is fgas ! 50%. However, we have
focused in the massive end of the galaxy population, where the
gas fractions are lower. Thanks to Eq. (20), we can estimate
the gas fraction of the gas-rich mergers in our model. We find
fgas " 30%, justifying the assumed fdisc = 0. At lower masses
than explored in the present section, the gas fraction is higher,
and disc rebuild could be an important process in the formation
of bulge-dominated spirals (e.g., Huertas-Company et al. 2010;
Puech et al. 2012). However, we cannot discard positive values
of fdisc for massive galaxies, as we see below.

The second parameter is the assumed merger time scale,
which typically has a factor of two uncertainty in their
normalization (e.g., Hopkins et al. 2010). The TMM from
Kitzbichler & White (2008) are typically longer than others
in the literature (e.g., Patton & Atfield 2008; Lin et al. 2010)
or similar to those from N−body/hydrodynamical simulations
(Lotz et al. 2010b,a). Thus, we expect, if anything, a shorter
TMM, which implies a larger number density of ETGs due to
mergers. Nevertheless, the good description of the ρETG evolu-
tion with our merger model strongly suggests that mergers are
indeed the main process in massive ETGs assembly. Thus, a
lower TMM (i.e., a higher merger rate that translates to an ex-

9 http://www-astro.physics.ox.ac.uk/atlas3d/

cess of ETGs) could be compensated by a positive value of fdisc,
that reduces the number density of ETGs due to mergers.

Future observational studies will be important to better con-
straint the parameters of our model, and further theoretical ef-
forts are needed to understand the uncertainties in the assumed
parameters.

7. Summary and conclusions

Using SINFONI/VLT 3D spectroscopy, we have been able to
measure, for the first time with spectroscopically-confirmed
close pairs, the gas-rich major merger fraction and merger rate
at around the peak in star formation activity at 0.9 < z < 1.8,
from the MASSIV sample of star-forming galaxies with a stel-
lar mass range M⋆ = 109 − 1011 M⊙. In this redshift range we
identify 20 close pairs, and classify 13 as major mergers based
on a separation rp ≤ 20h−1 − 30h−1 kpc and a relative velocity
∆v ≤ 500 km s−1.

We find that the gas-rich major merger fraction is high,
20.8+15.2

−6.8 %, 20.1+8.0
−5.1%, and 22.0+13.7

−7.3 % for rp ≤ 20h−1 kpc
close pairs in redshift ranges z = [0.94, 1.06], [1.2, 1.5), and
[1.5, 1.8), respectively. When compared to measurements at red-
shifts z < 1, the evolution of the (gas-rich) merger fraction can
be parametrised as fMM = 0.0066×(1+z)m withm = 3.91±0.16.
We note that the evolution between z = 1 and z ∼ 1.5 seems to
flatten out compared to lower redshifts.

The merger rate has been derived using merger time scales
from the literature: we find that the gas-rich merger rate is
0.116+0.084

−0.038 Gyr−1, 0.147+0.058
−0.037 Gyr−1, and 0.127+0.079

−0.042 Gyr−1 at
z = 1.03, 1.32, and 1.54, respectively, for merger time scales of
TMM ∼ 1.5 Gyr. We then find that the (gas-rich) merger rate’s
evolution for galaxies with stellar mass M⋆ = 1010−10.5 M⊙ over
z = [0, 1.5] scales as (1 + z)n with n = 3.95 ± 0.12.

Using these measurements, we developed a simple model to
estimate the contribution of gas-rich major mergers to the growth
of galaxies on the red sequence. We infer that ∼ 35% of the star-
forming galaxies with stellar mass M⋆ = 1010 − 1010.5 M⊙ have
undergone a major merger since z ∼ 1.5. The number of major
merger events was about 5 times higher at 1 < z < 1.5 compared
to z < 1. Assuming that each gas-rich major merger produces
a new early-type galaxy, we infer that the number of gas-rich
major mergers is large enough at z > 1 to explain the increase
in the number density of massive ETGs, supporting a picture
where gas-rich (wet) merging is the main process building-up
the red sequence. While gas-rich mergers become rarer towards
lower redshifts, the number of dry mergers is steadily increasing,
and the combination of these two processes accounts for most,
if not all, of the increase in the number density of massive ETGs
since z ∼ 1.3. Two-thirds of this number density evolution is
due to wet major mergers, while one-third is coming from major
and minor dry mergers. These results add further evidence to a
picture where merging is a major process driving mass assembly
into the massive red sequence galaxies.

We note that minor merging is definitely present in the
MASSIV sample (see Sect. 4). However, due to incompleteness
in detecting these faint companions, we are not able to assess a
minor merger rate at these epochs from our data. In the global
picture of red sequence assembly, we emphasise that a simple
extrapolation of the minor merger rate measured up to z ∼ 1 by
López-Sanjuan et al. (2011), would indicate that from z ∼ 1.5 to
the present, minor mergers with 1/10 ≤ µ < 1/4 are not com-
mon enough to significantly move spiral galaxies into the red
sequence.
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To get a complete picture of the life-time effect of ma-
jor merging on massive galaxies, accurate measurements of the
merger fraction and merger rate are needed beyond z ∼ 2.
Spectroscopic surveys will remain an important element to pro-
vide secure identification of merging systems at these early
epochs.
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Mármol-Queraltó, E., Trujillo, I., Pérez-González, P. G., Varela, J., & Barro, G.

2012, MNRAS, 422, 2187
Naab, T., Jesseit, R., & Burkert, A. 2006, MNRAS, 372, 839
Newman, A. B., Ellis, R. S., Bundy, K., & Treu, T. 2012a, ApJ, 746, 162
Newman, J. A., Cooper, M. C., Davis, M., et al. 2012b, ArXiv e-prints
Patton, D. R. & Atfield, J. E. 2008, ApJ, 685, 235
Patton, D. R., Carlberg, R. G., Marzke, R. O., et al. 2000, ApJ, 536, 153
Patton, D. R., Pritchet, C. J., Yee, H. K. C., Ellingson, E., & Carlberg, R. G.

1997, ApJ, 475, 29
Peng, C. Y., Ho, L. C., Impey, C. D., & Rix, H.-W. 2002, AJ, 124, 266
Peng, C. Y., Ho, L. C., Impey, C. D., & Rix, H.-W. 2010, AJ, 139, 2097
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Appendix A: Spectroscopic Success Rate in the

VVDS-Wide fields

We computed the Spectroscopic Success Rate (S SR) in the
VVDS-Wide 14h and 22h fields for a given redshift range by
following the prescriptions in Ilbert et al. (2006): we compared
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C. López-Sanjuan, et al.: MASSIV: the major merger rate at 0.9 < z < 1.8 from IFS-based close pairs

the number of galaxies with flag = 4, 3 and 2 over the total num-
ber of galaxies (those with flag = 4, 3, 2, 1 and 0). Because flag
= 1 galaxies have a 50% reliability and no redshift information
is available for flag = 0 galaxies, we took advantage of the lat-
est photometric redshifts from CFHTLS survey to estimate the
number of galaxies with flag = 1 and 0 that belong to the redhsift
range of interest. With the previous steps we estimate the S SR
in the 22h field as

S SR22h(zr) =
N22h,spec(zr)

N22h,spec(zr) + N22h,phot(zr)
, (A.1)

where N22h,spec(zr) is the number of galaxies with flag = 4, 3
and 2 in the redshift range zr, and N22h,phot(zr) is the number of
galaxies with flag = 1 and 0, and with a photometric redshift in
the same redshift range. As the available imaging data in the 14h
eld is not as deep as the CFHTLS, we show in the following that
we can assume that the S SR in the 14h field follows the same
distribution as in the 22h field, for which CFHTLS photometry
is available.

First we checked the properties of the stars in these two
VVDS-Wide fields. The fraction of stars in the 22h (14h) field is
66% (51%) for flag = 4 sources, 38% (26%) for flag = 3 sources,
24% (23%) for flag = 2 sources, and 11% (12%) for flag = 1
sources. So the fraction of stars is similar in both fields for flag
= 2 and 1 sources, while higher in the 22h field for flag = 4 and
3. We checked that the normalised distributions of the VVDS-
Wide stars as a function of their observed IAB−band magnitude
in both fields are similar for each flag. We note that stars with
high confidence flag are brighter than the low confidence ones,
as expected. The fraction of bright stars (IAB ≤ 21) in the 22h
(14h) field is 75% (67%) for flag = 4 stars, 49% (43%) for flag
= 3 stars, 30% (29%) for flag = 2 stars, and 19% (16%) for flag
= 1 stars. These fractions suggest that there is a higher density
of bright stars in the 22h area than in the 14h one, that translates
in a higher fraction of stars for flag = 4 and 3 sources, while
faint stars have similar densities in both fields, leading to a sim-
ilar fraction of stars with flag = 2 and 1. Because of this, we
assumed that the fraction of stars among flag = 0 sources, that
we estimate in the 22h field from the CFHTLS photometry, is
similar in 22h and 14h fields.

The distribution of galaxies at z ≥ 0.9, the redshift range
in which we are interested on, are also similar in both fields.
Because of this, we assumed that the photometric distribution of
galaxies with flag = 1 and 0 is similar in both fields, and we use
those in 22h field to estimate N14h,phot and the S SR in the 14h
field:

S SR14h(zr) =
N14h,spec(zr)

N14h,spec(zr) + f22h(zr) × n14h(1, 0)
, (A.2)

where n14h(1, 0) is the total number of sources (galaxies and
stars) with flag = 1 and 0 in the 14h field, and f22h(zr) =
N22h,phot(zr)/n22h(1, 0) is the fraction of sources with a photomet-
ric redshift in the redshift range zr over the total population of
sources with flag = 1 and 0 in the 22h field.

Appendix B: GALFIT residual images of blended

MASSIV close pairs

In this Appendix we detail the modelling in the i band of those
MASSIV close pair candidates with overlapping components in
the kinematical maps. We used GALFIT v3.0 (Peng et al. 2010)
to model the light distribution with two independent Sérsic com-
ponents. We set the initial positions of the sources using the in-
formation from the kinematical maps, and we did not impose any

constraint on the other initial parameters of the fit (i.e., luminos-
ity, effective radius, Sérsic index, position angle and inclination).
Because of the minimisation process preformed by GALFIT in
the fitting, the best model with two components should not be
unique and the convergence to a given solution should depend
on the initial values of the parameters defined by the user. We
checked, by exploring randomly the space of initial values, that
the number of good solutions is at most two. Where two good
solutions exist, the one that better reproduces both the velocity
field and the velocity dispersion map is preferred. To illustrate
the need of a second component to describe the blended close
pair systems in MASSIV, we show in Fig. B.1 the original im-
age in the i band and the residual image from GALFIT with one
and two components. In all the cases the residual map from the
one component fit suggests that a second component is present.
This Figure also demonstrates that both the seeing (∼ 0.7′′) and
the depth of the i−band images used in the present study are
good enough to characterise sources with two overlapping com-
ponents.

Appendix C: Completeness of the close pair sample

Throughout the present paper we have assumed that the close
pair systems detected in the MASSIV sample are representative
for galaxies with IAB ≤ 23.9. The MASSIV sample comprises
galaxies fainter than this luminosity limit, and in this appendix
we justify the boundary applied in our analysis.

The VVDS parent samples of the MASSIV sample are ran-
domly selected in the IAB band (Le Fèvre et al. 2005). Because
of this, we studied the distribution of MASSIV sources as a func-
tion of the IAB−band magnitude to obtain clues about the com-
pleteness of the MASSIV sample in our close pair study. We
show the cumulative distribution of all MASSIV sources and
of those with a close companion (both major and no major) in
the top panel of Fig. C.1. Obviously, we are able to detect sin-
gle MASSIV galaxies at fainter magnitudes than the close pairs
(IAB = 24.4 vs 23.8) because in the latter case we have to de-
tect both the principal source and the companion galaxy, which
is usually fainter.

Lets assume for a moment that the detection curve of the
MASSIV sources is a step function that is 1 for IAB ≤ IAB,lim
and 0 for fainter magnitudes. In this ideal case, IAB,lim is defined
by the fainter galaxy (close pair) detected. Thus, we should only
be able to detect close pairs at IAB ≤ 23.8, and the measured
merger fraction in the total MASSIV sample (IAB ≤ 24.4) will be
lower than the real merger fraction because of the missing faint
close pairs with IAB > 23.8. Of course, the detection curve in the
MASSIV sample is more complicated than a step function, and
could depend on redshift, geometry, luminosity, etc. Instead of
trying to estimate the detection curve for MASSIV sources and
for close companions to recover statistically the missing close
pairs (see Patton et al. 2000; de Ravel et al. 2009, for examples
of this kind of correction), we define the IAB−band magnitude up
to which the detected close pairs are representative of the total
MASSIV sample, named IAB,comp, and in our study we only keep
those sources brighter than IAB,comp to ensure reliable merger
fractions.

The MASSIV sample is a representative subsample of the
global star-forming population (Contini et al. 2012), and we ex-
pect the MASSIV galaxy pairs to be also a random sample of
this global population. Therefore, the distributions in the IAB
band of the total and the close pair MASSIV sources should
be similar when the close pairs detection was slightly affected
by incompleteness issues. Following this idea, we performed
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Fig. B.1.Original i−band image (left panels) and residual images from the GALFIT fit with one (central panels) and two components
(right panels) of those MASSIV close pair candidates with overlapping components in the kinematical maps. The grey scale has
been chosen to enhance the light residuals in the images. The solid contour marks the targeted MASSIV source to guide the eye.
The ID of the showed MASSIV source is labelled in each left panel. [A colour version of this plot is available at the electronic
edition].

a Kolmogorov-Smirnov (KS) test over the total and close pair
MASSIV galaxies with IAB ≤ IAB,lim, and explored different val-
ues of IAB,lim, from 23.0 to 24.5. Then, the completeness magni-
tude IAB,comp was defined by the minimum in the KS estimator
D, i.e., where both distributions have the lower probability to be
different. This exercise provides the curve in the bottom panel
of Fig. C.1, that states IAB,comp = 23.9. We repeated this pro-
cedure with the major merger sample, and we obtain a similar
distribution of D values, reinforcing our choice.

In summary, in the estimation of the merger fraction we only
use those MASSIV galaxies with IAB ≤ IAB,comp = 23.9. This
ensures that the close pair sample is a random subsample of the
total MASSIV one, and we avoid any bias related with the shal-

lower detection curve of close pairs compared with that of the
total MASSIV sample.
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C. López-Sanjuan, et al.: MASSIV: the major merger rate at 0.9 < z < 1.8 from IFS-based close pairs

20.5 21.0 21.5 22.0 22.5 23.0 23.5 24.0 24.5

IAB

0.2

0.4

0.6

0.8

1.0

C
u
m
u
la
t
iv
e
d
is
t
r
ib
u
t
io
n

MASSIV IAB ≤ 23.9

Close pair sample
MASSIV total

20.5 21.0 21.5 22.0 22.5 23.0 23.5 24.0 24.5

IAB

0.2

0.4

0.6

0.8

1.0

C
u
m
u
la
t
iv
e
d
is
t
r
ib
u
t
io
n

MASSIV IAB ≤ 23.9

Major merger sample

MASSIV total

23.2 23.4 23.6 23.8 24.0 24.2 24.4

IAB

0.05

0.10

0.15

0.20

0.25

D

Fig.C.1. Top: cumulative distribution in the apparent IAB mag-
nitude of the total MASSIV sample (green line), the close pair
sample (red line) and the total MASSIV sample with IAB ≤

23.9 (blue line). Middle: the same than before, but the red line
shows the distribution of the major merger sample. Bottom:
Kolmogorov-Smirnov estimator D of the total MASSIV sample
distribution against the close pair (blue solid line) and the ma-
jor merger (red dashed line) distributions. We computed D for
those galaxies brighter than a given IAB magnitude. The solid
(dashed) horizontal line marks the minimum in the D distribu-
tion for close pairs (major mergers). The vertical solid line marks
the IAB magnitude at the minimum value of D, IAB,comp = 23.9.
[A colour version of this plot is available at the electronic edi-
tion].
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